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Abstract. The Hertzsprung-Russell diagram of the Large Magellanic 
Cloud compiled recently by Fitzpatrick & Garmany (1990) shows that 
there are a number of supergiant stars immediately redward of the main 
sequence although theoretical models of massive stars with normal 
hydrogen abundance predict that the region 4.5 logTeff 4.3 should be 
un-populated ("gap"). Supergiants having surface enrichment of helium 
acquired for example from a previous phase of accretion from a binary 
companion, however, evolve in a way so that the evolved models and 
observed data are consistent – an observation first made by Tuchman & 
Wheeler (1990). We compare the available optical data on OB supergiants 
with computed evolutionary tracks of massive stars of metallicity relevant 
to the LMC with and without helium-enriched envelopes and conclude 
that a large fraction (≈ 60 per cent) of supergiant stars may occur in binaries. 
As these less evolved binaries will later evolve into massive X-ray binaries, 
the observed number and orbital period distribution of the latter can constrain 
the evolutionary scenarios of the supergiant binaries. The distributions of post 
main sequence binaries and closely related systems like WR + O stars are 
bimodal–consisting of close and wide binaries in which the latter type is 
numerically dominating. When the primary star explodes as a supernova 
leaving behind a neutron star, the system receives a kick and in some 
cases can lead to runaway O-stars. We calculate the expected space velocity 
distribution for these systems. After the second supernova explosion, the 
binaries in most cases, will be disrupted leading to two runaway neutron 
stars. In between the two explosions, the first born neutron star's spin 
evolution will be affected by accretion of mass from the companion star. 
We determine the steady-state spin and radio luminosity distributions of 
single pulsars born from the massive stars under some simple assumptions. 
Due to their great distance, only the brightest radio pulsars may be 
detected in a flux-limited survey of the LMC. A small but significant 
number of observable single radio pulsars arising out of the disrupted 
massive binaries may appear in the short spin period range. Most 
pulsars will have a low velocity of ejection and therefore may cluster around 
the OB associations in the LMC. 
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1. Introduction 
 
A luminosity limited complete survey of supergiant stars can provide important
observational tests of the theory of evolution of massive stars. Stars in the Large 
Magellanic Cloud (LMC) are all essentially at the same distance from us. Their 
relatively well known distance and reddening corrections make this stellar population 
homogeneous and ideal for comparison with theoretical computations of massive 
stellar evolution. A recent survey of the LMC supergiants by Fitzpatrick & Garmany 
(1990) (hereafter FG) has shown a number of features in the Colour-Magnitude 
(Hertzsprung-Russell) diagram that were not discernible among the galactic super- 
giants. Notable among these is that the region immediately redwards of the main 
sequence in the H-R diagram is well-populated by supergiants although theoretical 
models of massive stars with a canonical hydrogen abundance, X ~ 0.7, predict that 
the region (4.5  log Teff  4.3) should be un-populated. 'Standard' theory therefore 
leads to a predicted 'gap' in this region (Tuchman & Wheeler 1990, hereafter TW).

Tuchman and Wheeler, however, suggested that these stars are or were members 
of binary systems which acquired an outer helium-enriched layer through accretion 
that substantially increased the probability of finding these stars in the "gap". The 
hypothesis of duplicity of supergiant stars is compatible with the observations of five 
blue LMC stars by Kudritzki et al. (1989) where the use of non-LTE model 
atmosphere analysis indicates that all five are helium enriched (Ys  0.5). All these 
blue stars appear in the temperature range mentioned above. In addition, there are 
indications of helium and barium enrichment in the envelope of SN1987A (Arnett 
et al. 1989). This is again consistent with the hypothesis that the progenitor Sanduleak 
– 69°202 may have been left in a helium-enriched stage. 

Helium-enriched massive stars in binaries may also be candidate progenitor systems 
for supernovae of Type Ib. These SNe show no evidence of hydrogen but have strong 
helium lines near the maximum of the light curve (see e.g. Filippenko 1991). When 
the original primary explodes as a hydrogen-stripped core (resulting in the Type Ib 
SN), in most cases the collapsed core (e.g. a neutron star) is retained in the binary 
orbit. Depending upon the initial orbital separation, some of these systems could be 
X-ray active objects when the helium-enriched secondary evolves and expands. Hence 
some of the massive X-ray binaries in the LMC have companions that can show 
evidence of helium enrichment. Likewise some of the seemingly single Blue Supergiant 
Stars (BSG) in this region of the HR-diagram of the LMC could show weak X-ray 
activity. TW have suggested that the peculiar Blue Supergiants could be yet another 
clue that SN Ib events occur in binary systems (Wheeler & Levreault 1985). Alternatively, 
immediately before the supernova explosion of the primary, the binary may in many 
cases reveal itself as a Wolf-Rayet (WR + O) system since the exposed core of the 
primary star would be like a WR star. Observational data· about such systems in 
LMC also exist (Moffat 1989; Moffat, Niemela & Marraco 1990) and can be useful 
towards constraining the results derived from the binary hypothesis. 

The first supernova explosion (whether a Type II or Type Ib) is expected to leave 
behind a neutron star which at a later stage may be detectable as a radio pulsar. The 
binary is disrupted if more than half the total mass of the system immediately prior 
to the explosion is ejected (Boersma 1961). Blaauw (1961) has suggested that the origin 
of "run-away" OB stars in our Galaxy was in supernova exlosions in binaries where 
the secondary (OB star) was released and got a high velocity kick (v  50 km/s) due
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to the primary's explosion. If the binary survives the first supernova, then the second 
supernova explosion of the erstwhile secondary will unbind the system if the mass of 
the companion of the neutron star exceeds M2  16M  (van der Heuvel 1987). Under 
most circumstances, the second explosion will lead to two runaway neutron stars one 
of which will have a spin-up history. The peculiar velocities of these pulsars and their 
spin distribution can then reveal substantial information about their progenitor 
systems. The characteristics of the progenitor systems in the LMC, a sub-class of 
which are the massive X-ray binaries can in turn reveal information about the helium- 
enriched massive stars in binaries we referred to earlier. A luminosity-limited survey 
of radio pulsars in the LMC will also be free of the many distance-related selection 
effects that affect the study of Galactic pulsars and can therefore shed some light on 
the evolution of pulsars and their progenitor population. 

In this paper we first report in Section 2 the calculation of the steady state population 
of such stars in the immediate Blue Supergiant region. We compute models of massive 
stars with a metallicity relevant to LMC with a stellar evolution code. We compare 
the observed distribution of stars in the H-R diagram (FG) with an ensemble of two 
sets of stellar models in which one set has helium-enriched outer layers while the other 
has a normal helium and hydrogen abundance (Xs = 0.75, YS = 0.24). This comparison 
indicates that approximately 60 per cent of the supergiant stars are likely to have 
their surface enriched by helium and that at least this fraction of the massive stars 
probably occur in binary systems. We then make an overall study of the production 
of evolved high mass binaries from the population of un-evolved massive binaries in 
the LMC. In this context in Section 3, we consider the orbital evolution of massive 
binaries taking the effects of mass exchange and mass loss (where relevant) into 
account. We use the observational data available so far on the LMC massive X-ray 
binaries and Wolf-Rayet + O star binaries to characterize the orbital period and 
mass-ratio distribution of the BSG binaries. The former may have progeny/progenitor 
relationships with the peculiar BSG binaries hypothesized by TW. In Section 4 we 
investigate the properties of single pulsars released after the second supernova 
explosion disrupts the binary. We make predictions about the pulsar velocities and 
spatial distribution, and give the expected spin and radio luminosity distributions. 
These can be compared with future flux-limited radio surveys of the LMC. Our 
analysis is carried out for a particular mass ratio in the peculiar BSG – neutron star 
binary stage primarily because we are interested in progenitor · systems of single pulsars 
in the LMC and also because the relevant data from the H-R diagram is most easily 
compared for this case. Finally discussion and conclusions form Section 5. Preliminary 
results from Sections 2 and 3 have been reported elsewhere (Ray & Rathnasree 1991). 
 
 
 

2. Evolution of massive stars with helium enrichment and their 
implied duplicity fraction

 
Compared to the sample of stars in our own galaxy where the uncertainties in the
distance and reddening of individual stars lead to a scatter in the colour-magnitude 
diagram, the homogeneous sample of stars in the Large Magellanic Cloud (LMC) 
can induce mostly an overall shift in the distribution in the Hertzsprung-Russell 
diagram due to the common uncertainty in the distance to LMC. Thus the comparison 
of the observed colour-magnitude diagram to their theoretical or numerical counter- 
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part becomes more meaningful. In this section we report computed stellar models 
incorporating surface enrichment of helium and obtain a theoretically determined 
distribution of stars in the BSG region using a combination of stellar models with 
and without helium-enriched envelopes. These we compare with the colour-magnitude 
diagram of FG and derive the implied fraction of enriched stars among massive post 
main sequence stars. For a population of stars in a steady state the distribution in a 
given surface temperature and magnitude bin is proportional to the time that stars 
in an appropriate main sequence mass range spend in that bin. We have obtained 
evolutionary models for a 20 M  star incorporating helium enrichment in varying 
amounts of envelope mass to determine the evolutionary timescales in various surface 
temperature bins. The number counts of stars in the BSG region of the HR-diagram 
of FG have been obtained from the region –8  Mv – 7 – the region populated by 
Blue Supergiants with main sequence masses in the range 15 M   MZAMS 25M . 
We used a stellar evolution code originally written by Icko Iben that was subsequently 
modified by us. Updated nuclear reaction rates (Caughlan & Fowler 1988) and 
stellar mass loss rates, according to de Jager, Nieuwenhuijzen & van der Hucht (1988) 
have been incorporated in the code. In the present work, we use a mass loss rate 
three times that of the de Jager, Nieuwenhuijzen & van der Hucht (1988) formula. 
This is consistent with the estimated mass loss rate for the BSG progenitor of SN 
1987A by Trumper et al. (1991) based on ROSAT observations. These observations 

 
Figure 1. L–Teff diagrams for helium enriched stars (marked p) with Ys = 0.5 down to 
1.4 M  below the surface and with normal hydrogen abundance (X = 0.7) marked o. The 
reported curves are for a 20 M  star with Z=Z /2 incorporation the relative abundances of 
elements from Dufour (1984). Mass loss rate used in these figures is a factor 3 times that given 
by de Jager et al.
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indicate a mass loss rate approximately 3 to 6 times larger than the Galactic value 
for stars in the LMC in the direction of SN1987A from the derived upper limit on 
the density of the circumstellar material in that region (Trumper et al. 1991). 

Fig. 1 shows the theoretically determined HR-diagram for two models one of which 
is evolved with an ordinary hydrogen-rich envelope while the other is evolved with 
a helium-enriched envelope. A metallicity of Z = 0.01 has been used in obtaining 
these models. The model marked 'p' is evolved close to the end of the main sequence 
with an ordinary hydrogen rich envelope similar to the model marked 'o'. At this 
point, the outer 1.4 M of the envelope is enriched to a helium abundance Y = 0.5. 
This has the effect of increasing the surface temperature and the luminosity of this 
model compared to model 'o'. In the following sub-section we will discuss a 
quantitative measure of the evolutionary rates in the post main-sequence region 
introduced by TW and discuss the implications for the stellar models with helium 
enrichment vis-a-vis the observations. 
 

2.1 Relative Populations of Supergiants in Different Regions of the H-R Diagram
 
Tuchman & Wheeler (1990) have defined a normalized 'duration function' as,  
 

(1) 
 
where tbr is the total time spent by a star, in crossing the HR-diagram from blue to 
red in the post main-sequence region for a given luminosity interval. This function 
has been plotted in Fig. 1 of Ray & Rathnasree (1991) where tbr used was as defined 
by Tuchman & Wheeler (1990) i.e.  
 

(2) 
 
 
In the present work the duration functions (shown in Figs 2 and 3) have been 
determined using the calculated value of tbr for the corresponding models i.e. 
 

(3)  
 
The duration function calculated from the equilibrium stellar envelope model for a 
20 M  star with normal helium abundance is neglible in the immediate post main 
sequence region (TW 1990). Here, however, the observed stellar density function is 
high. The latter is defined as: 
 

(4)  
 
This discrepancy has led to a hypothesis by TW that stars seen in the post main 
sequence region are primarily those having anomalously helium-enriched envelopes 
(Ys ~ 0.5). We have calculated the duration functions from numerically evolved 
models of 20 M  stars with metallicity appropriate to LMC (Z = 0.01) with (a) an 
envelope of ordinary helium abundance (Ys = 0.24) and (b) with an envelope of 
enriched helium abundance (with the outer 1.4 M  of the envelope enriched to 
 

..
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Figure 2. Duration function D(L, Teff) for the stellar models ‘p’ and ‘o’ for the same set of 
parameters as in Fig. 1. 
 
Ys = 0.5). These are plotted in Figs 2 and 3 where the cases (a) and (b) are marked 
'o' and 'p' respectively. Fig. 2 is constructed from evolutionary runs where individual 
heavy element abundances are simply scaled (by a factor 0.5) with respect to the solar 
values. In Fig. 3 we use models having relative abundances determined from 
observations of LMC (Dufour 1989). 

The post main sequence peak in the computed duration functions for the models 
having normal surface helium abundance occurs redwards of log Teff = 20,000°K, 
whereas the peak moves into the "gap" region for models with enriched surface helium. 
The first peak in the duration function near log Teff = 4.45 for models with normal 
surface helium abundance occurs on account of the fact that in these models this point 
is reached immediately after the hydrogen shell ignition whereas in the enriched models the 
shell ignition occurs at higher Teff. Therefore, populating the post main sequence 
region of the HR-diagram with a mixed ensemble of stars with and without helium 
enriched envelopes narrows considerably the log Teff region where a gap in the stellar 
density is expected but does not entirely bridge this gap. Nevertheless, the number 
count of stars in the post main sequence region given the quoted uncertainties (of Mv 
and Teff) in FG and the theoretical calculations agree if there exist a substantial
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Figure 3. Duration functions calculated for stellar models incorporating the relative abundance 
of heavy elements in the LMC according to Dufour (1984) and for the same set of parameters 
as in Fig. 1. 
 
fraction of helium-enriched stars among the Blue Supergiants in the LMC. Several 
evolutionary runs were completed for Ys= 0.5 and Ms=0.5, 0.75, 1.0 and 1.4M . 
The effect of helium enrichment is to shift the post main sequence peak in the duration 
function bluewards with the magnitude of the shift increasing with the value of Ms. 
The model with Ys = 0.5 for Ms = 1.4 M  illustrated in Figs 2 and 3 has the maximum 
shift of the peak towards higher temperature. Work is under progress to calculate a 
number of stellar models with different extents of helium enrichment, mass loss rates, 
different relative ratios of individual heavy elements at constant Z etc to match not 
only the immediate post main sequence behaviour but also to reproduce the many 
qualitative features of stellar evolution seen in the data of Fitzpatrick & Garmany 
(1990). 
 
 
 

2.2 Calculation of the Duplicity Fraction  
 
Since the helium-enriched stars in binaries and the single stars traverse the post main 
sequence regions with different speeds the observed numbers can be used to calculate 
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the fraction of binaries. If N is the total number of BSG stars in the temperature 
interval 4.5  log Teff  3.7 and the relevant magnitude interval and f is the fraction 
of helium-enriched stars among them, then the number of stars Ni observed in the 
i-th temperature bin is: 
 

(5)
 
 
Here, τp(o)

tot  is the total time that a He-enriched (or normal) star spends in the BSG 
region. The number counts of stars (from FG) in the two bins i  (4.5  log Teff  4.4) 
and j(4.4  log Teff  4.3) in the magnitude interval –8     Mv    –7 and the corres- 
ponding pair of Equations (5) give a solution for f = 0.6 when the computed timescales 
for a 20MO star are used. That is 60 per cent of all stars traversing this post main 
sequence region (i.e. OB Supergiants) have to be helium enriched. This number should 
be considered a lower limit on the actual duplicity fraction since this, is the required 
fraction of stars which should have been processed in binaries. The other 40 per cent 
could be either single stars or members of binary systems which have not undergone 
helium enrichment. The same fraction/is obtained if the number counts of BSG stars 
up to the blue boundary of the Hertzsprung gap (log Teff = 3.7) in eight bins (of 0.1 
dex width in log Teff) are used for a least square fit to the theoretically determined 
steady-state population of normal and helium-enriched stars determined from 
Equation (5). Here, the total number of stars and the duplicity factor are used as 
constraints. Even though the binary fraction in the post main sequence band seems 
quite substantial, it is not excessive when such fractions are considered in the context 
of WR + OB (Moffat 1989) or O-stars (van den Heuvel 1984). Thus from a number 
count of stars reported in the bins i and j one expects approximately 90 stars in these 
bins currently observable as parts of binaries as a consequence of Tuchman and 
Wheeler's hypothesis.  

The occurrence of such a large number of stars in binary systems may have 
evolutionary consequences and observational implications which we shall now 
investigate. In particular if a large number of stars in the BSG region are present in 
close binary systems with compact companions, then the presence of a large number 
of high luminosity X-ray sources corresponding to later evolutionary stages of these 
stars is also implied. The presence of a substantial fraction of WR stars in short 
orbital period systems which could be easily detected is also expected. Existing 
observations of massive X-ray binaries and WR + OB systems thus constrains the 
relative fractions of the binary systems in the short and wide orbital period ranges. 
We investigate the implications of these observations for the distributions in orbital 
periods of the initial binary systems in the following section. 
 

3. Evolution of binary supergiants and their relation to observed 
MXRBs and WR + binaries in the LMC 

 
3.1 Classification of Massive Binary Stars and their Response to Mass Transfer  

 
The initially more massive companions (the primaries) of the peculiar BSG stars 
would transfer mass either by Roche-lobe overflow (RLO) or through a stellar wind. 
In close binary systems, the stages of tidal mass exchange are defined by the phase 
 

.

> 
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of nuclear evolution of the Roche-lobe filling component. Given a mass ratio this 
also defines the initial orbital period of the binary (see for example, Webbink 1979). 
Following Webbink (1979), mass transfer from the primary to the secondary during 
shell hydrogen burning of the former is denoted Case B1 (the superscript 1 referring 
to the first stage mass transfer from the primary). A second letter, e.g. B or C with 
superscript 2 following the first denotes the second stage when the secondary transfers 
mass to the compact remnant of the exploded primary. Similary, mass transfer during 
shell helium burning of the primary is called here to be Case C1 although Webbink 
uses a more general definition in calling both core and shell helium burning as Case C. 
We use an additional notation Case D1 in which the orbit is so wide that a primary 
of a given mass and an initial mass-ratio is unable to fill the Roche-lobe even in its 
most extended state during nuclear evolution. The ranges of the radii of the primary 
star at the start of the mass transfer for the above cases, i.e., at the shell hydrogen 
burning stage (BSG), the shell helium burning stage (RSG) and at the carbon ignition 
stage (tip of the RSG branch) have all been obtained as a function of the ZAMS 
mass of the primary star by extrapolating from the evolutionary models of Brunish & 
Truran (1982) for main sequence masses 15, 30 and 40 M with Z = 0.01. These 
models ignite helium at the centre shortly following the shell hydrogen ignition. Thus, 
the start of Case B1 mass transfer here has been assumed to occur close to central helium 
ignition when log Teff ≈ 4.3 for all the models under consideration. Case C1 mass 
transfer is assumed to start when log Teff ≈ 3.6 i.e., when the stellar model just 
reaches equilibrium on the Hayashi track following shell helium ignition. These ranges 
of radii are given below. 
 

Case A 
 

 
Case B 

 
 

Case C 
 

(6) 
 

The masses of the primary in the above relations correspond to the ZAMS masses. 
Fig. 4 shows the mass radius diagram illustrating the regions occupied by binary 
systems undergoing these cases of mass transfer. 

An equivalent classification scheme which relates the nuclear burning stage and 
the structure of the primary together with the mass ratio of the binary at the start 
of mass transfer to the characteristics of the mass transfer process has been discussed 
by Webbink (1979). Binary systems undergoing Case B1 mass transfer and with widely 
disparate mass ratio soon evolve into a contact configuration and undergo Mode I 
interaction outlined by Webbink. This tendency to evolve into contact increases 
markedly for extreme mass ratios, both because of the greater orbital shrinkage during 
mass reversal (in conservative mass transfer), and because of the great difference in 
thermal time scales between components. Case B1 systems with nearly equal mass 
components undergo Mode II interaction with the Roche-lobe filling component 
having a radiative envelope. The primary star in this case is able to pass through the 
mass-ratio reversal phase without greatly exceeding its tidal radius at any time because 
of its ability to contract sufficiently rapidly in response to mass loss to accommodate 
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Figure 4. The ranges of radii for a given mass corresponding to the different cases 
of mass transfer obtained from the evolutionary models of Brunish & Truran (1982) 
(see text). 
 
its shrinking tidal limit. The underlying reason for this is the star's stability against 
convection. These stars, however, develop convective envelopes as they evolve towards 
central helium exhaustion. Thus Case C1 systems with the primary having a convective 
envelope, in general undergo Mode III interaction. This mass transfer is unstable and 
leads towards a common envelope situation in Case C1 systems which have widely 
disparate component masses. On the other hand, in Case C1 systems with nearly 
equal component masses the runaway mass transfer is avoided with the onset of mass 
reversal, beyond which mass transfer leads to a stable orbit expansion. The two 
classification schemes outlined above for the evolution of binary systems with mass 
transfer are equivalent and for notational convenience we will use the former 
classification henceforth.  
 

3.2 The Dividing Line in Mass Ratio and Channels of Evolution  
 
The evolutionary path taken by a binary depends on the initial separation and the 
initial mass ratio qi = M2/M1 and is also affected by the envelope structure of the 
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mass losing star as discussed above. The discussion following in this and the next 
subsection (3.3) illustrates how and under what conditions a given primordial binary 
evolves through any particular channel. The relevant formulae for the calculation of 
conservative evolution of orbits for systems (qi  0.4) are given in Appendix A whereas 
those for orbit evolution for systems with qi < 0.4 are given in Appendix B. We focus 
attention on those systems where the secondary star has a mass of 20 M  as 
mentioned earlier so that the mass ranges and the orbital period ranges quoted below 
are only for such systems. Much of the discussion in the text of these two sub-sections 
is to be considered along with Figs 5–12. 

Case B1B2: In systems with qin 0.4 where the primary star has undergone a 
Case B1 mass transfer there is a continued orbit shrinkage on account of conservative 
mass transfer from a more massive primary star to a relatively low mass secondary 
(Appendix A). The mass transfer related swelling of the secondary in turn soon brings 
it into Roche-lobe contact leading to a common envelope situation. The evolution 
during this stage is calculated under the assumption that total energy of the binary 
system is conserved during the common envelope evolution (Appendix B). The 
Roche-lobe overflow of the secondary following mass transfer is certainly true for 
close binary systems where the radius of the primary star is close to the lower limit 
required for Case B1 mass transfer. However, for substantially wider systems 
undergoing Case B1 mass transfer the secondary star while still burning hydrogen in 
its core at the time when mass ratio reversal takes place (the "reflection point") may 
still not fill its Roche-lobe. This is possible even though the secondary may have 
swollen up beyond its main sequence radius due to accretion of mass from the primary 
(e.g, Mode I of Webbink's classification). We therefore place an upper limit on the 
initial orbital separation of binary systems evolving in this channel from the 
requirement that the radius of the secondary expands by a factor of two over its 
thermal equilibrium radius at the 'reflection point' as it accretes matter from the 
primary over timescales shorter than its thermal timescale. This has been shown to 
be the case in mass accreting stars by Shu & Lubow (1981). The calculation of the 
subsequent orbit evolution and the limits on the primary masses arising from the 
requirement of having a secondary at 20 M  following the mass transfer are 
summarized in Appendix B. The required range of masses for the primary star in 
this case are M1i ≈ 28 — 36 M  (see Appendix BIII). Following the explosion of the 
primary star, a binary system with a neutron star and a post main sequence star with 
M ≈ 20 M that is in Roche-lobe contact results. The secondary star, thus would also 
undergo a Case B2 mass transfer. Mass transfer timescales for a RLO secondary in 
a post main-sequence stage are expected to be short and the envelope of the secondary 
would be lost from the system over ≈ 104 years. The X-ray luminosity of these systems 
at this stage is expected to be substantial and close to the Eddington luminosity and 
should thus be easily detected. The X-ray active lifetimes of the binary systems depend 
on the evolutionary timescales for the secondary star in the post main sequence region 
and are summarized in Appendix D for systems evolving in this evolutionary channel 
as well as for the other evolutionary channels to be described below. Case B1B2 
binaries are so close that the mass transfer from the secondary is expected to continue 
even after the loss of its hydrogen envelope and might perhaps lead to a complete 
merger of the two binary components. This is because the orbital separation after 
spiral-in and loss of hydrogen envelope is so small that the helium core of the primary 
star at the He main sequence stage is expected to overflow its Roche-lobe.



14 N. Rathnasree & A. Ray  
 

Case B1 S2: In systems with qi > 0.4, i.e. with M1i ≈ 12 – 18M  where the primary 
undergoes a Case B1 mass transfer, the secondary star will not fill its Roche lobe at 
the time of the explosion of the primary but will do so at a later stage of evolution. 
The upper limit on the orbital period for given component masses of the binary 
system is thus obtained from the requirement that the secondary star should fill its 
Roche lobe as it evolves to the maximum possible radius for its mass (after accreting 
mass from the primary). The orbit evolution is conservative during mass transfer 
from the primary, and is described in Appendix A. The primary mass can be 
determined for a given qi from the assumption of conservative mass transfer as 
described in Appendix A. These systems should be visible for ≈ 3 × 105 years as 
(high luminosity) transient X-ray sources driven by the stellar wind from the secondary 
(see Appendix D). They will appear like Be star X-ray binaries. The X-ray luminosity 
driven by wind-fed mass transfer from the secondary to the compact remnant of 
the primary is determined by the evolutionary stage of the secondary as well as the 
orbital dimensions at this stage (see Appendix C). The post RLO mass transfer from 
the secondary is assumed to lead to a common envelope and consequent spiral-in of 
the components on account of the disparate component masses at this stage. For 
some of the close systems evolving in this channel, this spiral-in is expected to continue 
after the loss of the hydrogen envelope of the secondary. For somewhat wider systems 
this situation and the subsequent merger of the binary components is avoided if after 
spiral-in following mass transfer from the secondary the helium core of the secondary 
underfills its Roche-lobe. To calculate the boundary of the complete spiral-in for 
this channel in the qi – Pi plane, we have used the He-core radius by extrapolating 
to the relevant mass the models computed by Habets (1985) of He main sequence 
stars. The helium core radius-mass relation can be obtained by fitting with the models
of Habets as, 

 
(7) 

 
Case C1B2: In systems with qi 0.4 and M1i  50M , where the primary 

undergoes a Case C1 mass transfer, there is a runaway mass transfer immediately 
following the Roche lobe overflow of the primary star and the secondary star spirals 
in through the envelope of the primary which is lost in this process. The orbit of the 
system shrinks considerably so that the secondary star, when it evolves, undergoes 
a Case B2 mass transfer. These systems should be high luminosity X-ray sources for 
≈ 104 years (see Appendix D). The secondary star receives negligible amount of mass 
during the evolution of the primary and thus its initial mass is assumed ≈ 20M . 
The primary mass is thus determined for a given qi which is less than 0.4. The orbit 
evolution is assumed non-conservative during the spiral-in process (Appendix B). 
Since the primary star in this evolutionary channel is quite massive, it would lose a 
considerable amount of matter even while on the main sequence. To account for 
this, we have obtained the mass of the primary star at the Terminal Age Main-Sequence 
as a function of its ZAMS mass by extrapolating from our evolutionary models of 
masses 10, 15, 20 and 25 M  with Z = 0.01 computed with a mass loss rate three 
times that of the de Jager formula. In addition, the massive WR star which is left 
after the loss of the hydrogen envelope of the primary in turn is expected to lose 
some mass in a strong stellar wind. The amount of mass lost during this stage has 
been obtained by assuming a mass loss rate for the WR star as a function of its mass from 
Langer (1989) and assuming a WR lifetime of ~105 years. As the secondary star 
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fills its Roche-lobe following the first supernova explosion in these binary systems, 
a rapid shrinking of the orbit due to the formation of a common envelope is expected 
to occur. As in the case of systems in the B1 S2 channel, the shorter orbital period 
systems are assumed to lead to mergers, while the wider systems would lead to two 
runaway neutron stars following the explosion of the secondary. Again the merger vs 
non-merger boundary is calculated by the condition that at the end of the second stage 
spiral-in the helium core of the secondary (WR) star does or does not fill its 
Roche-lobe. 

Case C1D2: In systems with q i  0.4 i.e. with M1i ≈ 12 – 18M  (see Appendix A, 
part II), where the primary star undergoes a Case C1 mass transfer, the secondary 
star does not fill its Roche lobe at any stage of its evolution. The orbit evolution 
during mass transfer from the primary is assumed conservative (Appendix A) 
while the orbit evolution during the mass transfer from the secondary in the 
form of a stellar wind is calculated as in Appendix B (Subsection 3). These systems 
should be then visible for ≈ 3 × 105 years as low luminosity transient X-ray sources 
(Lx ≈ 1033 – ergs–1) driven by the stellar wind from the primary (Appendices C 
and D). 

Case D1 D2: In systems where the primary does not fill its Roche lobe at any stage 
of its evolution the secondary star with an initial mass less than the primary mass 
would not fill its Roche lobe at any stage of its evolution. These systems are not 
X-ray active for a majority of their lifetime but may show some X-ray activity 
powered by stellar wind if and when the secondary star evolves to the RSG stage. 
The terminal masses of the primary after its main sequence and WR phase have been 
calculated in the same away as in the C1 B2 channel. 

We now describe the various stages in the evolution of the binary systems 
belonging to each of these evolutionary channels in detail in the following subsection. 
 
 

3.3 Evolution of Binary Supergiants and their Relation to MXRBs
 
We identify the stages through which the binary evolves and denote them by upper 
case letters for the ease of later discussion. For example the various evolutionary 
stages with masses of the components and orbital separation are shown in Fig. 9 for 
the evolutionary channel B1 B2 where the initial masses of the components are 28.6 M  
and 11.4M . 

The stage at which the primary begins to transfer mass to the companion either 
by Roche-lobe overflow (or by strong stellar wind from a wide orbit) is denoted as 
stage I. Fig. 5 shows the positions of binary systems belonging to various evolutionary 
channels in the qi –Pi plane at this stage. The un-populated regions in this figure 
are occupied either by binary systems in which the primary undergoes a Case A1 

mass transfer, or by systems where the mass of the secondary after accreting matter 
from the primary is different from 20 M . The lower and upper boundaries of regions 
populated by binaries in the different evolutionary channels have been obtained from 
considerations of the evolutionary state of the primary at the start of mass transfer 
and that of the secondary following mass accretion, as discussed in the earlier 
subsection. The narrow hatched regions in Figs 5–8 show the orbital period and 
initial mass ratio ranges in the evolutionary channels C1B2 and B1S2 which are 
expected to evolve towards merger of the two components following the mass transfer
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Figure 5. Populated regions in the initial orbital period Pi and qi plane at stage I 
shown for binary systems evolving through various evolutionary channels. The widely 
hatched regions indicate the range in qi where following the SN explosion of the primary the 
binary would be disrupted. The narrowly hatched regions are populated by binary systems 
which undergo complete merger following mass transfer from the secondary. In addition all 
the systems in the B1B2 channel undergo complete merger after Stage SN1. Note that both 
sets of hatched regions where there is overlap between C1B2 and B1B2 are relevant for systems 
in C1B2 channel only. 
 
from the secondary. In addition all the binary systems in the evolutionary channel
B1B2 are expected to lead to mergers. The wide hatched regions in Figs 5 and 6 
shows the regions populated by systems in the C1B2 and D1D2 evolutionary channels 
where the first supernova explosion is expected to disrupt the binary system, if the 
massive primary were to leave a neutron star remnant of 1.4M .  

By the time primary has transferred (or lost) the entire envelope and is left with 
its helium core MHe

(1) , the binary is in stage WR1. The system may be observable as 
a WR + O system at this stage since the exposed helium core of the primary may 
appear as a WR star. Fig. 6 shows the regions in the initial mass ratio and the orbital 
period (at stage WR1) plane populated by binary systems. The binaries starting out 
from the various regions in Fig. 5 migrate to the corresponding regions in Fig. 6 
following the mass transfer from the primary. Binary systems in the B1B2 and C1B2 

evolutionary channels evolve towards considerably shorter orbital periods due to 
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Figure 6. Populated regions for binary systems at stage WR1 in the qi–PWr1 plane. 
The hatched regions have the same significance as in Fig. 3. The numbers by the side 
of the regions shown give the predicted number of systems and the numbers inside 
brackets give the actual number of systems interpreted from observations of the LMC 
that have these orbital characteristics. The numbers quoted below B1B2 pertain to a sum of 
the B1B2 and the C1B2 channels. 
 
spiral-in in a common envelope following mass transfer while the systems in the other 
evolutionary channels evolve to slightly wider orbits from stage I to stage WR1. The 
numbers placed near the shorter and the intermediate orbital period systems in Fig. 6 
show the expected number of such WR + OB systems obtained from a consideration 
of the orbital period distribution of MXRBs in the LMC as well as the timescales of 
evolution of the binary systems in the relevant evolutionary stages. The analysis 
leading to this distribution is explained in Subsection 3.4. The numbers in brackets 
in Fig. 6 show the number of actually observed WR + O systems in the LMC for 
the corresponding orbital period ranges. 

When the helium star explodes in a supernova explosion the binary will not 
be disrupted if the mass lost is less than half the total mass of the system before 
explosion. The system after explosion would, however, be somewhat wider than the 
pre-supernova binary due to sudden mass loss; this post explosion stage is denoted 
stage SN 1. It is at this stage that the secondary star (which does not yet fill the
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Roche lobe) may appear and linger in the post main sequence colour temperature 
region 4.48 log Teff 4.3 provided that it has accreted enough nuclear processed 
helium enriched material from the erstwhile primary. For all our calculations in this 
paper we take the mass of the secondary at this stage to be 20M  so that the star would 
appear in the magnitude interval – 8 Mv  – 7 in the H-R diagram. In the next 
stage when the secondary evolves to fill its Roche lobe (for relatively close binaries) 
and transfers matter onto the neutron star, the system should appear as a higher 
luminosity X-ray source. It would be a weaker X-ray source if the neutron star is 
powered by wind from the secondary star. This stage now is called stage X. In some 
of the shorter orbital period binary systems (i.e. systems evolving through the evolutionary 
channels B1 B2, and B1 S2 and C1 B2) the binary would be significantly X-ray active 
even during stage SN1. Some relatively wide B1S2 and C1B2 systems may stop 
terminal orbital decay after the hydrogen envelopes of the secondary are lost through 
common envelope if their helium core does not fill the corresponding Roche-lobes 
at the time of complete envelope ejection. Fig. 7 shows the corresponding orbital 
period ranges of the binary systems at this stage. The numbers in brackets show the 
observed number of MXRBs in these orbital ranges (discussed in Subsection 3.4).

 
Figure 7. Shown are the orbital period ranges at stage X for systems in different evolutionary 
channels for given qi. The mass of the compact star is 1.4M . The narrow hatched regions 
have the same significance as in Figs 5 and 6. The numbers shown give the observed number 
of X-ray sources (possibly) associated with these orbital period ranges. 
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Figure 8. Same as in Fig. 7 for binary systems in stage WR2. The B1B2 systems at 
this stage have become so compact that their orbital periods are less than the lowest 
shown ordinate. 
 

Finally when the extended star is left behind with its helium rich core of mass M He
(2) 

denuded of the envelope (lost from the system) we have a second stage WR star: a 
WR(2) orbiting the neutron star. We call this stage WR2. Fig. 8 shows the orbital 
period ranges for the binary systems at this stage. By this stage a distinct gap in the 
orbital distribution becomes apparent. This arises due to the fact that systems in the 
C1D2 and D1 D2 evolutionary channels evolve towards longer orbital periods during 
mass transfer from the primary as well as the secondary, while the binary systems 
in the other evolutionary channels go through a common envelope evolution at least 
once during their lifetimes and hence evolve towards considerably shorter orbital 
periods. In some channels of evolution (in rather close binaries) this and the 
subsequent stage may be absent altogether as a spiral-in all the way towards the 
centre of the extended star's core by the neutron star may lead to a complete merger 
(see Thorne & Zytkow 1977) in such cases. Nevertheless, if stage WR2 exists as a 
stable intermediate stage then subsequently two (runaway) neutron stars will result 
when the helium core explodes in a second supernova. Appendices A and B describe 
in detail the evolution of the binary systems in different evolutionary channels through 
the various stages of evolution discussed above. 
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Figure 9. Orbit evolution from stage I to stage WR2 for a system evolving in the 
B1 B2 channel with initial masses of the binary components 28.6 M  and 11.4M . The 
approximate age of the system at each evolutionary stage and the orbital period ranges 
corresponding to the lower and upper boundaries (see Figs 5-8) in this evolutionary channel 
(for qi = 0.4 systems) are indicated on two sides of the figure. (Note in stage WR1 even in the 
wider system at Porb = 0.82d the secondary on its main sequence does not quite fit inside its 
Roche-lobe and therefore could lead to a spiral-in from this stage until the stage when the 
helium star explodes). 
 

Figs 9–12 describe the binary evolution for some of the evolutionary channels 
mentioned in the previous subsection. These figures show the orbital dimensions 
and the Roche-lobe configuration of these binary systems at the different evolutionary 
stages. Fig. 9 for example, shows the orbital periods at different evolutionary stages 
for binary systems with qt = 0.4 in the B1B2 evolutionary channel. The orbital periods 
shown on the left in this figure correspond to those for binary systems starting out 
at the lower boundary of the qi – Pi region occupied by B1B2 systems in Fig. 5 while 
those shown on the right correspond to the systems on the upper boundary of this
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region. This convention is followed in all of the Figs 9-12. Between the evolutionary 
stages I and WR1 discussed earlier, an additional stage is shown in this figure which 
has been labeled 't'. Prior to this stage the mass transfer is conservative and results 
in a shrinkage of the orbit and an increase in the secondary star's mass till the masses 
become equal. If conservative mass transfer proceeds beyond this stage, an expansion 
of the orbit would occur since the secondary is the more massive star beyond this 
point (Appendix A). However, this is avoided in the case of these systems since the 
secondary star is in Roche-lobe contact by this stage, resulting in a common envelope. 
The subsequent spiral-in and non-conservative evolution is likely to lead to a merged 
system in a short time for the closer systems shown on the left, whereas the merger 
is delayed till after the secondary evolves away from the main sequence for the wider 
systems shown on the right. 

 
Figure 10. Orbit evolution for stages I to WR2 for the B1S2 channel with initial masses of 
the binary components 18.2 M  and 7.3 M . Note that in the last stage (WR2) the non-merger 
system (at Porb = 7.1d) is not drawn on the same scale as the rest of the diagram. This system 
should be relatively far more compact than shown. 
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Figs 10 and 11 show the evolution and the orbital ranges for binary systems with 
qi=0.4 in the B1S2 and C1B2 evolutionary channels respectively. The evolution 
between stage I and WR1 is completely conservative in Fig. 10 (B1S2 channel) while 
it is completely non-conservative leading to a spiral-in of the components in Fig.11 
(C1B2 channel). An additional stage 10 is shown in Fig. 11 corresponding to the 
main sequence stage of the 50M  primary star when it underfills its Roche-lobe. 
Following the explosion of the primary, the secondary star underfills its Roche-lobe 
while on the main sequence but comes into Roche-lobe contact at later evolutionary 
stages. Some amount of mass is lost while on the main sequence by the 20 M
secondary star, which has been obtained from our evolutionary models. The shorter 
orbital period systems lead to mergers following the RLO of the secondary while the 
wider systems shown on the right evolve into highly compact binary systems contaning

 
Figure 11. Orbit evolution for the C1 B2 channel with the component masses 50 M  and 
20 M . At stage 1, the mass of the primary is reduced to 36.8 M  due to stellar wind. Again 
the system shown in stage WR2 is not drawn to the same relative scale.
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Figure 12. Orbit evolution for the C1

 D2 channel with the component masses 18.2 M  and 
7.3M . 
 
a neutron star and the helium core of the secondary. Ultimately these binaries disrupt 
upon the second supernova explosion, giving two high velocity runaway pulsars. 
Fig. 12 shows the evolution of qi=0.4 systems in the C1D2 evolutionary channel. 
There is no qualitative difference in the evolution of binary systems at the two 
boundaries of this evolutionary channel. The secondary star underfills its Roche-lobe 
throughout its lifetime and the binary ultimately is disrupted giving rise to low velocity 
runaway pulsars as will be discussed in Section 4. 

In Section 3.5 we compare the orbital periods of the observed MXRBs and WR + O 
systems in the LMC and compare with the orbital period ranges obtained for binary 
systems in each of the evolutionary channels when they pass through Stages WR1, 
SN1 and X. We summarize the available observational data on the massive X-ray 
Binaries in the LMC through the Einstein survey and also the characteristics of
the WR + O binary systems in the LMC observed via optical searches.
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3.4 Observational Results on Binary Systems in the LMC 
 
3.4.1 Observed massive X-ray binaries  
 
Soft X-ray survey (Long, Helfand & Grabelsky 1981; Cowley et al. 1984) of the 
LMC and a comprehensive re-analysis of the Einstein X-ray data (Wang et al. 1990) 
confirm the presence of five massive (Population I) X-ray binaries in the LMC. Two 
of the sources (CAL 8 and CAL 37) in the earlier survey do not appear in the 
re-analysis of Wang et al. due to "higher criteria for source acceptance and more
strictly selected data base". Long Helfand & Grabelsky conclude that out of the 49 
or so unidentified sources, there are some 10 sources which are LMC members. The 
data of Wang et al. indicate the presence of 35 unidentified point sources. From an 
analysis of the expected integral flux distribution for these sources which lies well 
within the expected distribution for background sources they conclude that most of 
the unidentified X-ray sources in their catalogue are background objects. In the 
present analysis we have assumed the number of less luminous point sources associated 
with the LMC to be 10. Among the low luminosity point objects, these are relatively 
strong sources. 

The orbital parameters and the X-ray luminosities for the five confirmed MXRBs 
in the LMC are shown in Table 1. The last entry in this table indicates the possible 
evolutionary classification through which these systems could have evolved as explained 
in Section 3.3. Of the four confirmed massive X-ray binary sources two have O or 
OB companions (LMC X-4: O7III-V; LMC X-l: OB). The former has an orbital
period 1.4d and a companion mass between 11.5–18.5 M  (Nagase 1989) whereas 
LMC X-l has an orbital period in the range 3.9 to 4.2d with a 14 M  companion. In
addition, X 0538–668 is a high luminosity transient source (≈ 1.2 × 1039s–1) with a 
wide Porb = 16.7d and a companion mass in the range of 7–11M , and is possibly similar 
to a Be-star binary in a wide, elliptical orbit. CAL 9 which is most likely to be associated
with the LMC appears in the region of OB stars with broad variable He II line 
emission and has a periodicity of 6.9 days. The two systems LMC X-l and LMC X-4
have orbital periods consistent with evolutionary channel B1B2 while the transient 
source is consistent with the B1S2 channel. The ten less luminous point X-rays sources 
(between 1035 to l036 ergs–1) (Long., Helfand & Grabelsky (1981) referred to above 
 
 
 
Table 1. Massive X-ray binaries in the LMC. 

 

1) Ilovaisky (1983) and references therein. 
2) Tutukov & Cherepaschuk (1985) and references therein. 
3) Nagase (1989). 
a C1B2 (m) refers to systems in C1B2 channel which undergo eventual mergers.
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are consistent with wind-fed wide binaries containing compact objects. One of the 
five confirmed massive X-ray binaries in the LMC X-3 has a relatively low mass 
companion (5–8 M and of a spectral type B III-IV). This system has been excluded 
from the data set considered here as it is unlikely that the optical companion would 
have traversed the HR diagram in the region – 8 Mv  – 7. The orbital elements 
of the other confirmed MXRBs in LMC have been used in the present analysis, to 
determine the parameters of the evolutionary scenarios as explained in Section 3.3. 
 
3.4.2 Observed WR + O systems  
 
Just prior to the first SN explosion the exposed core of the primary will appear like 
a WR star with an O or an early B-type companion. These are close cousins of the 
binary systems postulated to have undergone surface helium enrichment and can 
therefore have a related distribution of orbital periods. The observed data on the 
WR + O binaries (Moffat et al. 1989; Moffat, Niemela & Marraco 1990) are 
summarized in Table 2. 

The binary search among WR stars in the LMC has so far been sensitive to 
shorter orbital periods. The binary frequency among WNL stars (which constitute 
25 per cent of the total WR population in LMC) is likely to be representative of the 
entire WR population as all massive WR stars probably pass through the WNL stage. 
Of the 25 WNL stars, 75 per cent are WN6,7 types amongst which the binary frequency 
is ~ 56 per cent. The total number of WR stars in the LMC being approximately 
100 (Breysacher 1981, 1986), the expected number of binaries based on the binary 
frequency among WNL stars is approximately 42. 

Table 2 shows 10 systems of which one (R140a of spectral type WC5 + WN6) 
strictly speaking, is not a WR + O binary system although it is quite probably a 
multiple system with companions of other spectral types as in HD36402. All the other 
systems shown have companions with spectral type earlier than Bl. It is thus likely 
that the main sequence mass of these stars was larger than 15 M and they could 
hence have evolved through the H-R diagram in the region – 8  Mv  – 7. 
 
 
 
Table 2. Observed WR + O systems in the LMC. 

 

1 Moffat et al. 1986. 
2 Moffat 1989. 
3 Moffat, Niemela & Marraco 1990. 
a C1B2(m) refers to systems in C1B2 channel which undergo eventual mergers.

~
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3.5 Comparison of Observational Data with Predicted Distribution of 
Evolved Massive Binaries 

 
3.5.1 MXRBs in LMC
 
In Section 2 we argued on the basis of the H-R diagram that currently there are 
some 90 helium enriched stars (which are secondaries in binary systems) in the post 
main sequence BSG region of the relevant magnitude interval. These binaries could 
be of varying orbital separations and could have arisen out of the different channels 
of evolution referred to above. A priori, the distribution of the total number of post 
main sequence binaries (in bins i and j) in the different evolutionary channels is 
unknown. But from the observed data (see Section 3.4.1) on the orbital period 
distribution of MXRBs in the LMC and their X-ray luminosities, the different sources 
can be classified in generic evolutionary sequences and limits can be placed on the 
approximate number of the very wide binary systems. The expected fraction of binary 
systems evolving through each of the channels determined through the initial orbit 
separation and mass ratio is then calculated from a comparison of the observed 
number of X-ray sources in these channels. 

Figs 5–12 showing the evolution of binary systems in the different evolutionary
channels indicate that the systems of B1B2, B1S2 and C1B2 evolutionary channels 
go through a high X-ray luminosity phase when the secondary star evolves through 
the BSG stage. Since the total number of such luminous massive X-ray binaries in 
the LMC is small, we expect the contribution to the BSG region from stars which 
belong to these evolutionary channels to be also small. From the orbital period 
calculations outlined in Appendices A and B we obtain the orbital ranges during 
the X-ray active stage for systems in all the evolutionary channels. Thus, systems in 
B1B2 and C1B2 channels could have orbital periods ranging from 1 day to few tens 
of days depending on whether the primary star undergoes an early Case B (or Case C) 
or a late Case B type of mass transfer. Similarly early Case B mass transfer systems 
in B1S2 channel could have orbital periods as low as ≈ 15 days while the maximum 
orbital period achievable with, late Case B mass transfer in this evolutionary channel 
is ≈ 10 years during Stage X. Orbital periods of ≈ 10–100 years are obtained during 
Stage X for systems evolving through C1D2 channel while for D1D2 systems the 
orbital periods during this stage are > 100 years. Thus the strong X-ray sources like 
LMC-X1 etc having orbital periods close to 1 day could have evolved through either 
B1B2 or the C1C2 channels, while the wide Be X-ray binary with orbital period of 
16.5 days could have been a late Case B1B2 or an early Case B1S2 type of a system. 
The total number of systems in the close orbital period ranges (i.e., of orbital periods 
less than a few tens of days) cannot, however, be greater than the total number of 
observed luminous MXRBs in the LMC. 

Let us define by fB1B2, fB1S2, fC1 B2, f C1B2, and f D1D2, the fraction of binary systems 
which have evolved through the corresponding channel and let Ntot to their total 
number in the entire post main sequence region (4.48 log Teff 3.7). If tx is the relevant 
X-ray lifetime for a given channel, then out of a total number of systems Ntot fc only 
a fraction(tx /ttot) will be visible in the relevant part of the q-P diagram at any given 
time. For each of the evolutionary channels the number Ntot fc(tx/ttot) of binary 
systems with their secondary star in the BSG region cannot be greater than the 
observed X-ray sources which have orbital periods and luminosities in the range 
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predicted for these systems. For example, the observed number of high luminosity 
steady X-ray sources in the LMC (LMC X-l, LMC X-4, CAL 9; ignoring for the 
moment LMC X-3 which is most likely an accreting black hole binary) implies that: 
 

(8) 
 

 

The timescale of this mass transfer is determined by the rate of mass loss during RLO 
(Savonije 1983) and is approximately 1.2 × 104 years. The X-ray active life time in 
the channel B1 S2, tx

_
tr ~ 3.3 × 105 yr from evolutionary calculations (see Appendix D). 

The number of B1B2 systems (at least those where the primary undergoes an early 
Case B mass transfer) appearing in the BSG region is again limited by the observed 
number of luminous X-ray sources at intermediate orbital periods. Hence, 
 

(9) 
 
 

In addition, taking the upper limit of the number of weak X-ray sources (expected 
to be powered by wind from secondaries) to be 10 (see Wang et al. 1990, Long 
et al. 1983) we obtain: 

 
(10) 

 
 

Since the orbital period distribution for B1S2 and C1D2 is continuous (as can be 
seen from Figs 5 and 6) we have taken B1S2 systems as those which have high X-ray 
luminosity (Lx 1035 ergss–1) through wind type mass transfer from the secondary 
star while the C1D2 systems have low X-ray luminosity (Lx ≈ 1033 – 1035ergss–1) 
when the secondary star is in the BSG stage. Finally since we have 
 

(11) 
 
the calculated values of these fractions from the above four equations turn out to be: 
 
 

(12) 
 

The ratios of timescales for the different channels are calculated in Appendix D. The 
normalization to 90 binary systems expected to be present in the post main sequence 
region as a consequence of the hypothesis of Tuchman and Wheeler requires that a 
large number of binary systems be present in the wide binary channel. These would 
not show appreciable X-ray activity for most of their lifetimes. 
 
3.5.2 WR + 0 systems in the LMC  
 

An observational signature of the presence of the large number of binaries with the 
secondary star in the post main sequence region would be the existence of 
WR + O systems which are precursors to such post main sequence binary systems. 
The expected number of such systems can be obtained from the relevant lifetimes in 
the main-sequence and the post main sequence stages and the number of BSG binaries 
in the post main sequence region. Observation of WR + O systems and X-ray 
binaries in the LMC can be used to constrain the possible evolutionary scenarios for 
the post main sequence binary systems. The expected distribution of these systems
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in orbital period and the mass ratio is shown in Fig. 5 by the numbers in brackets 
shown by the side of the populated regions. We use the WolfRayet lifetime ( ≈ 105 
years) of the primary star from the calculation of Maeder (1981) in calculating these 
expected values. The orbital periods and spectral types of the WR + O systems 
observed so far in the LMC are given in Table 2. 

The predicted number of short period WR + O binaries evolving through the 
channels B1B2 and C1B2 is ≈ 23. This is obtained by the method mentioned above. 
The number of observed WR + O binaries so far is 10 (the binary search among WR 
stars in the LMC is not complete). As argued in Section 3.2 the expected WR + O 
binaries is ~ 42. Thus the predicted number (23) of short orbital period WR + O 
binaries in which the secondary star later evolves through the magnitude and surface 
temperature bin being considered here, gives the maximum contribution to the total 
expected number of WR + O binaries in the LMC. However according to Abbot & 
Conti (1987), a helium star becomes a WR star only if its mass is larger than 8–10 M . 
The existence of such a lower limit implies that WR + OB binaries are only a 
subsection of the population of helium star + OB binaries. If the MHe mass limit is 
as high as this, then only some of the He star + O star binaries (e.g. in B1B2 or C1B2 

channels) may ultimately show up as WR + OB binaries. Therefore it may not be 
surprising that the observed number of WR + OB binaries in the LMC is lower than 
the numbers predicted here for He star + OB binaries. 

The contribution to the expected sample of WR + O binaries from those systems 
where the secondary star does not evolve through the magnitude and surface 
temperature band being considered here can be argued to be small. This contribution 
would come from (1) those systems where the secondary star has a mass larger than 
25 M8 The number of high mass systems would be small due to the steep IMF
(α1 = 1.5 according to Humphreys & Blaha 1989) and (2) those systems where the 
secondary star has a mass less than 15M . The spectral type of the companion star 
in the latter systems would be later than Bl in the post main sequence region as can 
be seen from the evolutionary models of Maeder (1990). These systems can thus be 
eliminated from the observed sample by restricting to those systems which have 
optical companions of spectral type earlier than Bl. In fact the observed sample 
contains no system with an optical companion of spectral type later than Bl. 
 
3.6 Runaway OB Stars and Possible Neutron Star Companions in Evolved Binaries 
 
In the Milky Way galaxy the fraction of high velocity objects among early type stars 
is substantial (~ 20–30 per cent among O-stars; ~ 2 per cent among early B-stars; 
Stone 1979). These runaway stars were suggested to originate in binaries where a 
supernova explosion occurred giving the remnant system (or the companion) a 
systemic high velocity (Zwicky 1957; Blaauw 1961). By the same argument massive 
X-ray binaries could also acquire runaway characteristics under some circumstances 
(Sutantyo 1982; van den Heuvel 1985). Van den Heuvel (1985) has argued that the 
MXRBs as a group belong to the runaway OB stars rather than to the group of OB 
stars with low peculiar velocities by comparing the |z| distribution of galactic MXRBs 
and runaway stars as well as due to the general lack of association of the MXRBs 
within the boundaries of known OB associations (see also van Oijen 1989). 

~
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Furthermore, on the basis of evolutionary considerations it is expected that most 
of the Galactic post supernova binary systems have low amplitude of radial velocity 
variation of the O-star ( 13km/s) and hence the binary nature of these would be 
undetectable even in most complete surveys of radial-velocity variations (van den 
Heuvel 1985). This is because of the considerable line-widths and large, erratic velocity 
variations observed in many O-type stars which mask the low-amplitude radial 
velocity variation due to binary nature. For example, only 2 out of 14 post-SN O-type 
binaries in the sample taken by van den Heuvel (1985) would have expected radial 
velocity variation in excess of 20km/s. The standard MXRBs (which are a highly 
selected sample among OB-star binaries with neutron star companions, in terms of 
short orbital periods that favour high X-ray luminosity and radial velocity variation) 
thus turn out to be the tip of an iceberg of binaries, making up no more than ~ 14 
per cent of the total. 

We have calculated both radial velocity amplitude as well as centre of mass velocity 
after the first SN explosion immediately after stage SN1. The latter is given by (Stone 
1982): 

 
(13) 

 
 
 

From these calculations it emerges that ~ 2 per cent of the binary systems would 
have runaway velocities in the range 50-700 km/s, ≈ 0.5 per cent of systems have 
velocities in the range 10–40 km/s while a vast majority of systems receive smaller 
than 10 km/s velocity from the first explosion in the binary system. Thus only the 
systems evolving through the B1B2, C1B2 and some of those from B1S2 will have 
considerable peculiar space velocities and be classified as "runaway" stars. Even in 
the Galactic case, however, runaway OB stars are far from the majority. As in the 
case of our Galaxy where it is difficult to detect spectroscopically most of the O-star 
binaries with neutron star companions (since only the short Porb standard MXRBs 
would be normally detectable because of favourable selection effects) this is more so 
in the case of the LMC as the predicted number of short Porb systems are even smaller. 
Some of the wide binary systems which form the majority may be like the ζ-Aurigae 
type binaries which will produce smaller runaway velocities (of their early type 
components) when the more massive (red giant) primaries in them explode in an 
SN. 

We have discussed in the current Section 3 the implications of the presence, in the 
BSG region of the HR-diagram of the LMC, of a large number of stars which are 
the secondaries in binary systems. We have so far confined ourselves to the stages in 
the evolution of the binary systems prior to the SN-explosion of the secondary star. 
Following this second explosion the binary in most cases would be disrupted. This 
is certainly true for massive binary systems with secondary mass in the range 
15–25 M . Two runaway neutron stars appear following the disruption of the binary 
system. The first born neutron star among these would have gone through a prior 
mass accretion and the consequent spin evolution phase before the disruption of the 
binary. We discuss in the following section, the expected distribution of the spin 
period, pulsed radio luminosity and the space velocities of pulsars which could arise 
from the binary secnarios presented in this section. 

~
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4. Statistics of pulsars arising from binary systems 
 
Comparison of the results of pulsar satistics in the LMC obtained from given 
evolutionary models with a complete sample of detectable pulsars would offer a better 
testing ground for ideas about pulsar evolution and their origin, e.g. their evolution 
from binary systems. This is because a flux-limited sample of pulsars -from the LMC 
would not suffer from the distance-related selection effects which a Galactic pulsar 
sample is plagued with. However, the total number of pulsars which is detected at a 
given flux level is smaller compared to the Galaxy. There are essentially two analytical 
approaches of treating pulsar spin statistics. Phinney & Blandford (1981) used the 
pulsar continuity equation, 

 
(14) 

 
 
where S(P, P) is the source function of the observable pulsars, i.e.. the difference 
between the number becoming newly observable and the number becoming un- 
observable per unit time in a given bin of P and P. f (P, P) is the observed distribution 
function of pulsars and is related to the observed number of pulsars of given P and 
P at a particular time. One can also start with an a priori initial birth rate in terms 
of number density in spin period Po and the initial magnetic field Bo for a sample of 
pulsars. Using a model of pulsar spin and magnetic field evolution it is possible to 
obtain the number distribution of pulsars in terms of the desired pulsar property (i.e. 
spin period, characteristic age etc.). This approach has been used by several authors 
notably Narayan & Ostriker (1990), Chevalier & Emmering (1986, 1989), Sang & 
Chanmugam (1990). These two approaches are in fact equivalent. In Section 4.1 we 
calculate the pulsar spin period distribution expected in LMC when the single pulsar 
population arises from two classes of pulsars, viz those which have been processed in 
binary systems due to accretion (considered in the earlier sections) and those which 
are remnants of single or the younger remnants of the disrupting binary. This approach 
has also been used to determine the expected pulsar radio luminosity distribution. 
We summarize the observational situation regarding LMC pulsars in Section 4.3 and 
in Section 4.4 we discuss the expected distribution of pulsar space velocities resulting 
from the disrupting binaries. 

Given the intrinsic source function D(P0, B0) in the initial spin period P0 and the 
initial magnetic field B0, we have 

 

(15) 
 

as the probability that a pulsar was born with a period in the range P0 to P0+ dP0, 
an initial magnetic field in the range B0 to B0 + dB0, and that it has an age in the 
range τ to τ + dτ (Chevalier & Emmering 1986). We assume that pulsars slow down 
due to magnetic dipole radiation and that the magnetic field of the neutron star decays 
exponentially with a time constant τB (see however a discussion at the end of Section 
4.2 for situations with no field decay). The pulsar spin period at any time τ is then 
given by, 

 

(16) 
 
Here P(τ) P(τ) CB(τ)2 = CB2

o exp(2–2τ/τB)  and C  = 9.84 × 10- 4 0assuming the 
moment of inertia and radius of the neutron star to be 1045 g cm2 and 106 cm 

.

. .

.

.
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respectively. Integrating the probability distribution of Equation (15) one obtains, 
 

(17) 
 
 
as the probability of observing a pulsar with spin period less than a given period P, 
if the integral is performed over all possible combinations of the initial spin period, 
field strength and current age which give a pulsar with spin period less than P. This 
constraint can be imposed by choosing the upper-limit of the initial spin period such 
that, 

(18) 
 
The upper limit τD in expression (16) is the age of pulsars at which they become so 
faint (due to spin and/or field decay) that they become unobservable. The distribution 
of pulsar spin period can then be obtained by suitably differentiating Equation (17). 
In the following subsection we use this approach to obtain the spin period and the
pulsed luminosity distribution of radio pulsars in the LMC.  
 

4.1 Pulsar Spin and Luminosity Distribution 
 
In determining the spin period distribution for the Galactic pulsars, it is usual to 
define the probability distribution function not only in terms of the period, period 
derivative and age of the pulsar but also in terms of its galactic co-ordinates. This 
probability function is then integrated over these co-ordinates within a limiting 
distance rL where a pulsar with radio luminosity LR is visible only out to a limiting 
distance rL = (LR /4πFL)1/2 (Chevalier & Emmering 1986). This is necessary for the 
determination of the Galactic pulsar statistics to account for the distance-related 
selection effects which arise in the observed sample of pulsars but is not needed for 
the LMC sample of pulsars since all these pulsars can be assumed to be virtually at 
the same distance. However, while obtaining the number distribution of pulsars one 
has to remove all those pulsars from the sample which will not be detectable here 
due to the flux limitations of a given survey. This is achieved by placing a lower limit 
on the field strength of sample pulsars such that the pulsar luminosity is above the 
limit required for detectability from the LMC. This point will be discussed in detail 
later in this section. The number of pulsars observable with periods between P and 
P + dP is then:

 
(19) 

 
 

where u = exp(τ/τB) and G  is an undetermined constant which is determined by an 
overall normalization to a given number of observable pulsars. D(P, B, u) is the intrinsic 
source function D(P0 ,B0) redefined in terms of the current variables P, P  and the 
age τ. Thus given a source function and suitable limits Bmax and Bmin (later determined 
from radio flux limits), one can obtain the present spin period distribution of pulsars. 

In integrating Equation (19) the choice of uD is dictated by the requirement that 
for all P, B and u, the following condition is met: 

 

(20)

.
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Figure 13(a). Shown are the regions of integration (of Equation 19 in the text) in the u-log 
B plane for the normal and the reprocessed pulsars at spin periods of 3 and 10 ms. The region 
of integration for the reprocessed pulsars are only the dark regions while that for the normal 
pulsars shown by the hatched area also extends fully into the dark regions to the left. 

 

Figure 13(b). Same as Fig. 13(a) for pulsar spin periods of 0.1 and 0.2 s. The reprocessed 
pulsars are not visible at these periods due to flux limitations (see text) and hence are not
shown here. 
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Here P0min is the minimum possible period a pulsar could be born with (taken to be 
≈ 1 millisec). For a given spin period and field strength of a radio pulsar, the above 
condition gives the maximum possible age which is considerably larger for pulsars 
with small P and B as opposed to that for the pulsars with long P–B. This can be 
seen clearly from Figs 13 (a) and (b), showing the region of integration of Equation (19) 
in the u — B plane at different pulsar periods for the normal and reprocessed pulsars. 
For example τmax ≈ 7 × 107 years for a pulsar with P = 3ms and B = 108G while 
τmax ≈ 9.6 × 106 years for a pulsar with P = 1 s and B = 1012 G. 

To calculate properties of single pulsar distribution we take a source function 
D(P0 , B0) that has contributions from a mixed sample of pulsars consisting of (a) 
those which are born from the first SN explosion in binaries whose initial spins are 
determined by mass accretion and (b) those pulsars which are born in single SN 
explosions or in the second SN explosion that disrupts the binary. The source function 
for the former class of pulsars has been assumed to be of the form 

 
(21) 

 
i.e. these pulsars are assumed to be "born" (the birth referring to the disruption of 
the binary system with the second supernova explosion) with a spin period Ps = ABΓ

on the equilibrium spin-up line. For the standard neutron star parameters the 
Eddington rate of accretion gives A = 4.4 × 10–11 and Γ = 6/7. The power law 
dependence of the intrinsic source function on the initial magnetic field of neutron 
star arises from the assumption of the exponential field decay and the assumption 
that the number of binary stars in the LMC should scale with the secondary star 
mass as M 2

–α1  where α1 is the IMF index. This is also the number of systems where 
the neutron star born from the explosion of the primary star would have a magnetic 
field αB0exp (— T(M2)/τB) where B0 is the initial field strength and T(M2) is the total 
lifetime of the secondary star after the explosion of the primary. In the case of 
substantial difference in the initial masses of the two components of the binary system, 
T(M2) is nearly the total lifetime of the secondary. The value of the index δ is related 
to the lifetimes for two stellar models evolved with helium enrichment (which in the 
presentcase we havetaken to be 10 and 20M ), and the IMF index for the LMC.
The parameter δ can then be obtained as, 
 

(22) 
 
where the masses M and the lifetimes T refer to the two stellar models mentioned
above. If one takes the evolutionary model of pulsar magnetic fields that allow no 
decay for magnetic fields, then δ has to be treated as an independent parameter. For 
the parameters we have chosen (discussed towards the end of this subsection) we 
obtain δ = – 1.2. 

The source function D2 (P0,B0 ) for the second class of pulsars, i.e. those born in 
single SN explosions or in the second SN disrupting the binary is assumed to have 
an equal probability for all bins in Po and Bo within the limits P0min P0max and B0mix, 
B0max. The value of Bminis chosen such that any pulsar with amagnetic field strength 
below Bmin = Bmin(P) falls below the detectability limit for a given survey with a flux 
limit FL at a particular radio frequency. This is done by assuming that the pulsar 
luminosity can be obtained as a function of the spin period and its derivative as given 
by Proszynski & Przybycien (1984): 

(23) 
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Thus the requirement that all the pulsars in the sample being presented here have a 
luminosity greater than FLd2 in mJy kpc2 where FL is the flux limit at 400 MHz for 
a given survey and d is the distance to the LMC gives, 
 

 
 

(24) 
 

which is the same for the two classes of pulsars. The upper limit on the observed 
field strength for the pulsars of class (a) is determined by the equilibrium spin-up line, 
since no reprocessed pulsar can be found above this line in the pulsar P–B diagram 
i.e. Bmax= [P/A]1/Γ while the maximum possible observed field strength in the case 
of pulsars in category (b) is assumed to be independent of P. The resulting expressions 
for the spin period distributions for the two classes of pulsars are, 

 
 
 

(25) 
 

and 
 
 
 
 

(26) 
 
 
where N1(P) and N2 (P) are the distribution functions for the pulsars in classes (a) 
and (b) respectively, for P1 P  P2. The fraction of pulsars from category (a) in the 
intrinsic sample of pulsars in the LMC is taken to be half the fraction of binaries 
determined in section 2, since only one of the components of the binary is reprocessed. 
As will be discussed later, the observable fraction of the reprocessed pulsars is different 
from this fraction (half) due to the differences in the maximum possible life-times for 
the normal and the reprocessed pulsars as well as due to the fact that the reprocessed 
pulsars appearing within certain region of P and B in general are selected against 
due to their low radio luminosity. Given the total number of pulsars currently present 
in the LMC the constants G1 and G2 can be determined. McConnell et al. (1991) 
have estimated the number of pulsars in the LMC to be ≈ 9500. This estimate is 
based on the number of pulsars in the solar neighbourhood (of area 1 kpc2 of the 
Galactic plane) containing some 70 pulsars and the ratio of the LMC and the solar 
neighbourhood masses. It also accounts for the fact that the number of massive stars 
per unit total mass in the LMC is about twice that of the solar neighbourhood. While 
obtaining the values of the constants G1 and G2 using the above number of total 
pulsars in the LMC, Equation (19) is integrated over all possible values of the magnetic 
fields of pulsars. After determining these constants, the actual distributions are 
obtained by restricting the region of integration of Equation (19) to the magnetic fields 
lying above  Bmin as explained earlier so that the pulsars which could not be detectable 
from the LMC in a survey with a given flux limit are eliminated from the sample 
being presented. 

In Figs 14(a) and (b) we have shown the predicted spin period distribution from 
the two classes of pulsars for the following choice of parameters: (i) the IMF index 
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for the LMC α1 = 1.5 (Humphreys & Blaha 1989), (ii) a binary fraction of 0.6 in the 
Blue Supergiant region of the HR-diagram of the LMC, (iii) the timescale for the 
decay of the magnetic field of the pulsars τB = 2 × 107 years (Narayan & Ostriker 
1990), (iv) the maximum possiblefieldstrengthfor the class (b)pulsars – Bmax = 1013 G 
and (v) the constants of the radio luminosity model as α = – 1.04, ß = 0.35 and 
a = 107 52 (e.g Chevalier & Emmering 1989; Prozynski & Przybycien 1984). Fig. 14(a) 
assumes that all radio pulsars down to 1 mJy level at 400 MHz will be detectable 
while Fig. 14b is for a flux limit of 0.5 mJy. 

The above procedure can also be used in obtaining the expected distribution of 
the pulsed luminosity from the sample of pulsars in the LMC, in various bins of the 
spin period. The resulting distribution of the pulsed radio luminosity with respect to 
the spin period is shown in Figs 15 (a) and (b) which have been obtained for an 
identical set of parameters as in Fig. 14. 
 

4.2 The Distribution of Pulsar Spin in a FluxLimited Survey  
 
A distinct feature of the pulsar spin period and the pulsed luminosity distributions 
is their bimodality. In these distributions the peaks at short periods arise from the 
reprocessed pulsars. It can be seen from Figs 14(a) and (b) that the observable 
reprocessed pulsars are a very small fraction of the total number of observable pulsars 
from the LMC. This fraction f'b which is 0.15 in Fig. 14(a) and is 0.18 in Fig. 14(b) 
is different from the fraction of first born pulsars fb = f/2 (where f = 0.6 is the duplicity 
fraction discussed in Section 3). This is due to the fact that a larger fraction of the 
reprocessed pulsars are below the detection limit for a survey of a given flux limit 
since they are generally less luminous than the normal pulsars. In fact, the region in 
the P–B plane where reprocessed pulsars from the LMC are detectable is highly 
restricted as can be seen from Fig. 17. This region in the P–B plane is shown by the 
hatched area in Fig. 17 which lies between the two lines defined by the equilibrium 
spinup line and the line below which any pulsar in the LMC would not be detectable 
at a given flux level and for a luminosity model assumed in Equation (23). This line 
is parallel to (and displaced to the left of) the Taylor & Stinebring (1976) "death-line" 
defined for the Galactic pulsars, to the right of which the pulsars intrinsically turn 
off. On the shorter period side this region is restricted by the minimum possible field 
strength that these pulsars could be born with. The minimum possible initial field 
strength for the normal pulsars along with the maximum possible lifetime of the 
secondary star (sufficiently massive to disrupt the binary during its SN explosion) 
defines the corresponding lower limit of the initial field strength for the reprocessed 
pulsars, i.e., 

 

(27)
 

Here M2 = 15M . Thus the region populated by observable pulsars in the Pspin – B 
diagram is more restricted in the case of the LMC pulsars than in the case of the 
Galactic pulsars since the former have to be intrinsically more luminous at a given 
flux level due to the larger distance. The extent of this region depends also on the 
range of initial field strength that the class (a) pulsars are born with. The distribution 
functions shown in Figs 14 and 15 are for an initial strength range B0min = 1 × 109 
to B0max = 4 × 1013 and initial spin period range P0min = 1 ms to P0max = 4s. 
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The relative height of the peak arising from the reprocessed pulsars in Figs 14 and 
15 in comparison to the peak at longer period is sensitive to the chosen value of the 
field decay timescale τB. The figures shown are calculated for τB = 2× 107 years. 
Choosing a value of τB = 5 × 106 makes this peak quite small. This arises from a 
linear dependence of   on τB, The larger the value of τB, more negative is  . This 
makes the probability of class (b) pulsars large at lower P0 because of the equilibrium 
spin period relationship, thus making the peak at lower periods more prominent. 
There is, however, some evidence from the data on Galactic pulsars that τB is longer 
than 5 x 106 years and close to 2 × 107 years (Narayan & Ostriker 1990). But 
arguments against field decay in single pulsars also exist in the literature (Sang & 
Chanmugam 1990), although some field decay induced by accretion for neutron stars 
in binary systems is considered possible. Our results for the spin period and the pulsed 
luminosity distributions shown in Figs 14 and 15 would be qualitatively unchanged 
even if the magnetic fields of single pulsars do not decay. (In this case, however, we 
have to take the index    appearing in Equation (21) as a parameter). 
 

4.3 LMC Pulsar Observations  
 
Very recently a search for radio pulsars in the LMC and SMC has been completed 
at 610 MHz using the 64-m Parkes radio telescope (McConnel et al. 1991). The 
sensitivity limit of this survey is equivalent to a limit S400 ≈ 1.4 mJy for a search 
conducted at 400 MHz. This has discovered two pulsars 0529–669 and 0456–698 
with dispersion measures that suggest that they lie in the LMC. Of these, the first was 
reported earlier (McCulloch et al 1983). A third pulsar 0502–665 was found in the 
direction of the LMC but is probably not associated with it and may be a foreground 
object belonging to the Galactic pulsar population because of its relatively similar 
DM sin |b| (b is the galactic latitude). Another pulsar 0540–69 with 50ms period was 
detected in the LMC at X-rays by the Einstein Observatory (Seward, Harnden & 
Helfand 1984) and at optical wavelengths (Middleditch & Pennypacker 1985). Recently 
radio pulsations with high DM ( ≈ 140 pccm–3) and low flux density has also been 
reported from 0540–693 (Manchester 1991). First and second derivatives of the pulse 
frequency for this pulsar have also been measured (Nagase et al 1990) which inidicate 
that the pulsar has a large spin-down rate (and a correspondingly large magnetic 
dipole field or momemt). The pulse period, its derivatives as well as the detection of 
an optical synchroton nebula surrounding the pulsar (Chanan, Helfand & Reynolds 
1984) makes the PSR 0540–69 and its SN remnant very similar to the Crab pulsar 
and SNR. The two LMC pulsars' spins (and magnetic fields) are plotted in Fig. 17. 
The radio pulsars 0529–669 and 0456–698 have periods of 0.976 and 0.320 seconds 
with mean fluxes of 1.8 and 1.0 mJy at 645 MHz respectively. All three pulsars have 
positions that fall within identified regions of Supergiant shells and close to regions 
of high UV flux (McConnell et al. 1991) which are associated with hot, massive O 
and B stars. 
 

4.4 Velocity Distribution of Pulsars 
 
A closer connection between the evolution of binary supergiants and single pulsars 
can be discerned by looking at the velocity distribution of pulsars if a substantial 
 

δ δ 

δ 
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Figure 17. Regions (shaded) in the log B-log Pspin plane where reprocessed pulsars would be
bright enough to be detectable in a radio pulsar survey of the LMC at limiting fluxes of 0.5 mly 
and 1.0 may (at 400 MHz). Three pulsars detected so far in the LMC are indicated.
 

fraction of these are born from binary systems. The determination of the velocity
distribution of single pulsars from the LMC is not likely in the near future with the 
current detection techniques. A global distribution of pulsars in the LMC and their 
relative separation from the regions of their birth-sites could, however, give some 
indication of the actual velocity distribution. We use the orbital period distribution 
of binary systems prior to the explosion of the secondary star obtained in Section 3 
to determine the expected distribution of pulsar velocities in the LMC. 

When the secondary (which in our calculation was assumed to have a mass of 
20 M  at the post main sequence phase) ultimately explodes, the binary is disrupted 
leading to two run-away neutron stars. We have calculated the expected distribution 
of the space velocities of pulsars whose progenitors have evolved through the 
evolutionary channels B1S2, C1B2, C1D2 and DlD2 under the assumption that these 
systems had circular orbits prior to the explosion of the secondary star. It has been 
assumed that these runaway velocities are solely due to the orbital velocities of the 
two binary components and the effects of either asymmetric supernova explosions or 
the impact of the supernova ejecta from the explosion of the secondary star on the 
compact companion are negligble. 

In the present calculation the pulsars which might arise from the binary systems



Evolution of massive binary stars in LMC 41
 
in the B1 B2 channel have been ignored since in this case the final evolution resulting 
in a common envelope configuration seems to lead to a merger of the two binary 
components. The final outcome of such an evolution is uncertain. Likewise we have 
excluded the shorter period systems from the B1B2 and ClB2 channels which are 
likely to be merger systems following mass transfer from the secondary star in these 
systems i.e., all the systems falling within the hatched areas marked as mergers are 
excluded from the pulsar velocity calculations. For some of these excluded systems 
it is possible to have very high velocity pulsars if the second supernova in the binary 
systems occurs before the complete merger of the binary components (e.g. before even 
the carbon core starts filling its Roche-lobe after the helium envelope is ejected). We 
have, however, ignored this possibility in view of the uncertainties involved in the 
final evolution of such systems. 

Tracing the orbital evolution from this stage back to the stage at the start of mass 
transfer from the primary star according to the evolutionary paths for each of the 
channels as mentioned in Appendices A and B (see also Figs 5–12) one can determine 
the space velocities of the two pulsars released from the second supernova explosion 
in a binary system as a function of the initial mass of the primary star and the initial 
orbital separation. The space velocity V2 for the pulsar (in km/s) born from the SN 
explosion of the secondary i.e. the younger pulsar released from the binary system 
can be expressed (for the three evolutionary channels mentioned above) as, 

 
and

 

Here the subscripts on the masses refer to the various stages of evolution as 
mentioned in 3.1 and Mn = M sn1 refers to the mass of the neutron star born from 
the upernova explosion of the primary star and is equal to 1.4 M . The masses and 
the separation ai in the above expression are in solar units. The velocity of the first 
born pulsar following the second explosion is then given by, 

 

 
(32) 

(28)

(29)

(30)

(31)
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where χ is the fraction of the total mass of the binary which is lost in the second 
explosion, and V1 and V2 are the velocities of the first born and second born pulsars 
respectively. (Equations (28–31) give the V2 for the different channels).

Figs 16(a) and (b) show the expected pulsar velocities for the first born and the 
second born pulsars as a function of the initial separation. The ranges of orbital 
separation corresponding to the different evolutionary channels and the velocities of 
the two runaway pulsars are shown in these figures. Also shown enclosed in square 
brackets are the relative percentages of pulsars in each of the evolutionary channels. 
Thus, although the velocity distribution of the released pulsars is expected to be 
bimodal with peaks at large and small velocities, the former type of pulsars is very 
small in number compared to the low velocity pulsars. The velocities of the first and 
second born pulsars also differ considerably, which is expected for symmetric explosion 
and when the amount of mass ejected during the SN explosion of the primary star 
is large as can be seen from the Equation (32) above. However, this difference is less 
marked for the pulsars arising from binary systems in the evolutionary channels B1B2 
and C1B2. The secondary star in these systems loses most of its envelope mass at 
some stage of its evolution through RLO (which is lost from the system) and is thus 
less massive prior to its explosion as compared to the secondary star in the wider 
systems of C1D2 and D1D2 evolutionary channels. For pulsar ages ≈ 107 years and 
with the expected low velocity of ejection from the binary system, the majority of 
pulsars would be found clustered around their birth-places i.e. the OB-associations 
in the LMC. Also a majority of the intermediate velocity pulsars (V ≈ 10 – 30 km/s) 
will be the first born pulsars and therefore of a spun-up variety i.e., with short spin 
periods. 
 

5. Discussion and conclusions 
 
As already mentioned, a number of stars in the LMC have photospheres enriched 
with helium. Such stars have properties that reconcile the theoretically computed 
evolution of massive stars with the observed population of Blue Supergiant stars in the 
LMC. As the primordial helium abundance (Y5 = 0.24) is considerably less than what 
is expected or indicated for the surface of the helium enriched stars (Y5 > 0.5) it has 
been suggested that the helium enriched layers have been acquired by accretion from 
an evolved binary companion. Therefore these stars which appear as peculiar BSG 
stars should be examined for evidence of duplicity. While some of the close binaries 
may reveal themselves as double-lined spectroscopic binaries, the results of Section 3 
suggest that their number is likely to be small and for most of these the evidence has 
to be indirect. 

Study of helium-enriched massive stars may also be of interest in relation to Type Ib 
supernovae in the LMC. Uomoto (1986) suggested that SN Ib might be more massive 
cousins of observed hydrogen-deficient binaries in which a helium supergiant is 
dumping matter on to a hot main sequence companion (Drilling 1986). This model 
is particularly attractive because helium is seen in abundance in this type of SNe 
although potential problems of this model may exist in terms of the distance of the 
SN Ib from the HIT regions and the relative rarity of the hydrogen-deficient binaries 
in our Galaxy (see Filippenko 1991 and references therein.) The lifetime and number 
estimates of the progenitor systems (see Section 3.5) would together imply a Type
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Ib SN rate in LMC of approximately 1 per thousand years. As indirect evidence of 
the binary nature of the peculiar BSG stars possibly bound to neutron stars, 
spectroscopic evidence of their surface enrichment with intermediate mass and iron 
group element resulting from Type Ib SNe may be sought. 

The observed number count of stars in the post main sequence region of the H–R 
diagram of the LMC, together with computed duration functions, implies that at least 
≈ 60 per cent of the Blue Supergiants are likely to be parts of binary systems. This 
binary fraction among the BSGs is not excessive when compared with the binary 
fraction among the WR + O systems (Moffat 1989), and Galactic O-stars. Furthermore, 
if consistency with observed X-ray binary systems with known orbital period is 
imposed, a large fraction of these supergiant binaries is required to be in wide binary 
systems. Recently the Hubble Space Telescope has discovered a large number of 
massive stars in the 30 Doradus region of the LMC, all of which are confined within 
a linear dimension of roughly one parsec. This region was previously suspected to 
contain a single star. Many of these newly discovered stars could be dynamically 
bound to each other. Our prediction of a large number of wide binary progenitor 
systems based on an independent line of argument is consistent with this discovery. 
The presence of a large fraction of wide binary systems is also consistent with the 
analysis of Bailes (1989) who concludes that a large fraction of the Galactic pulsars 
should arise from wide (with orbital periods > 100 days) binary systems to obtain 
consistency with the Galactic pulsar velocity distribution. 

The bimodal nature of the orbital period distribution of the relatively unevolved 
binaries, together with the relatively few systems in the short orbital period ranges 
imply that the relative number of high velocity runaway O-stars (with unseen neutron 
star companions) compared to the total sample of O-stars is quite small in the LMC. 
In addition, following Blaauw's (1985) study in the context of local Galactic birthrates 
of pulsars and local rate of formation/death of massive stars, similar estimates for 
the LMC may also be useful to constrain the mass range of pulsar progenitors. In 
the Galaxy there are binary pulsars like PSR 1913 + 16, 1534+12, 1820 – 11 and 
2303 + 46 which have massive companions (e.g. neutron stars) and are likely to have 
evolved from massive close binary stars. Only in very rare cases like these would the 
progenitor systems remain bound after the second supernova explosion in which 
the younger neutron star is born. In most cases the binary would disrupt leading to 
two runaway stars. Thus the velocity distribution of the pulsars born from binaries 
in the LMC would trace out the orbital distribution of the progenitor systems. In 
this paper we have determined the general nature of this distribution. 

The requirement of placing the secondary star in the magnitude band being 
considered here restricts its mass close to 20 M8   in our analysis. Therefore, when the 
secondary star evolves and explodes as a supernova, since more than half the total 
mass of the systems is likely to be lost in the explosion, the binary would give rise 
to two runaway pulsars. The distribution of pulsars in their space velocities is shown 
in Figs 16(a) and (b), and it can be seen that the bimodal distribution in orbital 
periods of the progenitor systems is reflected in the bimodal distribution in space 
velocities of the resulting pulsars. The high velocities are ≈ 150–500 km/sec and the 
low velocity peak is at ≈ 1–30 km/sec. The larger peak occurs at lower velocities. 
With velocities of this order, in their entire lifetime ( ≈ 107–108 years) the pulsars 
would travel ≈ 100–900pc from the site of their birth. These are the massive star 
formation regions associated with O–B star clusters that are largely localized and
 

.
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contiguous and have dimensions of the order of ≈ 1kpc. Thus most of the pulsars 
born out of binary systems evolving through the magnitude and surface temperature 
bin considered above are expected to be localized in narrow regions in the LMC. In 
fact the pulsars discovered in the most recent radio survey of LMC (McConnell et al. 
1991) all have these characteristics. In this context it is of interest to note the situation 
regarding the binary origin of pulsar velocities in the Milky-Way galaxy. Blaauw 
(1985) has pointed out that among the early B-type stars in the nearest O–B 
associations, only 18 per cent are well established single line spectroscopic binaries 
with determined orbits. The semi-amplitudes of the velocity variations of their 
primaries are in the range in the 14 to 131 km/s with a median value of 50 km/s. For 
the remaining 82 per cent, there are limits on the semi-amplitudes of the primary 
velocities which are successively smaller. Thus, Blaauw concludes that only a small 
fraction of binaries are close enough to give high velocity pulsars ( 100 km/s) after 
the explosion of either of the two components. 

The spin of the first born neutron star at the time of disruption will be affected by 
mass transfer from the companion before the latter explodes in the second SN. Given 
a birthrate of the reprocessed pulsars (interpreted from IMF considerations of the 
secondary) we have estimated the steady-state spin and pulsed radio luminosity 
distributions in the LMC. Since only the brightest radio pulsars will be seen in the 
LMC, the observable reprocessed pulsars (the first born neutron stars) would be 
restricted to short spin periods. Since most neutron stars will be released as single 
pulsars in the second SN explosion of the massive binary, this class of binaries could 
be an important source of observable single short period pulsars in the LMC, especially 
because the companions in low mass binary pulsars can be gotten rid of only under 
rather specialised circumstances (Kluzniak et al. 1988). 
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Appendix A 

 
1. Binary evolution under conservative mass transfer: Systems with qi> 0.4. 
 
First we consider the evolution under mass transfer from the more massive primary 
star. Systems with qi> 0.4 having Case B1 as well as Case C1 type of mass transfer 
are stable and assumed to be completely conservative at this stage (i.e., during the 
stage of mass transfer from the primary to the secondary star – stage I to stage WR1). 
The orbit evolution during this state is governed by (Savonije 1983), 

 
(A1) 
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Here a is the orbital separation, M1 the mass of the (mass transferring) primary 
and M2 is the mass of the secondary. The orbital separation at stage WR1 can be 
obtained as a function of the orbital separation at stage I by integrating the above 
equation. The final orbital period Pwrl after conservative mass exchange where the 
entire envelope of the primary is transferred to the secondary is related to the initial 
period Pi by (Paczynski 1971) 

 

Here f = M1i
He/M1i. The initial separation ai determines whether the system 

undergoes a Case B1 or Case C1 type of mass transfer. The ranges of the radii of the 
primary star at the start of the mass transfer for the different cases of evolution have 
been obtained as a function of the ZAMS mass of the primary star by extrapolating 
from the evolutionary models of Brunish & Truran (1982) for main sequence masses 
15, 30 and 40 M  and with Z = 0.01 and are quoted in the beginning of Section 3.1. 
The Roche-lobe radius R1c of the primary is related to the initial separation ai at the 
start of the mass transfer by the equation (see e.g. Savonije 1983): 

 

(A2) 
 

The orbit evolution from stage WR1 to SN1 is governed by the amount of mass 
lost during the supernova explosion of the primary star. For a symmetric explosion 
and neglecting the impact of the supernova ejecta on the secondary star, the equations 
governing the orbit evolution are (Flannery & van den Heuvel 1975), 

 
(A3) 

 
where, 

 
(A4) 

 
The conservative orbit evolution in such systems is identical up to this stage (stage 
SN1), for both Case B1 as well as Case C1. The Roche-lobe radius of the secondary 
at stage SN1 can then be obtained from asnl. The initial orbital separation ai, can 
be related to the initial radius of the primary and hence to its mass as argued earlier. 

Next we consider the orbit evolution during mass transfer from the secondary. For 
given masses M1i and M2snl and for a given qi > 0.4 the Roche-lobe radius of the 
secondary at a stage after the SN explosion of the primary star can be determined 
and the stage of evolution (if any) when the secondary star will fill its Roche lobe 
can be determined. In the case of systems (with qi > 0.4) undergoing Case B1 type of 
mass transfer, it turns out that, the secondary star would fill its Roche lobe at some 
later stage in its evolution whereas for systems in Case C1 channels the secondary 
star does not fill its Roche lobe at any stage of its evolution. The orbit evolution 
from this stage onwards is hence different for the two systems. Systems in the B1S2 
channel go through a common envelope evolution arising out of (RLO) mass transfer 
from a massive supergiant component to a neutron star. There is a rapid shrinking 
of the orbit due to the large disparity in the masses of the two components and the 
neutron star is soon engulfed by the envelope of the secondary star, which is 
subsequently ejected. The evolution of the orbit during this stage is similar to the 
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common envelope evolution of the close systems with qi < 0.4 as described in 
Appendix B (see also Equations B1 and B2). Systems falling in the evolutionary 
channel C1D2 are evolved with mass loss from the system during mass transfer from 
the secondary. Up till the stage just prior to the SN explosion of the secondary star 
they are governed by Equation (B3), (in Appendix B) just as in the case of wind-fed 
(non-conservative) mass transfer from the primary star. 
 
2. Calculation of the allowed mass ranges. 
 
We make the following assumptions regarding the mass transfer process and the 
resultant masses of the binary components at various stages in order to track the 
binary evolution during different stages of evolution:
 

(1) At stage WR1 the primary is left with the helium core. This would be the mass 
of the WR star evolved from the primary star. The mass of the helium core can be 
related to the initial mass of the primary star from a least-square fit of the helium 
core masses of 15, 30 and 40 M  stars (Brunisli & Truran, 1982). From this fit, 
M1wr1 =f(M1i) = cM1i

 where c= 0.25 for Case B and c = 0.3 for Case C. In our 
calculation we take this factor c to be 0.3 uniformly. Here Mli and Mlwrl are the 
main sequence mass and the mass of the helium core left after the loss of the envelope. 

(2) M1sn1–the mass of the neutron star left after the explosion of the WR star is 
taken to be 1.4M . 

(3) In the conservative case since all the mass leaving the primary is accreted by 
the secondary, 

 

(A5) 
 

assuming the secondary mass remains unchanged during the primary explosion phase. 
From the assumption of conservative evolution in Case B and C and the 

assumptions (1)–(3) mentioned above, the allowed ranges of initial masses for the 
primary star can be constrained for a given mass of the secondary star at a stage 
after the explosion of the primary. Starting with initial masses M1i and M2i for 
the two stars, the masses after the end of the first stage of mass transfer are, 
cM1i and (M2i + (1 – c)M1i) respectively, where c is as defined in assumption. (1) 
above. Assuming that the secondary star mass remains unchanged during the 
supernova explosion of the primary star, 

 

(A6) 
 

Thus for a given qi one can determine the required initial mass for the primary as, 
 

(A7) 
 
The upper limit on Mli comes by putting qi= 0.4 (since for values of qi below this, 
we assume that conservative evolution does not take place) and the lower limit, by 
having the initial secondary mass comparable to the primary mass. This one obtains, 
 

(A8) 
 
 

In all the calculations of Section 3, M2sn1 was taken to be 20 M . 
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Appendix B 
 
1. Orbit evolution with mass loss from the system.
 
First we consider the evolution of close systems with qi < 0.4. Close binary systems 
with qi < 0.4 where the primary star fills its Roche-lobe in either a Case B1 or a Case 
C1 type of contact evolve via RLO of the primary in such a way that at some stage 
of mass transfer there is a common envelope formation and subsequent spiraling in 
of the two components. The envelope of the mass losing star is ejected during this
spiral-in phase. The orbit evolution during the spiral-in is assumed here to be governed 
by the requirement that the final energy in the orbit equals the difference between
the initial energy of the orbit and the binding energy of the envelope of the mass
losing star: 

 

(Bl) 
 
 
For Case C1 systems with qi < 0.4 the orbit shrinks during the mass transfer and 
there is an increase in the radius of the secondary star due to mass accretion. Soon 
the system comes into a contact configuration which leads to the common envelope 
situation. For Case B1 systems with qi < 0.4, however, this is somewhat delayed and 
the mass transfer is completely stable and conservative till the stage of contact (stage  
't') is achieved. The orbit evolution during this phase is thus governed by Equation Al, as 
in the case of systems with qi > 0.4. This leads to the orbital separation at the end of 
spiral-in (Webbink 1984)  

 

(B2) 
 
Here awrl refers to the orbital separation after the loss of the envelope mass at the 
start of mass transfer and rL(qt) is the ratio of the Roche-lobe radius of the primary 
to the orbital separation at the pre-contact stage. In principle, the final orbit dimension 
should also be determined by the effects due to the structure of the common envelope 
(and its effect on the binding energy of the envelope). In addition, the spiral-in may 
stop at an intermediate point and may not lead to a complete ejection of the envelope. 
However, due to the uncertain physics involved, we ignore these effects and use the 
form of Equation (B2) as stated. 

For primary star undergoing a Case C1 evolution a common envelope evolution 
arises in systems with qi < 0.4 immediately following the RLO of the primary star 
owing to the convective envelope of the primary star. In such situations there is no 
prior stage of stable mass transfer and the orbit evolution is just governed by 
Equation (B2) with the subscript 't' replaced by ‘i’, since the spiral-in starts during 
stage ‘i’ itself. 

The calculated orbital parameters for the two classes of systems discussed above 
(i.e. systems evolving through channels B1B2 and C1B2) indicate that these systems 
evolve into close binary systems where the secondary star would undergo a Case B2 
type of mass transfer. The subsequent orbital evolution of these systems is analogous 
to the evolution of systems in the B1S2 evolutionary channel beyond this point and 
is governed by Equation (Bl) etc. 
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2. Orbit evolution for wide systems without Roche-lobe overflow.
 
In very wide binary systems where the primary star does not fill its Roche-lobe at 
any stage of its evolution, as far as the orbit evolution is concerned it is assumed to 
be completely non-conservative, i.e. with small amount of mass lost by the primary 
being accreted by the secondary star. In this case the orbit evolution is governed by 
(Savonije 1983): 

 
(B3) 

 
where as before M1 is the mass losing star. The orbit evolution from stage I to stage 
WR 1, i.e. the stage just before the SN explosion of the primary star can be determined 
by integrating the above equation. The orbit evolution during the explosion of the 
primary star is determined, as in the case of all other systems from Equation (A3). 
The Roche-lobe radius of the secondary star determined at a stage after the SN 
explosion of the primary star indicates that in such systems the secondary star too 
does not fill its Roche-lobe at any stage of its evolution. The orbit evolution during 
the stage of mass transfer from the secondary star is thus also governed by 
Equation (33) 
 
3. Allowed mass ranges for the primary star. 
 
For systems evolving through the B1 B2 channel, for a given qi, restrictions can be 
placed on the masses of the two stars at various stages of evolution such that the orbit 
evolution is completely determined. Under the assumptions that (1) the masses of the 
two stars are equal at the stage of contact and are equal to 20 M  and (2) the mass 
transfer is completely conservative before the system comes into contact, the primary
mass M1at the initial stage is related to qi as, 

 
(B4)

 
 

For systems evolving through the evolutionary channels C1B2 and D1D2 since the 
mass is lost from the system from the outset, the secondary star would have to start 
out with a ZAMS mass of roughly 20M  and, to be observed in the given region of 
interest in the LMC HR-diagram, have a thin layer of helium-enriched matter accreted 
from the primary's wind. Thus for a given the corresponding ZAMS mass of the 
primary star is determined in all the cases and the orbit evolution can be uniquely
specified within the assumptions stated above.
 

Appendix C
 
1.  X-ray luminosity through wind-fed mass transfer.
 

The secondary star in binary systems evolving through all the channels mentioned 
in Section 3 is out of Roche lobe contact immediately following the supernova 
explosion of the primary. The X-ray luminosity of the system powered by wind from 
the secondary star to the neutron star is: 

 
(C1)
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where Mx is the mass accretion rate onto the neutron star. This is related to the 
stellar wind loss rate of the secondary star by (Henrichs 1983): 

 
(C2) 

 
 

where vorb is the orbital velocity of the binary system at this stage and vw is the velocity 
of the stellar wind ejected from the secondary star and ψ is a parameter of the order 
of unity or less. A value of 2–3 × 103 km/s (White 1984) for the wind velocity of the 
secondary star in the immediate post main sequence region results in negligible X-ray 
luminosity from the system for any but the closest binary systems (with orbital periods 
less than a few tens of days). However, White argues that the wind velocities of OB 
stars in binary systems are likely to be smaller compared to the, corresponding wind 
velocities from single stars, based on the observations of some Galactic massive X-ray 
binaries (4U1538–52, Cen X-3 and GX301–2) where the massive star is underfilling 
its Roche lobe. Smaller wind velocities for the OB-star companions in these systems 
are required to obtain a better correspondence with their observed X-ray luminosities. 
In addition, the massive X-ray binary GX301–2 having observed outbursts with a 
period of 41.5 days and a given ratio of the maximum to minimum X-ray flux during 
this cycle also require a low wind velocity powering the X-ray emission. The wind 
velocities in binary systems could be lower either due to the disruption of the wind 
as the OB star comes close to its critical Roche-lobe, or, due to the ionization of 
the elements whose line transitions are responsible for the acceleration of the wind 
by the X-rays. In addition the wind velocities in supergiant stars decrease as the 
star evolves further into the BSG stage (Kudritzki et al. 1988). Thus a value 
of ≈ 100–300 km/sec used for the wind velocity from the secondary star as it 
evolves further into the BSG stage, consistent with the stellar wind velocities observed 
in late B type supergiants (Kudritzki et al. 1989) results in weak X-ray emission 
(Lx ≈ 1033 – 1035) ergss–1 from binary systems with orbital periods of few years. In 
such a case, the observed 10 less luminous point sources in the LMC could possibly
be systems evolving through the evolutionary channel C1D2.
 

Appendix D 
 

1. Evolutionary timescales during different evolutionary stages.
 

To determine the fraction of binary systems evolving through the various evolutionary 
channels, a knowledge of the fraction of the total Blue-Supergiant (3.7 log Teff 4.5) 
lifetime that is spent in the immediate post main sequence region (4.3 log Teff 4.5) 
as well as the X-ray lifetime of the binary systems in the corresponding evolutionary 
channels are required. The nuclear lifetimes of a 20 M  star are obtained from the 
evolutionary models incorporating surface helium enrichment. In the case of close 
binary systems evolving in the evolutionary channels B1 B2, C1 B2 and B1 S2 the actual 
lifetime in these stages is less than that of nuclear evolution. This is because the 
secondary fills its Roche-lobe at some stage while it evolves through this region. 
Immediately following the Roche-lobe contact of the secondary star, there is a rapid 
loss of its envelope in a common envelope. 

For systems in evolutionary channels B1 B2 and C1 B2, the secondary star while 
still on the main sequence would underfill its Roche-lobe following the SN explosion 
of the primary star. The secondary star fills its Roche-lobe as soon as it evolves away 

.
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from the main sequence (into the "gap" region). During this stage it appears as a high
luminosity X-ray source in the BSG region. Thus, 

 
(Dl) 

 
 
For systems in the evolutionary channel Bl S2 the orbit following the supernova 
explosion of the primary star is relatively wide and the secondary star does not fill 
its Roche-lobe at this stage or during the immediate post main sequence stage. Its 
lifetime in the "gap" region is hence dictated by the nuclear timescale of the enriched 
model and is ≈ 3.2 × 105 years. During this stage, however, the system would appear 
as a fairly high luminosity transient X-ray source driven by the stellar wind of the 
supergiant secondary. From the orbital separation at this stage it can be seen that 
the secondary star 'is likely to fill its Roche-lobe with further nuclear evolution in the 
BSG stage. Following this there is again a common envelope evolution and rapid 
loss of the secondary's envelope terminating the BSG phase. Its BSG lifetime is a 
sum of nuclear evolution timescale in the "gap" region and the shorter lifetime in the 
mass transfer stage (≈ 1.2 × 104 years). At the end of this phase, the secondary will 
no longer appear as a blue supergiant. Thus, 

 
(D2) 

 
 
For wider binary systems evolving through channels ClD2 and D1D2 the secondary 
star does not fill its Roche-lobe at any stage of its evolution and hence its lifetime in 
the "gap" region as well as in the entire BSG region is governed by the nuclear 
evolution timescales. Systems evolving through the C1D2 channel are weakly X-ray 
active when the secondary star is evolving through the post main sequence region 
with Lx ≈ 1033 – 1035 ergs/s. The X-ray lifetime during this stage is ≈ 3.2 × 105 years, 
dictated by the nuclear evolution timescales through this region. As the secondary 
star evolves further into the BSG region, it loses some mass in the form of a stellar 
wind and the system expands. The X-ray luminosity at this stage then goes below the 
detection limits of the Long, Helfand & Grabelsky (1981) survey and is thus not 
considered X-ray active during this stage lasting ≈ 5.95 × 105 years. Thus, 

 
(D3) 

 
 

By using the fractional lifetimes in various regions of the HR-diagram and the X-ray 
stages as obtained above into the Equations (8–10) from Section 3.5.1 the relative 
fractions of binary systems evolving through the various channels have been obtained. 
In the above analysis, the BSG lifetimes are different for the different channels since 
we assume that the BSG phase for the secondary is terminated when its entire envelope 
is lost, which happens at different phases of evolution in the different channels. 
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Abstract. We have attempted to devise a scheme by which it may be 
possible to identify pulsars which are likely to be γ –ray pulsars. We apply 
this test to a representative population of pulsars and identify the likely 
candidates for γ emission . We also discuss some individual cases including 
the Crab and Vela pulsars. 
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1. Introduction  
 
Emission of radiation from pulsars is a very complex phenomenon. Several models 
have been proposed to explain this phenomenon, but none are entirely satisfactory. 
One of the more successful models is the one due to Ruderman & Sutherland (1975). 
The main feature of this model is the development of polar 'gaps' across which there 
exist potential differences of the order of 1012 V. The self-consistent height of the gap is 
such that a charged particle traversing the gap picks up enough energy from the 
potential difference across the gap that it can end up producing an avalanche of 
electron-positron (e– – e+) pairs which short the electric field and thereby close the 
gap. In the Ruderman-Sutherland (RS) scheme the e– – e+ plasma is essential as it 
initiates processes which ultimately produce radio emission. In recent years the work of 
Jones (1985) has cast some doubt on the validity of the RS model. Nevertheless, at 
present this model is perhaps our best hope of understanding a host of phenomena
associated with pulsars. 

It has been suggested recently that extremely strong magnetic fields present near 
the surface of a neutron star do not allow high energy photons to create free e– – e + 
pairs, but convert them instead into bound e– – e+ pairs, or positronia (Shabad & 
Usov 1982, 1985; Herold, Ruder & Wunner 1985). The effect of this trapping of 
photons on the RS model was investigated by us (Bhatia, Chopra & Panchapakesan 
1987,1988). We showed that the trapping was energy-dependent and that the photons 
of low as well as high energy escaped this fate. These photons were available for the 
production of radio emission. We also showed that the self consistent height of the gap 
becomes somewhat larger if trapping is taken into account and this actually improves 
agreement of the RS model with the observations. 

In this paper we investigate, within the framework of the RS model, a scheme by 
which it may be possible to find out whether a given pulsar will be a γ-ray pulsar or not. 
An alternative model of emission of γ-rays is due to Cheng, Ho & Ruderman (1986) 
involving the outer gaps in the magneto spheres of pulsars. We also calculate the yield
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of γ-rays from pulsars which are likely to emit them. Our calculation takes into account 
the conversion of photons into positronia by the strong magnetic fields of pulsars. 
Similar calculations performed by Zhao et al. (1989) are flawed on two 
counts. Firstly, the possibility of photon capture is not taken into account. Secondly, 
the radius of curvature of the magnetic field near the neutron star surface is taken so 
large (~ 108 cm for a 1-sec pulsar) that it will prevent the formation of gaps, without 
which there is no RS model. Actually, the radius of curvature adopted by Zhao et al. is 
valid only at large distances from the star (Equation (58) of RS paper). On the other 
hand, the expression adopted for the critical photon energy above which a photon is 
absorbed and creates a pair, is true only near the surface of the star. This inconsistency 
reduces the value of the calculations of Zhao et al. Nevertheless, there are some useful 
ideas in their work, such as the cascading of photons into e– – e+ pairs. 

In Section 2 we discuss briefly the process of conversion of photons into positronia 
and derive the criterion that a pulsar must satisfy if it is to emit γ-rays. In Section 3 we 
apply this criterion to a sample population of pulsars and discuss some special cases 
such as the Crab and the Vela pulsars and millisecond pulsars in binary systems. 
 

2. Criterion for the emission of γ-rays 
 
In our earlier papers we derived the expression for the self-consistent gap height taking 
into account the conversion of photons into positronia. It is well known that in the 
presence of a magnetic field both energy and momentum conservation can be satisfied 
for the conversion of a photon into an e – e+ pair. If the magnetic field be considered 
along the z-direction, then the momentum conservation relation may be written as 
 

(1) 
 

where k⊥ is the momentum of the photon perpendicular to B and y– and y+ are the y- 
coordinates of the Landau orbits of e– and e+. Equation (1) also holds for the 
conversion of the photon into a bound e – – e+ pair if the Coulomb interaction 
between the pair particles can be considered as perturbation. Since the photon energy is 
proportional to k⊥ and the positronium energy depends mildly on k⊥, there is a 
possibility of the dispersion relations, i.e., (ω, k⊥) curves, of the two intersecting and 
therefore the two having a quantum state with the same energy. However, vacuum 
polarization correction keeps the two states separated, and this separation is well 
marked for the ground state of the positronium (Herold, Ruder & Wunner 1985; 
Shabad & Usov 1985). The gap between the two states is given by 

 

(2) 
 
assuming B « Bc, where Bc is the so called critical magnetic field (Bc= m2c3/eh ~ 
4.4 × 1013 G). In the above equation α is the fine-structure constant. Since the energy of 
the positronium at the cross-over point, the point where the two dispersion curves 
crossed (now the degeneracy having been removed by vaccum polarization), is less 
than the energy of the photon by the amount Δk, the reconversion of the positronium 
into two or more photons is prohibited. The conversion of a photon into a bound pair 
takes a time h/Δk. During this time the photon, travelling straight while the lines of 
force of the magnetic field curl away, gains in momentum perpendicular to the 
magnetic field. If the energy gained by the photon is larger than Δk, then the photon 
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does not get converted into a positronium and will continue as a photon. Thus, the 
condition for the photon to avoid conversion becomes 

or 
(3) 

where ρ is the radius of curvature of the magnetic field and ω is the fr
photon. Since the photons are due to curvature radiation, it'is customary to identify ω 

equency of the 

with the characteristic frequency of curvature radiation, namely, 
(4) 

 
where γ is the energy in units of mc2 of the charged particle acquired in travelling a 
distance d: 

(5) 
 

where Ω =  2π/Ρ, Ρ being the period of the pulsar in sec. Following RS theory, we 
identify d with the gap height for self-consistency. Then, from Equations (2)–(5) we 
get the expression for the gap height in the presence of the photon ⇒ positronium 
conversion. It is given by 

 
 

(6) 
 
where Β now is the surface magnetic field of the pulsar. It has been argued by RS that in 
the neighbourhood of the star the magnetic field is likely to be a mixture of dipole and 
higher multipole fields and a reasonable value of ρ is 106cm. It may be noticed that d 
has a weak dependence on ρ and therefore a small factor multiplying 106 will have not 
much effect on d. The surface magnetic field of a pulsar is given by the well known 
expression: 

(7) 
 
where B12 = B/1012 and P15 = P/10–15. After traversing the gap height d, the charged 
particle (electron or positron) will acquire energy with a typical Lorentz factor given by 
Equation (5). As these particles move along the magnetic field lines, they emit 
curvature radiation with photon frequency typically centred at ωC given by 
Equation (4). In terms of Ρ and P, the energy of the curvature photon becomes 

 
 

(8) 
 
If this energy exceeds a critical energy Ea given by 
 

(9) 
 
then according to Hardee (1977) the photon will be absorbed at a distance r from the 
centre of the star of radius R at the magnetic axis and will be transformed into a 
e– – e+ pair. This expression holds near the surface of the star, therefore (r/R) ~ 1. If 
Ec» Ea, then the pair particles will also acquire sufficient energy to radiate γ- photons. 
Zhao et αl. have estimated that if Ec >20Ea , then it is possible for γ photons to escape 
the star and make the pulsar a γ−ray pulsar. Thus, for a pulsar to be a potential 
 

. .

.
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γ-emitter the condition Ec > nEa(n ~ 20) should be satisfied. In the P – P plane this
criterion takes the form

 

(10)
 
where we have used Equations (8) and (9) 

 

3. Results and discussion 
 
The usefulness of Equation (10) is obvious. One can check whether a given pulsar is 
expected to be a γ-pulsar or not. We plot its observed P against observed P. If this point 
lies above the curve of Equation (10), the pulsar is expected to be a γ-emitter. This curve 
is shown in Figure 1 and is labelled as curve 1. In this figure we have also shown a 
number of pulsars with B>3 × 1012G, the lower limit of the field for conversion of 
photons into positronia (Bhatia, Chopra & Panchapakesan 1987), taken from the data 
collected by Manchester & Taylor (1981). The pulsars which lie above the curve are the 
likely candidates for γ-ray pulsars. The γ-luminosity of these pulsars can be estimated 
from the expression (Ruderman & Sutherland 1975; Harding 1981), 

 

(11) 
 

where γ is given by Equation (5) and N is the net charged particle flux from the polar 
cap given by 

 
Table 1.   List of pulsars likely to be γ-ray pulsars. 

 

PSR 1802 – 23 reported by Raubenheimer et al. (1986) as emitting high energy γ-rays. 
PSR 1509-58 observed by Nel et al. (1990) at Tev γ-rays with the observed luminosity 
of 4.7 × 1034 erg sec–1. 
*Estimated luminosities of Crab and Vela pulsars with revised magnetic fields (see text). 

 

.

.
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following the RS theory. Here Rp = (2/3)3/4 R(ΩR/c)1/2 is the radius of the polar cap. 
These luminosities are shown in Table 1. It is worth noting that all the pulsars in 
Table 1 (which are the ones likely to be γ-ray pulsars) have surface magnetic fields 
> 5 × 1012G. This is perhaps as well because the minimum strength of the magnetic 
field for the conversion of a photon into positronium is ~3 × 1012G. In this 
connection it is interesting to note that the pulsars suggested by Zhao et al. as possible 
γ-emitters are not found to be so if we apply the above criterion as they all lie below the 
curve in Fig. 1. These pulsars are PSR 1951 + 32, PSR 1356–60, PSR 1754–24 and PSR 
0740–28. As a matter of fact, none of these have been confirmed as γ−emitters, lending 
weight to the argument advanced by us. 

The Crab and Vela pulsars are also shown in Fig. 1. Both these lie below the curve. 
Since both these are established γ-emitters, this seems anomalous. The magnetic fields 
for these pulsars quoted in the literature, ~ 2 – 3 × 1012G, are rather weak. However, 
it must be remembered that the magnetic fields of pulsars are found from Ρ and P by 
 

 
Figure 1. Curve obtained from Equation (10) in the Ρ – P plane. The labelling of curves, 1, 2 or 
3, is explained in the text. – likely emitters of γ-rays, ∆ – not likely to emit γ-rays, о – pulsars 
suggested by Zhao et al. as possible emitters of γ-rays but not confirmed so far and unlikely to
emit γ-rays if we apply our criterion.

.

.
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using the following expression derived on the basis of classical dipole radiation, 

 

(12) 
 

where I is the moment of inertia of the star. It is customary to adopt R =106 cm and 
I = 1045 gm-cm2 for all stars. But all the stars do not have this precise radius. The various 
equations of state of the neutron star matter give the radius in the range 7–15 km (see 
Table 2 in Cutler, Lindblom & Splinter 1990). If we take the radius on the lower side of 
the range, say, 7 km, and calculate the magnetic fields of the Crab and Vela pulsars, we 
find them increased by a factor of about two. The point to be emphasized is that the 
magnetic fields of pulsars estimated by Equation (12) may be uncertain to within a 
factor of two. If we redraw the curve of Equation (10) with the magnetic field enhanced 
by a factor of two (the curve is labelled as 2) then we find that both the Crab and the 
Vela pulsars lie above the curve and their case is no longer anomalous. In fact, the 
estimated luminosities of these pulsars with the revised magnetic fields are of the same 
order of magnitude as observed (see Table 1). However, the position of the pulsars 
mentioned above and suggested by Zhao et al. as possible γ-ray emitters does not 
improve even with respect to the modified curve. It may be pointed out that we have 
argued elsewhere also (Bhatia, Chopra & Panchapakesan 1987) that the magnetic 
fields of the Crab and the Vela pulsars may have been underestimated by a factor of 2. 

In Fig. 1 we have also drawn the curve one would get from the RS theory in case the 
conversion of photons into positronia is not operational, that is the magnetic fields are 
weak. For this curve (labelled as curve 3) we have adopted ρ = 106 cm (and n= 20) to 
make it consistent with the RS scheme unlike Zhao et al. who take ρ ~108 cm. The 
pulsars likely to emit γ-rays should lie to the left of this curve. In our sample there is 
hardly any such pulsar, although there could be such cases. So, one could conclude that 
for a pulsar to be γ-ray emitter it must generally lie above the curve I or it must lie on 
the left of the curve 3. With the ongoing search for γ-ray pulsars with instruments of 
decreasing thresholds this prediction is open to verification. 

The millisecond pulsars found in binary systems are spun-up pulsars. Here the pulsar 
is resurrected from a run-down neutron star by accreting matter from its companion. 
The resulting contraction of the star gives rise to a millisecond period neutron star. 
These pulsars differ from the usual pulsars as far as the strength of the magnetic field is 
concerned. The magnetic field of the spun-up pulsars is ~ 108 G compared to ~ 1012 G 
for the usual pulsars. This low magnetic field does not allow the formation of polar 
gaps in the manner suggested by the RS theory. Hence the mechanism discussed above 
for γ-ray emission appears to be inadequate to explain the γ-emission of spun-up 
pulsars. One will have to seek some other explanation, such as that involving outer 
gaps (Cheng, Ho & Ruderman 1986). 
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Abstract. The observed uvby and Hβ indices of member stars of the 
Hyades and Praesepe clusters have been analysed in detail for rotation 
effects. The Alpha Persei, Pleiades and the Centaurus subgroup of the 
Scorpio–Centaurus association have been reanalysed using the observed 
indices instead of the extinction-corrected indices used earlier. The 
observed rotation effects from the analysis of these cluster data are found 
to be in excellent agreement with the theoretical predictions of Collins & 
Sonneborn (1977). We have also analysed the β, c and (u – b) values of 
the member stars of NGC 1976, 2264, 2287, 2422, 4755,1C 2391, IC 2602 
and IC 4665 for rotation effects. The results are found to be consistent 
with the theoretical predictions. 

The observed slopes of the rotation effects were used to determine the 
zero rotation main sequence values of the intermediate band photometric 
indices for selected clusters. We also corrected the observed indices for 
each star in each cluster using the theoretical predictions of Collins and 
Sonneborn and derived the ZRMS values for each cluster. The agreement 
between the two determinations is found to be good. The various ZRMS 
curves were utilised to derive the ZRZAMS values. A preliminary 
calibration of the absolute visual magnitudes as a function of β valid for 
ZRZAMS has also been derived. The ZRMS values of the intermediate 
band photometric indices for different clusters and the ZRZAMS values 
are listed as a function of β. 
 
Key words: stars, rotation—stars, colours—star clusters, individual

 
 

1. Introduction  
 
The idea that axial rotation could be determined from the measurements of the widths 
of spectral lines was first put forward by Captain W. de Abney (1877). Since then 
many efforts have been made to determine the rotational velocities of various types 
and groups of stars (see e.g. reviews by Huang & Struve 1960; Slettebak 1970; Plavec 
1970; Abt 1970). Simultaneously attempts were also made to estimate the changes in 
the structure of the stars due to rotation and the observable effects such changes 
would produce (see e.g. reviews by Roxburgh 1970; Kraft 1969; Collins 1970).
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Broadly, the main results can be summarized as follows. The early type B, A and 
F main sequence stars rotate fairly fast while stars later than F5 are in general, very 
slow rotators. Amongst the early-type stars, those that are in binaries are slow rotators 
on an average than similar single stars, mainly due to the synchronization of rotational 
and orbital periods. The chemically peculiar (CP) stars of the upper main sequence 
are in general slow rotators. The differences between field and cluster stars and 
between cluster and cluster in the observed rotational velocity distribution are caused 
by differences in binary and CP star frequencies and by the differences in their ages. 
Even though there seems to be a consensus as far as these results are concerned, the 
situation regarding the predicted changes in the structure of these stars and their 
effects on the observable parameters is quite different. 

In fact, the results of the analysis of observations by different authors have led to 
conflicting results on the possible effects of steller rotation on the observable 
parameters (see e.g. the review by Collins 1970). As of today, all existing calibrations 
of various parameters and the estimates of ages of stars from colour magnitude 
diagrams have all been done completely disregarding the (predicted) effects due to 
rotation. 

The earliest effort in this field seems to be that of Sweet & Roy (1953) who showed 
that rotation modifies the luminosity of a star and that it could be as large as one 
magnitude relative to its non-rotating counterpart. Since then Roxburgh, Griffith & 
Sweet (1965) Roxburgh & Strittmatter (1965, 1966) Hardorp & Strittmatter (1968) 
and Collins (1963, 1965), Collins & Harrington (1966) Collins & Sonneborn (1977) 
and Collins & Smith (1985) have considered in detail the expected rotation effects 
on the various observable parameters of stars. 

In general, such predicted effects in colours and the absolute magnitudes of stars 
and other observable parameters such as the equivalent widths of the lines are not 
large excepting in case of extreme rotational velocities. Attempts to verify such 
predicted effects were made successfully by Strittmatter (1966) in the Praesepe cluster. 
Strittmatter measured the difference in the observed Mv and the Mv defined by 
non-rotators at a fixed (B – V). These deviations ΔMv were found as expected to be 
proportional to (Vsin i)2 based on Roxburgh & Strittmatter's (1966) work. These 
results, however, were questioned by Dickens, Kraft & Krzeminski (1968) who found 
that more accurate data do not show the expected relationship between (U – B) 
colours and Vsin i. 

Kraft & Wrubel (1965) attributed the large spread in c1, (b–y) diagram in Hyades 
to rotation effects. Strömgren (1967) pointed out that no rotation effects are discernible 
in the intermediate band indices while Crawford & Barnes (1974) found that the c1 
index was affected by as much as 0.035 magnitudes per 100 km s–1 of Vsin i in A 
stars of α-Persei while the values of B-stars showed no such effects. Hartwick & Hesser 
(1974) found evidence for rotation effects in the cl and β indices of field A and F type 
stars while Rajamohan (1978) found similar evidence for B and A stars of the α-Persei 
cluster and the Scorpio-Centaurus association. 

Similarly Guthrie (1963) found that rotation effects are indeed discernible in Hβ line 
strengths at a given (U – B) index. The theoretical predictions by Collins & Harrington 
(1966) are in good agreement with Guthrie's findings. However, Crawford & Manders 
(1966) and Petrie (1964) found no evidence for effects of rotation on Hβ and Hγ line 
strengths respectively. Warren (1976) discussed the proposed rotation effects in some 
detail, for B-stars in Orion, and showed that no systematic effects are present for 
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Vsin i less than 250kms–1. Gray & Garrison (1987, 1988, 1989) from a refined MK 
classification of A and F type field stars, showed that indeed rotation effects can be 
clearly established in the intermediate band indices c1 and β.  

No consistent picture had emerged as on 1987 when we took up this work to 
investigate systematically the effects of rotation on the colours and line indices of 
stars. We decided to reinvestigate this problem in galactic clusters and determine 
empirically the effects of rotation on the colours and line indices of stars. 

Our attempt since 1987 was to first establish that the effects of rotation on colours 
are not subtle but are easily discernible provided we choose a sample of single main 
sequence stars at the same stage of evolution. In Papers 1, 2 and 4 of this series 
(Rajamohan & Mathew 1988, Mathew & Rajamohan 1990a,b) it was shown that 
rotation effects in uvby Hß and UBV colours can be firmly established for Β and A 
stars of Alpha Persei, Pleiades clusters and the Scorpio-Centaurus association. These 
relative effects were basically established from the observed position of single main 
sequence stars in a plane defined by a combination of any two of the photometric indices. 
The Pleiades and Scorpio-Centaurus data were analysed using the indices corrected 
for interstellar extinction and the data for α-Persei cluster was analysed using the 
observed as well as the dereddened indices. However, Gray & Garrison (1989) pointed 
out that the dereddening procedures and the system calibration, especially for the 
Α-stars are themselves affected by rotation. We, have therefore carried out our analysis 
of a number of clusters using the observed indices. The results which include extensive 
analysis of the Hyades and Praesepe are given in Section 3. In Section 4, the zero 
rotation main sequence (ZRMS) values of selected clusters derived are given. The 
results in Section 4 for various clusters are combined to derive the zero rotation zero 
age main sequence (ZRZAMS) values of the narrow band photometric indices and 
is given in Section 5. A preliminary calibration of the absolute magnitudes on the 
ZRZAMS is also given in this section. A summary of the results is given in the final 
section. 
 

2. Data and analysis  
 
We clarify a few details of the procedures adopted as this paper summarises the results
obtained with our present approach to determine the rotation effects on intermediate 
band photometric indices. Each star cluster was analysed independently as the member 
stars are assumed to have formed coevally. This was done to avoid any zero point 
errors in the photometry of star clusters by different observers and to avoid systematic 
differences that may exist between clusters due to the differences in the distribution of 
their rotational velocities. All known double-lined binaries and visual binaries with
Δm less than 2.0 magnitudes were excluded from analysis. Am and Ap stars that are
single in general were included. However, they were found to deviate in the analysis 
of the (u – b) index and hence were excluded from the analysis for that index. 

The errors in photometry are of the order of ±0.01 magnitudes. The errors in 
Vsin i generally quoted are of the order of 10 per cent. However, according to Collins 
the errors in Vsin i derived by conventional methods for stars rotating close to 
break-up speeds can be as large as 40 per cent. In general, such stars will be classified 
as Be and they have not been included in the analysis. 

In principle it is difficult to determine rotation effects on colours as theory predicts 
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that almost all observable parameters of the stars are affected by rotation and the 
magnitude of this effect depends for each star on its mass m, true rotational velocity V 
and i the inclination of the rotation axis to the line of sight. Thus, two objects of 
differing masses can have identical colour indices due to their differences in V and i 
(see e.g. Collins & Smith 1985). 

Another problem is the role of interstellar extinction as both rotation and extinction 
lead to reddened indices. The determination of the extinction values will be uncertain 
especially when both effects are comparable and the individual extinction values for 
each star will be highly uncertain if rotation effects are not allowed for. Also as pointed 
out by Gray & Garrison (1989), the system calibration and dereddening procedures 
especially for A-stars are themselves affected by rotation which then would cast some 
doubt in the determination of colour excess due to extinction. Thus in order to derive 
the intrinsic parameters for a calibration of indices, we need to correct for extinction 
and rotation but the calibration procedures depend on an assumed relationship that 
has not taken rotation into account. Also only V sin i is observable whereas to 
calibrate we need to know the individual values of V and i. Also quantities such as 
the mass of the star, which are unaffected by rotation are unkown. Theory also predicts 
that rotation effects vary as a function of mass and each index varies differently 
(Collins & Sonneborn 1977; Collins & Smith 1985). 

Our approach to this complicated problem was the following. The effect of rotation 
is to displace the main sequence of a cluster of coeval stars from its non-rotating 
counterpart and broaden it by about twice the displacement (Collins & Smith 1985). 
The maximum shift of a single star depends on the maximum rotational velocity that 
the star can rotate with; this corresponds to the balance between the centrifugal force 
and gravity at the equator. The distribution of the stars in the band between its zero 
rotation main sequence (ZRMS) and the critical velocity main sequence (CVMS) 
depends on the spread in the true rotational velocities of the stars. This spread is not 
sensitive to i. (Collins & Sonneborn 1977; Collins & Smith 1985). 

Therefore one can expect, for a Maxwellian distribution in V and i, the spread to 
be dependent on the observed (projected) rotational velocity Vsin i as only few 
objects will be at the tail end of such a distribution. If the spread in the distribution 
of V is not large as suggested by Rajamohan (1978), the observed main sequence is 
not expected to show a large spread caused by differences in the observed rotational 
velocities of the member stars. Even though the effects of the rotation of stars are 
nonlinear in V and Vsin i, such nonlinearities are important only for rotating close 
to their break-up speeds (ω =1.0). Only early B-stars rotate close to their break-up 
speeds and such objects can be generally recognised by the emission phenomenon 
associated with them. The maximum observed rotational velocities for others 
correspond to ω 0.9 (Rajamohan 1978). Hence if Be stars are excluded, then the 
rest of the objects can be expected to show a deviation from the ZRMS which will 
depend, linearly on the average observed rotational velocities of stars (Collins & 
Harrington 1966; Mathew & Rajamohan 1990). But the position of the ZRMS is 
unknown. Hence the following procedure was adopted. 

We eliminated in each cluster, known Be stars, SB2's and VB's with Am < 2.0 
magnitudes. Only stars of luminosity classes IV and V were considered. In a colour-colour 
plot, we assume that these apparently single stars will define an average sequence 
parallel to the ZRMS. A single intrinsic line that defines this mean relationship also 
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defines the average shift of the main sequence for the mean observed rotational 
velocities of the cluster members. The advantage of this method is that while we use 
all stars in a cluster to get a statistically significant sample, the intrinsic differences 
in the angular momentum distribution at different masses will not affect the results 
significantly. Errors in photometry and Vsin i determinations cannot completely
account for the residual scatter in all these correlation diagrams.  
Β and A type main sequence members were analysed separately. For each cluster, 

two indices were plotted against each other and a second order polynomial fit was 
derived. The observed minus computed (O – C) residuals in each index were 
determined and plotted against V sin i. A least square fit was derived to determine 
the rotation effects. The rotation effects determined are relative as both indices are 
affected by rotation. In general we plotted all other indices against the β index to 
determine the rotation effects. For selected clusters, the rotation effects were analysed 
in all possible planes defined by any two of the intermediate band photometric indices. 

A list of clusters with available uvby, β and V sin i data was provided by 
Dr. J. Mermilliod of the University of Lausanne, Switzerland. We analysed the data 
of most of these clusters in which a statistically significant sample of single main 
sequence members with known V sin i values were present. The references to the 
cluster data utilised in this study are given in Table 1. A final summary of the results 
of all the clusters analysed is given in Table 2 and the results for all the indices for a 
few selected clusters are given in Tables 3, 4 and 5.
 

3. Results  
 
Detailed analysis of the α-Persei cluster, the Pleiades cluster and the Scorpio- 
Centaurus association have already been published (Rajamohan & Mathew 1988; 
Mathew & Rajamohan 1990a). For the α-Persei cluster, the analysis was done using 
observed as well as dereddened indices. However, the other two clusters were analysed 
after correcting the indices of each star for interstellar extinction. There is some 
uncertainty in the use of dereddened indices especially for Α-stars (Gray & Garrison 
1989). Hence we have used observed indices in the analysis even though for clusters 
analysed by both procedures, the differences were only marginal. One tends to get 
slightly larger effects if the indices are not corrected for extinction especially in the 
(u – b) index for Β stars. 

The slopes of the rotation effects determined in the (β, c) plane and the (β, u – b) 
plane for all the clusters studied are given in Table 2. The symbol ∆ is used to denote 
the residual in a given index in a given plane. For example, in the (β, c) plane, Δβ is 
defined as the difference between β observed and the calculated β value for its observed 
c value. Similarly, Δc is defined as the difference between c observed and the calculated 
c value for its observed β. The calculated values were determined from a second-order 
polynomial fit to the observed values of β and c. 

As in Paper 2 (Mathew & Rajamohan 1990a), the slopes of rotation effects were 
derived from the theoretical predictions of Collins & Sonneborn (1977). In order to 
compare the predictions from theoretical models of Collins & Sonneborn (1977), we 
have analysed the theoretical u, v, b, y and Hß indices in a similar way as we did for 
the cluster data. For this we have arranged the stars into three groups: B0 to B3, Β5 
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to B9 and A3 to F0. For each group at a given value of i and different values of ω, 
a second-order polynomial fit was determined for each of the various pairs of colour 
indices like β versus c1 β versus (u – b) etc and the deviations Δβ, Δc, ∆ (u–b), 
Δ(b– y) etc were determined. This was done for i = 30°, 45°, 60° and 90°. The slopes 
of the relation between V sin i and the colour excess derived for different values of i are 
given in Tables 3–5 along with the observed rotation effects in α–Persei, Pleiades, 
Hyades, Praesepe and the members of the lower and upper Centaurus subgroup of 
the Scorpio-Centaurus association. The choice of this subgroup is given as an example 
 

Figure1. Residuals in c1 derived from the observed mean relationship in the (ß,c1) plane 
for B-stars are plotted against Vsin i for (a) IC 2391 (squares), IC 4665 (filled squares), NGC 
2264 (circles with cross bars) and NGC 2422 (plus); (b) Pleiades (filled circles) and α-Persei 
(open circles); (c)Residuals derived from the oretical predictions by Collins & Sonneborn (1977) 
for B5–B9stars for i =45°(filled triangles) and i = 60°(open triangles) are shown for comparison. 
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Figure 2. The residuals Δβ derived for B-stars from the (β, c) relationship is plotted against 
Vsin i. Symbols have the same meaning as in Fig. 1. 
 
 
 
 
 
as it represents a least reddened sample of pure B2 and B3 main sequence stars. The 
B5 to B9 range is represented by the α-Persei Bstars while Hyades and Praesepe 
represent the A3-F2 type domain. The A3 to F2 domain is also represented by the 
α-Persei and Pleiades clusters. 

These results for the B-stars are shown in Figs 1–3. In Figs 1 and 2 the residuals 
in c1 and β derived from the (ß, c) relationship are plotted against V  sin i. The results 
for the B-stars in α-Persei, Pleiades, IC 2391, IC 4665, NGC 2264 and NGC 2422 
have been plotted. We have shown for comparison the theoretically expected 
relationship for the B5-B9 mass range derived from the calculations of Collins & 
Sonneborn (1977) for representative i value of 45° and 60°. 

Fig. 3 is similar to Fig. 1. The residuals in (u – b) derived from the (β, u – b) 
relationship have been plotted. The (b – y) results derived from the (ß, b – y) plane 
are shown in Fig 4. 

Results for the Α-stars are shown in Figs 5–9. The deviations in c1 and β derived 
from the (β, c) plane have been plotted against V sin i for α-Persei, Pleiades, IC 4665, 
IC 4756, NGC 2516, Coma, Hyades and Praesepe in Figs 5 and 6. The results from 
the theoretical predictions for the A3-F2 mass range are also shown for comparison. 
Similarly Δ(u – b) from (β, u–b) relation, Δ(b – y) from (c1, b – y) relation and 
Δm1 from (c1 ,m1) relation have been plotted against V sin i in Figs 7–9 respectively. 

It can be easily noticed from Tables 2–5 and Figs 1–9 that the observations are 
in excellent agreement with the theoretical predictions of Collins & Sonneborn (1977). 
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Figure 3. ∆ (u–b) versus Visin i derived for Bstars from the (β, u–b) relation. Symbols 
have same meaning as in Fig. 1. 
 

Figure 4. The residuals ∆ (b–y) for B-stars from the (ß,b—y) relation is plotted against 
Vsin i. Symbols have the same meaning as in Fig. 1. 
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Figure 5. Δc1 versus Vsin i diagram derived from the (β,c1) plane for A stars in various 
clusters (a) Ο α-Persei (b)  Pleiades (c)  IC 4665.      Coma, + 1C 4756,  NGC 2516 (d) 
×Hyades (e)      Praesepe (f) S i = 45° and ∆ i= 60° derived from theoretical predictions.

 
 
 
 
 
 
 

Figure 6. The Δβ versus Vsin i diagram derived from (ß,c1) plane for Α-stars in various
clusters. Symbols have the same meaning as in Fig. 5. 
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Figure 7. ∆ (u – b) Vsin i diagram derived from the (β, u – b) relationship for (a) α-Persei 
(b) Pleiades (c) Hyades (d) Praesepe and (e) theoretical predictions for i = 45° and i = 60°. 
 
 
 
 
 
 
 
 
 

Figure 8. ∆ (b – y) versus Vsin i diagram from (c1b–y) plane for A stars in various clusters. 
Symbols have the same meaning as in Fig. 5. 
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Figure 9. Δm1 versus Vsin i diagram derived from the (c1, m1) relationship for (a) α Persei 
(b) Pleiades (c) Praesepe and (d) theoretical predictions for i = 45° and 60°. 



Table 1. References to cluster data.  
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Table 1. Continued 

 

Table 2. Observed reddening due to rotation for 100 kms–1 
of V sin i.  
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4. Zero rotation main sequence (ZRMS) of selected star clusters
 
As the distance scale of the Universe is literally based on the observations of the nearby 
Hyades cluster, we first discuss the determination of the Hyades ZRMS. The observed 
colour indices are of course free of interstellar extinction for this cluster. We took 
two approaches to the determination of ZRMS values for each clusters. 
 

4.1 ZRMS from Observed Slopes of Rotation Effects  
 
In this approach, the observed rotation effects in different planes listed in Tables 2–5 
were utilised to derive the ZRMS values as a function of β. This table does not reflect 
the true effects due to rotation as the slopes determined are relative. In these 
determinations two photometric quantities, say X versus Υ are plotted and a 
polynomial fit is derived. The residuals ΔX in X  at the observed value of Υ and ∆Υ 
in Υ at the observed value of X  are plotted against V  sin i  to determine the rotation 
effects. The observed effects are therefore relative and the true effects cannot be 
determined unless one of the quantities X  or Υ is independent of rotation, such as 
the mass of the star. 

However, we can use the slope of the relationship between ΔX and V  sin i  or ΔY 
and V sin i to determine where the nonrotating sequence actually lies. This can be 
done by shifting the observed points either in X or Υ by an amount corresponding
to its observed V sin i value. Even though the shifted value for each star does not 
correspond to the appropriate ZRMS value for its mass, the locus of the shifted 
positions of all stars would define the ZRMS in that plane. This method should work 
as long as the relationship between X and Υ is not highly nonlinear and also that 
ΔX and ∆Υ are not highly nonlinear with V sin i. The analysis of Β and A stars 
independently should partially take care of such nonlinearity in the relationship 
between different quantities. Also for ω up to 0.9 (V 250kms–1), the residuals can 
be expected to be linear (see Fig. 17 of Collins & Harrington 1966 and Fig. 5 of 
Collins & Smith 1985). 

This was the logic followed for deriving the ZRMS values of different indices for 
each cluster from observationally determined slopes. 
 

4.2  ZRMS from Theoretical Predictions 
 
As the analysis of observations are in excellent agreement with theoretical predictions 
of Collins & Sonneborn (1977) one can in principle utilize the predicted effects to 
correct the observed data for each star to derive its ZRMS value. However, the value 
of i, the inclination between the rotation axis and the line of sight remains unknown. 
But we can derive the average ZRMS curve statistically based on the assumption 
that i is close to 60°. 

Collins & Sonneborn (1977) list the effects as a function of mass for various values 
of V and i. They have also given the other indices like (b – y)0 etc. as a function of 
mass. Collins & Smith (1985) have also listed the Zero Rotation Zero Age values as 
a function of mass for the Α-stars. As the values in the latter paper appear to be 
more consistent with observations, we have combined the two tables appropriately 
to derive the theoretical values of (b–y)0 m0 and c0 as a function of mass. 
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The calculations of rotation effects by Collins & Sonneborn (1977) for the mass 
range 14.5.M to 1.5 Μ  for ω = 0.2 and ω = 0.9 and i = 60° were used to produce 
a table of average corrections in β, c1,(b – y), (u – b) and m1 for 100 km s–1 of V sin i. 
This is given in Table 6. The results from Collins & Smith (1985) were appropriately 
combined with those of Collins & Sonneborn (1977) to get the corresponding values 
of (b – y)0 etc for the entire mass range. The table for rotation corrections in different 
indices were listed as a function of (b – y)0 as the masses of stars are unknown. For 
Α-stars the observed (b – y)0 value was used to get the first set of corrections in 
(b – y), (c1 u – b), ml and β. The corrected (b – y) was used to derive a second set 
of corrections in (b – y), c1 etc. The average of these two sets was used to correct 
each and every star for its observed value of V sin i For B-stars, we followed the 
same procedure using the observed (u – b)0 index instead of the (b — y)0 index. 
 

4.3 ZRMS of Hyades  
 
4.3.1  ZRMS values of β and c1 
 
The observed rotation effects listed in Table 5 were used to correct, β and c1 in the 
(ß,c1) plane. We denote these corrected indices as ßZR and c1ZR  respectively. 

As mentioned in the previous section we plot ßzr versus c1 and c1ZR versus ß. The 
locus of these two plots should coincide. These are shown in Fig. 10(a). A least-square 
fit to the data points in the figure was derived to detemine the (ßZR, clZR) relationship 
for Hyades. We list these ZRMS values (at equal intervals of β) in Table 7. β is chosen 
as an independent parameter following Crawford as it is free of instersteller extinction. 
The range in β for which the ZRMS values are listed corresponds to the observed 
range of β in Hyades.  

Similarly, following Method lb, we use the theoretical corrections listed in Table 6 
to correct the individual stars in β and c0 . The corrected position and the least-square 
fit to the data points are shown in Fig. 10(b). The derived ZRMS values are given 
separately in Table 7. 

The observed values of β and c1 for all stars together with the ZRMS given in 
Table 7 are shown in Fig. 10(c). The Am stars are shown as filled circles, the apparent 
normal single stars are plotted as open circles and the SB2's and VB's with 
Δm < 2.0 mag as crosses. 
 
4.3.2 ZRMS values of (b – y)  
 

From Tables 4 and 5 we see that in the (β, b–y) plane, rotation effects are negligible, 
while in the (c1 b – y) plane they are discernible. The first set of (b – y)ZR values was 
derived from a least-square fit between β and (b – y). A second set was derived by 
correcting for rotation effects in the (cl b – y) plane following procedures already 
described in the case of β, c1 . Now the (b – y)ZR values that correspond to ßZR and 
cZR listed in Columns 1 and 4 of Table 7 were calculated. The (b – y)ZR values from 
both these methods were found to agree very well. The average of the two values is 
listed in Column 2 of Table 7. 

The same values derived by using Method lb are listed in Column 7 of Table 7. 
The observed positions of stars together with the ZRMS derived from observed slopes 
in the (β, b – y) plane are shown in Fig 11 (a). 
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Figure 10. The ZRMS of Hyades cluster in the spectral type range A3-F0. 
(a) Corrected positions of stars in the (c1, β) plane. Each star has been plotted twice; the observed 
c1 value versus β corrected for rotation effect and the c1 value corrected for rotation versus 
the observed β value have been plotted. The locus defined by the leasts-quare fit to the data 
points which defines the zero rotation values from observed slopes of rotation effects is shown 
by a continuous line, (b) The c0 and β index independently corrected for rotation effects for 
each star is shown. The least-square fit is shown by the continuous line which defines the zero 
rotation values determined from theoretically derived slopes for i = 60° from the work of 
Collins & Sonneborn (1977), (c) The observed position of all stars have been plotted in the c0, 
β plane. The continuous line is the ZRMS determined from (a). 
 
4.3.3  ZRMS values of (u– b)  
 

Following procedures set up for c1 and (b – y), the (u – b)ZR values derived from 
observed effects (Method la) are listed in Column 5 of Table 7 and those derived 
from theoretical expectations (Method lb) are listed in Column 10 of Table 7. 
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Figure 11. Same as Fig. 10 (a) The observed (ß, b – y) values of Hyades stars are plotted. 
The ZRMS locus determined from observed slopes of rotation effects is shown as a continuous 
line, (b) & (c): Same as (a) in the (ß, u – b) and ß, m1 planes. 
 

The (β, u – b) ZRMS curve together with the observed (β,u – b) values of the Hyades 
members is shown in Fig. 11 (b). 
 
4.3.4 ZRMS values of m1 
 

The ZRMS values of m1 were calculated from the observed rotation effects in the (ß, 
m1) plane and (cl m1) plane. The average value of m1ZR thus derived was compared
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Figure 12. Same as Fig. 10 for the Praesepe cluster. (a) ZRMS values of (β, c 1) of Praesepe 
stars and the ZRMS curves from observed slopes of rotation effects. (b) ZRMS values of 
members and ZRMS curves from theoretical slopes of rotation effects. (c) Observed position of 
stars and the ZRMS curve from observed slopes of rotation effects. 
 
With the m1zr calculated from c1zr, (b–y)zR and (u–b)zR derived in earlier 
sections. We find that for mid-values of β  in Table 7 the two agree, while at the two 
end of the β range, the differences are of the order of 0.02 magnitudes. 

We also calculate m1 using Method 1b and find that it agrees very well with m1 
calculated from (b–y), (c1, u – b). 

The observed values of β, m1 and the observed (βzR, m1zR) relation for Hyades are
shown in Fig. 11(c). 
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Figure 13. Same as Figs 10 and 12 for α−Persei B stars. 
 
 
 

4.4 ZRMS of Praesepe
 
Procedures exactly similar to those followed for Hyades were used to determine the 
ZRMS of Praesepe. No interstellar extinction corrections are needed for this cluster 
either. The ZRMS derived from observed rotation effects (Method 1a) is listed in 
Table 8. The ZRM Svalues derived from predicted effects from theory (Method 1b) 
are also listed in Table 8 (Columns 6 to 10). The ZRMS values derived from theory 
seem to give consistently larger values for all indices (at a give β) for the late A-stars. 
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Figure 14. Same as Figs 10 and 12 for α-Persei A stars. 
 
The different diagrams similar to that for Hyades, in the (β, c1) plane are displayed
in Fig. 12. 
 

4.5 ZRMS Values of α-Persei and Pleiades 
 
The B stars and A stars were treated separately for determining rotation effects. The 
methods followed are exactly similar to those for Hyades and Praesepe and we derived 
the ZRMS value from observed effects (Method 1a) for B stars and A stars for the A Stars 
independently. The ZRMS values for the B stars in α-Persei are listed in Table 9 and 
for the A stars in Table 10. We have taken care always to check for the self-consistency
of the m1 values derived.
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Figure. 15. Same as Figs 10 and 12 for Pleiades A stars. 
 

The ZRMS values derived from predicted effects (Method lb) are listed in Table 
9 for Β stars and in Table 10 for A stars. The ZRMS values derived from both the 
methods are found to agree very well with each other. 

The ZRMS values are corrected for the average observed intersteiler reddening. 
Extinction corrections are discussed in Section 5 where we discuss the derivation of 
the Zero Rotation Zero Age Main Sequence (ZRZAMS). In Figs 13 and 14 the 
different diagrams similar to those for Hyades in the (β, c1) plane are shown 
respectively for the Β and A stars in α-Persei. 

Procedures similar to those for α-Persei were followed for the Α-stars in Pleiades 
and the dereddened ZRMS values derived from observations (Method la) and theory 
(Method lb) are listed in Table 11. Diagrams similar to those of α-Persei are displayed 
in Fig. 15 for Pleiades Α-stars. The theoretical ZRMS for the Β stars in Pleiades are 
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Table 6.Average change in indices per 100 km s–1 of Vsin i (ω = 0; i = 60°).

 
 
 

Table 7. Hyades.
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Table 8.   Praesepe. 

 
 
 
 
 listed in Table 12. The ZRMS from observations (Method la) was not calculated as 
Pleiades, contains only a few single main sequence B-type stars. 

 
4.6  ZRMS of the Scorpio-Centaurus Association and 1C 4665

 

As the Upper Scorpius sub-group is known to have highly variable reddening due to 
interstellar extinction, we decided to consider only the two other subgroups of this 
association for the derivation of the ZRMS values. The Lower Centaurus and Upper 
Centaurus subgroups consist mainly of B2 and B3 main sequence stars which gave 
us the opportunity of deriving accurate rotational effects for this mass range. 

The ZRMS values derived from observations and theory (Methods la and lb) for 
these two subgroups are listed in Table 13. The extinction for this subgroup appears 
to be extremely small (Glaspey 1971) and therefore needs no correction. 

The (dereddened) ZRMS values derived for B-stars of 1C 4665 from observed slopes 
and theory are given in Table 14. 
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Table 9.   α-Persei Β stars. 

 
 
 
 

Table 10.  α-Persei A stars. 
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Table 10. Continued. 

 
 
 

Table 11. Pleiades A stars.
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Table 12. Pleiades B stars. 

 
 

Table 13. Lower-Cen + Upper-Cen B2, B3 stars. 
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Table 14.  IC 4665 B starts. 

 
 

5. ZRZAMS  
 

5.1 Interstellar Reddening  
 
As both rotation and interstellar extinction redden the stars, we decided to check the 
E(b – y) values given in the literature for various clusters. 

For the Αstars, β and (b – y) are linearly related as both are functions of the 
effective temperature. Crawford (1977) finds a slight dependence of this relationship 
on  c1 and  m1 terms. The  c1 term refers to reddening due to evolution and  m1 the 
difference in line-blanketing with respect to Hyades values. The largest correction 
involved due to blanketing differences is of the order of 0.02 magnitudes only. The 
  c1 term would be zero for unevolved members.  

Rotation does not produce a shift away from the (β, b – y) relation whereas 
extinction would shift the entire sequence, along the (b – y) axis only. Hence mean 
extinction values derived from Α-stars in the (β, b – y) plane should be independent 
of rotation effects. 

We plotted the ZRMS values of β and (b – y) for various clusters and estimated 
their relative shift along the (b – y)axis with respect to the Hyades relation. The 
E(b – y) values derived by us for a few selected clusters were compared with the 
values quoted in the original papers. The agreement between the two estimates was 
found to be good excepting for α-Persei where we find our estimate to be smaller by
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about 0.03 magnitudes. For all the clusters the E(b – y) taken from literature was 
used for extinction corrections excepting for α-Persei for which we use a value of 
0.045 instead of the value 0.07 given by Crawford and Barnes (1974). In Table 15, we 
list the E(b – y) values and the distance moduli to various clusters taken from the 
original literature that is listed in Table 1. 
 

5.2 Absolute Magnitudes  
 
The distance moduli of the clusters used for deriving the ZRZAMS are also listed in 
Table 15. These have been taken from the references listed in Table 1. The absolute 
magnitudes and dereddened colours for all stars were derived using the following 
relationship (Strömgren 1966). 

 
The ZRMS values listed in Section 4 have all been corrected for average extinction 
using the above relationship. 
 

5.3  ZRZAMS: From Observed Slopes of Rotation Effects  
 
The ZRMS values of various indices as a function of β derived for different clusters 
were all superposed to derive the mean ZRZAMS for Β and A stars separately. In 
Fig. 16 we show in the (β, c) plane the ZRMS curves for Β stars of α-Persei, Upper 
Centaurus and IC 4665. A similar diagram for the A stars is shown in Fig. 17 where 
the values for stars in α-Persei, Pleiades, Hyades and Praesepe are plotted. ZRMS 
 
 
 

Table 15.  E(b–y) & distance modulus for clusters. 
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Figure 16. The ZRMS curves in the (β, c0) plane determined from observed rotational effects
for α-Persei B stars, Lower and Upper Centaurus B2, B3 stars IC 4665 B-stars are shown. 
The adoped ZRZAMS values of c0 as a functions of β are shown by a dotted line. 
 

 

Figure 17. Same as Fig. 16 for A-stars. The ZRMS from observed slopes of rotation effects 
of α-Persei, Pleiades, Hyades and Praesepe are plotted. The adopted ZRZAMS curve is shown 
by a dotted line. 
 
 
values for the Β and A stars are plotted in the (ß, b – y), and (β, u–b) planes 
respectively in Figs 18 and 19. Preliminary ZRZAMS values derived from this set 
of clusters are listed in Tables 16 and 17 for Β and A stars respectively. We expect
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Figure 18. The ZRMS (observational) in the (β, b – y) plane for A and B-type stars of all 
clusters plotted in Figs 16 and 17 is shown. The adopted ZRZAMS values of (b – y) as a 
functions of β are shown by the dotted line. 
 
 
 
 
 
 
 

Figure 19.   Same as Fig. 18 in the (β, u – b) plane. 
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that this would be highly representative of the true values from mid-B to late A and 
early F star ranges. The B2, B3 type stars are represented only by the Lower Centaurus 
and Upper Centaurus group. 
 

5.4  ZRZAMS: From Theoretical Corrections  
 
ZRZAMS from theoretical corrections also was derived by superposing the theoretical 
ZRMS curves for various clusters. In addition to α-Persei, Pleiades, Hyades, Praesepe, 
Upper Centaurus and IC 4665, we have used Cep OB3, Coma, IC 2602, IC 2391, IC 
4756, NGC 2264, NGC 2516 and NGC 4755 to check the derived ZRZAMS by 
 

Figure 20. The theoretically corrected values of β and c0 for B-stars in various cluster stars 
with V sin i  100 kms-1 have been plotted. The adopted ZRZAMS theoretical curve is shown 
as a line. 
 

Figure 21. Same as Fig. 20 Stars with all V sin I values have been plotted. 
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Figure 22. The theoretically corrected values of Mv, and β for B stars, with Vsin i 100 km s-1, 
in various clusters have been plotted. The adopted ZRZAMS curve (theoretical) is shown as 
a line. 
 

Figure 23. Same as Fig. 22. Stars with all Vsin i values have been plotted. 
 
correcting the indices using the theoretical predictions of Collins & Sonneborn for 
i = 60°. 

Because we are assuming a value of i = 60° for all stars, we are likely to leave 
uncorrected, all such stars which are rotating fast but seen pole-on. For example, in 
an Mv, versus c0, plane for B-stars, these will be more than half a magnitude above 
the non-rotators at a given c0. These objects would add to the scatter that would be 
introduced by the inclusion of visual and double-lined spectroscopic binaries. 

We checked the derived ZRZAMS values using stars that have V sin i values 
greater than or equal to 100 km s-1. We compared these determinations with those 
derived by using all stars without any discrimination. Fig. 20 shows, for fast rotating 
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Figure 24. The theoretically corrected values of  Mv and (b – y) for Β and A stars, 
with Vsin i  100kms–1, in various clusters have been plotted. The adopted ZRZAMS 
(theoretical) curve is also shown. 
 

 
Figure 25. Same as Fig. 24. Stars with all Vsin I values have been plotted. 

 

(V sin i  100kms–1) Β stars, the plot of ßZR and cZR values corrected for rotation. 
The theoretical ZRZAMS curve is also shown. The relationship appears extremely 
smooth as expected. In Fig. 21 stars of all V sin i values are plotted. α-Persei, Pleiades, 
Upper and lower Centaurus, Cep OB 3,1C 4665,1C 2602,1C 2391, NGC 2264 and 
NGC 4755 have been included. Similar diagrams in the (Mv, β) and (Mv , b – y) 
planes are shown in Figs 22–27. Fig. 26 is a plot of ßZR, (b – y)ZR for stars of all 
V sin i values and (cZR, u – b)ZR , for fast rotators is plotted in Fig. 27. 

Similarly from a superposition of various clusters containing Α-stars the ZRZAMS 
values were determined. The following clusters were used; α-Persei, Pleiades, Hyades, 
Praesepe, IC 4665 and Coma. The theoretical ZRZAMS values are also listed in 
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Figure 26. The theoretically corrected values of β and (b – y) for B and A stars in various 
clusters have been plotted. The adoped ZRZAMS (theoretical) values are shown by lines.
 

 
Figure 27. The theoretically corrected c0 and (u – b)0 values for cluster B-stars with 
Vsin I  l00kms– have been plotted. The adopted ZRZAMS values (theoretical) are shown 
by a line. 
 

Tables 16 and 17 for Β and A stars respectively. Adopted ZRZAMS values are the 
averages of the observational and theoretical ZRZAMS values and are listed in 
Tables 18 and 19 for Β and Α-type stars respectively. 

A comparison of our adopted ZRZAMS values is made with the zero age main 
sequence values derived by Crawford (1975, 1978, 1979). Crawford has listed the 
ZAMS values derived from the locus of the blue envelope of Β and A stars. We can 
easily anticipate that such a blue envelope should also represent the zero rotation 
zero age main sequence and hence must agree with our values derived by correcting for 
rotation effects. In Figs 28–30 we have compared these two independent determine- 
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Figure 28. The ZRZAMS values for B stars derived in this study are compared with the 
values derived by Crawford (1978, 1979) from the lower envelope of field and cluster stars 
(dotted line), in the β, c0 plane. 
 

 

ations. The agreement is excellent and supports the fact that rotation affects all the 
observed parameters and our procedures in determining the ZRZAMS values should 
be valid. 

Figure 29.  Same as Fig. 28 for A-type stars.
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Figure 30. same as Figs 28 and 29 in the (u – b, b – y) plane for B and A-type stars.
 
 
 

Table 16. B-type stars. 
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Table 17.   A-type stars. 

 
Table 18. Adopted ZRZAMS for Btype stars.

 
Table 19. Adopted ZRZAMS for A-type stars. 
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6. Discussion 
 
We have established firmly the rotation effects in the intermediate band photometric 
indices for various mass ranges by analysing a large number of dusters for which 
sufficient data are available. This was possible because the method we followed 
took care of most of the complications that would have otherwise been introduced 
by causes other than rotation. In principle, this method is similar to the one followed 
by Strittmatter (1966) in his analysis of the Praesepe cluster. Stritttmatter measured 
ΔV at a given (B – V) value, where ΔV  was defined as the difference between the 
observed and assumed zero rotation main sequence value of the V-magnitude. But 
we did not wish to make any assumption on the ZRMS values, instead we decided 
to derive it after determining the rotation effects. This is where we departed in the 
data analysis from the earlier workers in the field. For example, Crawford & Barnes 
(1974) measured the deviations in cl from a preliminary calibration of ZAMS, In the 
α-Persei cluster, they found the deviation in c1 for A-stars to show rotation effect 
while the B-star data appeared to be unaffected by rotation. Instead of assuming 
ZRMS or ZAMS values, we derived for each cluster a mean main sequence from 
which the deviations were measured. Our approach clearly demonstrates the rotation 
effects for both B and A-stars (Rajamohan & Mathew 1988, Mathew & Rajamohan 
1990a, b). Likewise Warren's (1976) analysis of Orion association failed to reveal the 
rotation effects for V sin i values less than 250 km s-1. Although the analysis of field 
stars by Hartwick & Hesser (1974) and by Gray & Garrison (1988, 1989, 1990 
demonstrates the rotation effects on β and c1, the spread is large as they have not 
taken into account the reddening by other causes. The causes for the conflicting 
results of earlier analysis of observational data can be traced to an assumption of an 
assumed calibration that does not take rotation into account together with the effects 
of evolution which causes a large spread when objects of different ages are pooled 
together. The smallness of the rotation effects for moderate rotational velocities, and 
the fact that rotation effects are a function of mass m, true rotational velocity V and 
the inclination i of the rotation axis to the line of sight (whereas only V sin i is 
observable) introduces further uncertainties in any analysis of data. 

Our analysis has established not only the reality of rotation effects on observable 
parameters but also that the agreement is near perfect with the theoretical calculations, 
especially of Collins and his co-workers. 

The analysis of B2, B3 stars of Upper and Lower Centaurus, the B5 to B9 stars 
of α-Persei, and IC 4665, the A3-F2 stars of α-Persei, Pleiades, Hyades and Praesepe 
clearly demonstrates this agreement with the predicted values by Collins & Sonneborn 
(1977). The A0-A2 type stars have not been analysed. This is a spectral domain in 
which almost all indices are a function of both the effective temperature and gravity. 
Further, the procedures we adopted are not suitable for this spectral type range. At 
these types both β and c reach a maximum value and the rotation effect on (u – b) 
starts reducing here after reaching a maximum around B9—while the effect on (b – y) 
starts becoming more pronounced. 

A basic assumption which underlies all our calculations is that the rotation effects 
are linear. This is not true for values of ω > 0.9. The early B-stars, where the Be 
phenomenon is known to be pronounced, appear to rotate with ω > 0.9 when they 
arrive on the main sequence (Rajamohan 1978). The ZRMS and ZRZAMS values in 
this paper would be slightly uncertain in the B0–B3 range. We have also not
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determined directly the rotation effects on Mv from observations. As theory and 
observations agreed for all other indices, we have used the theoretical predictions to 
derive ZRZAMS values of Mv as a function of β. The agreement with Crawford's 
(1978) determination of the β, Μυ values for the blue envelope of B-stars tends to 
confirm the theoretical predictions of Collins and Sonneborn. However, having 
determined ZRZAMS values after first establishing the rotation effects,, it should now 
be possible to use all the unevolved members of the galactic clusters to establish 
firmly the rotation effects on Μυ. 
 

7. Summary and conclusions  
 
Effects of rotation on the intermediate band indices uvby and Hβ are firmly established 
empirically from published data for many clusters. The observed positions of single 
main sequence stars and single-lined spectroscopic binaries in a given plane defined by any 
two of the indices were used to establish the relative displacements due to rotation. 

As interstellar extinction also reddens the stars, the Alpha Persei Cluster was 
analysed using both observed and dereddened indices. It was found that for Alpha 
Persei, where non-uniformity of extinction is not large, both reddened and dereddened 
indices lead to similar results. However, as suggested by Gray and Garrison, we used 
the observed indices for other clusters as dereddening procedures for Α-stars are 
based on an assumed calibration which may be in error due to rotational reddening. 

Evolutionary effects will introduce a scatter if the cluster members are not coeval. 
This is evident from our results for the Scorpio-Centaurus association. Here the Upper 
Scorpius members which are younger than the Lower Centaurus and Upper Centaurus 
subgroups were found to be separated in all diagrams of colour excess due to reddening 
versus V sin i diagrams (Mathew & Rajamohan 1990a). Also the scatter for Upper 
Scorpius was large where the interstellar extinction is highly non-uniform. The Upper 
Centaurus and Lower Centaurus groups which are unreddened, consisting mostly of 
B2 and B3 type-stars show the reddening effect due to rotation in perfect agreement 
with theoretical predictions by Collins & Sonneborn (1977) for stars in the similar 
mass range.  

As the predicted effects are a function of the mass, we analysed all clusters grouping 
them into three ranges corresponding to the spectral type ranges B0-B3, B5-B9 and 
A3-F0. The predicted indices for these ranges by Collins and Sonneborn were 
analysed the same way as was done for our observational data. 

In our analysis of the theoretically derived indices we did not assume any distribution 
in υ or i. Instead, for each value of i (30°, 45°, 60° and 90°) we took sixteen values 
corresponding to ω = 0.2, 0.5, 0.8 and 0.9 for the mass range corresponding to the
spectral types from B0–B3, B5–B9 and A3–F0 and derived the rotation effects in
different planes (such as β, c1, β, (u–b) etc.). We found that the rotation effects 
determined from observed data points for clusters, very closely matched the
predictions for the various mass ranges. We have established very firmly that not
only rotation effects can be discerned from observations but also that the agreement
is excellent with theoretical predictions of Collins & Sonneborn (1977) for rigidly 
rotating stars. 

The observed rotation effects, together with theoretical predictions were used to 
derive ZRMS for various clusters. The sequences were combined to derive preliminary 
ZRZAMS values of the various indices. 
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Abstract. The effect of rotation on the observed colours of stars has
been considered as a possible cause for the blue straggler phenomenon in
clusters listed by Mermilliod (1982). It appears that this phenomenon is
definitely not real in the case of the late Β and early A spectral type blue
stragglers that are intrinsic slow rotators. Among clusters containing the
early Β type blue stragglers it is found that the anomalous position of the
stragglers in NGC 6633, NGC 6475 and NGC 2516 cannot be accounted
for by rotation effects alone.
 
Key words: stars, rotation—stars, colours—star clusters, individual—
stars, blue stragglers

 

1. Introduction
 
Blue stragglers are stars that occupy a position in a cluster colour magnitude diagram
above and to the left of the cluster main sequence. They appear bluer than the presumed
cluster turn off, obviously contradicting the assumption that all cluster members are
coeval. Various theories have been put forward to explain their anomalous position
with respect to the cluster main sequence.

Williams (1964a) in his delayed formation theory suggested that these objects were
formed later than other cluster members and that the assumption that cluster members
are coeval is erroneous. This theory is not favoured any longer since there is no
independent observational evidence especially in old open clusters for ongoing star
formation such as the occurrence of T-Tauri stars, emission or reflection nebulae and
differential reddening due to clumps of dusty gas (Wheeler 1979a).

Williams (1964b) proposed the theory of accretion in which a main sequence star
accretes matter from high density regions and moves along the main sequence to
become a bluer star. The interaction of the interstellar matter already present in the
cluster with the mass ejected by supergiant members is supposed to produce such
regions. For this mechanism to be operative such clusters must be fairly old while
blue stragglers seem to occur in clusters of all ages.

Mass transfer in close binaries proposed by McCrea (1964) and quasi homogenous
evolution proposed by Wheeler (1979b) are more viable but the evidence in support
of them is not conclusive. While some blue stragglers do show radial velocity
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variations, an equal number have constant radial velocity indicating that duplicity
is not a necessary condition for their existence.

Maeder (1987) hypothesized extra-mixing by rotationally induced turbulent diffusion
in OBN stars giving rise to nearly homogeneous evolution. This suggestion is
analogous to the extensive mixing hypothesis proposed by Wheeler. Another
mechanism that may lead to homogenous evolution is extensive core overshooting
as suggested by Stothers & Chin (1979). Stellar coalescence suggested by Leonard
(1989) attributes the formation of blue stragglers to binary –binary collisions in
globular clusters. A blue straggler formed from the above mechanism must not be a
slow rotator as the merger of binaries should produce a rapidly rotating star. Blue
stragglers on the other hand have a wide range of observed V sin i values.

Mermilliod (1982) compiled a list of blue stragglers in clusters younger than the
Hyades which show a large spread in properties indicating that no unique model
would be able to explain all the observations.

Mermilliod (1982) has shown that there are no observable differences between the
blue stragglers and corresponding normal main sequence stars, except for the
distribution in their rotational velocities. He also found that the blue stragglers cannot
be identified spectroscopically and can only be discovered from their position in the
colour-magnitude diagram.

An interesting feature that has emerged out of the work on blue stragglers (Pendl &
Seggewiss 1975; Mermilliod 1982) is that more than half of them belong to the class
of chemically peculiar (CP) stars of spectral types B7 and later. This group, in general
consists of slow rotators. The blue stragglers earlier than B5, in general, have a range
in their observed rotational velocities and some of them are also Be stars. This marked
characteristics in the rotational velocity distribution of the blue stragglers and the
fact that even in the old galactic cluster Μ 67 (Mathys 1991) they are all slow rotators
have led us to investigate the possibility of rotation effects on colours of cluster stars
as a primary cause for their observed positions. We have already established in a
series of papers (Rajamohan & Mathew 1988; Mathew Rajamohan 1990 a, b; 1991)
that such rotation effects are discernible in the observed data of star clusters and also
that the effects are fully consistent with the theoretical prediction of Collins &
Sonneborn (1977).

The blue stragglers that fall in the early Α-type domain the intrinsic slow
rotators – are discussed in Section 2, and the B-type stragglers with a wide range in
rotational characteristics are discussed in Section 3. A summary of the results is given
in Section 4.
 

2. The Α-type blue stragglers
 
The early Β type stars in a cluster have maximum observed rotational velocities
close to their break-up speeds, while the maximum observed rotational velocity for
stars in the spectral range B5-FO is close to ω = 0.9 (Rajamohan 1978; Kawaler
1987). The effect of rotation on the main sequence of a cluster, is to displace it from
its non-rotating counterpart and broaden it by about twice the displacement (Collins &
Smith 1985). The maximum displacement that a main sequence star would suffer,
depends directly on the maximum rotational velocity that it can have; this corresponds
to the balance between centrifugal force and gravity at the equator. The observed
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distribution of main sequence stars in a cluster between the zero rotation main
sequence curve and the main sequence curve for ω = 1.0 therefore, depends on the
spread in the true rotational velocities of the stars. Also the observed dispersion along
the main sequence would be a function of mass as the effects on different indices peak
in different mass ranges.

The maximum effects predicted for the (u – b) index are for stars in the B7–A0
spectral range (Collins & Sonneborn 1979). The presence of a slow rotator in any
cluster where the turn-up occurs for stars in the above spectral range, would make
the slow rotator appear bluer than other normally rotating main sequence stars. Since
the effects of rotation and evolution both act in the same direction, this observed
colour difference would make the stars on the main sequence appear more evolved
than the blue straggler itself. We have in the following analyses, taken this differential
reddening effect due to rotation into account in judging how blue the blue stragglers
really are, and how much really are the nearby cluster members evolved.

Table 1 gives the theoretically predicted changes for inclinations i = 0° and i = 90°
in the various photometric indices for a non-rotator and a star of the same spectral
type rotating with ω =  0.9. This table was derived from the work of Collins and
Sonneborn (1977). They have listed the values of (b – y), c, m, β, Mv and (u – b) for
various values of i ranging from 0° to 90° and fractional velocities ω = 0.0, 0.5, 0.8,
0.9 and 1.0. These values have been tabulated for the mass range that corresponds to
the main sequence stars in the spectral type domain B0 to A7. Table 1 shows that
the effects of rotation on the colour indices are almost independent of i in the B0 to
A2 spectral domain.

Table 2, lists the blue stragglers belonging to the class of slow rotators taken from
a list compiled by Mermilliod (1982). Column 2 lists the clusters to which the blue
straggler belongs, Column 3 its HD number, Column 4 its spectral type and Column 5
its observed V sin i  value. The last column contains remarks, if any, on the binary
nature, membership probability, radial velocity variations etc. of the blue stragglers
under consideration. The V sin i values of the stragglers in NGC 6633 and NGC 6281
have been taken from Abt (1985). The spectral type, V sin i values and other remarks
for the clusters in the table are as given by Mermilliod.

Mermilliod’s listing contains a few more clusters. We have considered only those
for which intermediate and narrow-band photometric data along with V sin i values
for the blue straggler were readily available. The membership probability of star
no. 161 (HD 170563) in NGC 6633 (Abt 1985) and star no. 9 (HD 153947) in
NGC 6281, (Feinstein & Forte 1974) is low.

From Table 1, it can be seen that rotation effects on the (u – b) index are larger
than on (b – y) in the B7–A0 spectral range. In a given cluster the members in these
spectral ranges, rotating with an average velocity typical of their spectral class should
suffer a large change in both the (u – b) and (b – y) indices due to rotation and be
pushed away from the zero rotation main sequence. This rotational reddening in
(u – b) is especially large for this spectral range. Most of the blue stragglers listed in
Table 2, being peculiar, are intrinsic slow rotators (Abt 1979) and have anomalously
low observed V sin i for their spectral type. They fall in the above mentioned spectral
range where rotation effects on the (u – b) index reach a maximum.

A plot in the M v versus (b – y) or Mv versus (u – b) plane of any of these clusters
containing an intrinsic slow rotator in the B9–A0 spectral range would, therefore,
show the slow rotators in a position that is blue when compared to other stars in
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the same spectral range rotating with an average velocity of the order of 150 kms–1.
The slow rotator would thus appear as a blue straggler, the effect being more
pronounced in the Mv versus (u – b) plane since rotation affects the (µ – b) index
considerably.
 

Figs 1 to 5 show the clusters listed in Table 2 plotted in the (Mv, b – y);
(Mv, u – b), and (u – b), (b – y ) planes. The observed (b – y) index of each of the
 

 
Figure l (a). Hyades and Coma in the V versus (b – y) and V versus (u – b) planes. The filled
circles represent the cluster members and the filled triangles the Ap and Am stars in the
cluster. The blue straggler is denoted by a dot inside an open circle. The triangle with one
apex as the blue straggler represents the correction for ω =0.9 for angles of inclination i = 0
and i = 90.  
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Figure l (b). Hyades and Coma clusters in the (u – b) versus (b – y) plane. Symbols are the
same as in Fig. l (a).
 

blue stragglers in the clusters was corrected for interstellar reddening using the average
E(b – y) given for each of these clusters in the original papers giving photometric
data. References to the cluster data along with the E(b – y) value used are given in
Table 3. The rotational correction for ω = 0.9 at the observed (b – y)0 was taken for
i = 0° and i = 900 from Table 1. We have indicated by means of a triangle in each
of these figures the change in position of the blue straggler if it were to be rotating
with velocity ranging anywhere from zero to a maximum velocity corresponding to 
ω = 0.9. Rotation effects in the (u – b, b – y) plane push the stars along the
 



114 J. D’Souza et al.
 

 

Figure 2(a). Praesepe and NGC 3532 in the V versus (b – y) plane. Symbols are the same as
in Fig. 1 (a).
 

 

Figure 2(b). Praesepe and NGC 3532 in the V versus (u – b) plane. Symbols are the same as
in Fig. l(a).  
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Figure 2(c). Praesepe and NGC 3532 in the (u – b) versus (b –y) plane. Symbols are the same
as in Fig. l (a).
 

main sequence curve. For the B0 to A2 stars the (u – b) index is affected by a larger
extent than the (b – y) index. A slow rotator in this plane would therefore, maintain
its position on the curve, whereas the other normally rotating stars would be pushed
downwards. This would cause a large gap between the slow rotators and the others.
Correction of the blue straggler in this plane causes a significant reduction in this
gap as shown in Fig. l (b) for Hyades and Coma and in Fig. 2 (c) for Praesepe and
NGC 3532. An exception to these results is the cluster NGC 6633. The blue stragglers
in this cluster are discussed in the next section.
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Figure 3. NGC 6281 in the V versus (Β – V) and V versus (U – Β) planes. Symbols are the
same as in Fig. 1(a).
 

NGC 2281 has been analysed using UBV data since narrow-band data for this
cluster is not available. Similarly, for NGC 6281 broad-band indices have been
plotted as narrow band data for the blue straggler in this cluster is not available. The
corrections applied to the blue stragglers in these cases would be underestimated
since larger effects due to rotation on the broadband colours are predicted (Collins &
Smith 1985). The analysis of rotation effects on the broad-band UBV colours of
the α-Persei and Pleiades cluster (Mathew & Rajamohan 1991) show that the effects
are of the order of 0.05 mag. per 100 km s–1 in (U – B).

The cluster colour–colour and colour–magnitude diagrams show clearly that the
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Figure 4. NGC 2281 in the V0 versus (B – V)0 and V0 versus ( U – B)0 planes. Symbols are
the same as in Fig. l (a).
 

anomalous position of all the blue stragglers listed in Table 2, with the exception of
the blue stragglers in NGC 6633, can be explained purely by differences in the
rotational velocities between the straggler and its nearest main sequence neighbours.
The fact that blue stragglers in the Β and early A spectral type domain appear bluer
because of their low rotation seems to have been noted by Strittmatter & Sargent
(1965) more than 25 years ago! They corrected the metallic-line stars in the Hyades,
Praesepe and Coma clusters for blanketting effects and found that they lie to the left
of the main sequence. They suggested that this was because they were slow rotators
and that other stars of similar masses have been shifted to the red due to rotation.

We would also like to draw attention here to the blue stragglers in IC 4756, IC
4651, NGC 752 and M67. The stragglers studied by Pendl & Seggewiss (1975) in IC
4756 are all spectroscopically peculiar and these authors were the first to suggest
 



118 J. D’Souza et al. 
 

Figure 5. NGC 6633 in the V versus (b – y) and V versus (u – b) planes. Symbols are the
same as in Fig. 1(a).
 
 

Table 1. Change in the indices from ω = 0.0 to     = 0.90.

 

ω 
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Table 2. List of the A-type blue stragglers.

 
 

Table 3. References to cluster data for the Α-type stragglers.

 

strongly that the two phenomena appear to be related. What is actually common to
the two phenomena is slow rotation. Slow rotation is indirectly responsible for these
objects to appear bluer and it is well known that almost all chemically peculiar stars
on the upper main sequence are slow rotators.

In Μ 67 Mathys (1991) finds that all the blue stragglers are slow rotators and the
blue straggler phenomenon seems to be related to the Am phenomenon even though
only two of the eleven stragglers are known Am stars (Pesch 1967). As noted by
Pendl & Seggewiss (1975) the blue stragglers have not been studied carefully to
recognise Ap, Am characteristics and it would not be surprising if a large fraction of
the Μ 67 stragglers turn out to be Ap stars of the Hg–Mn type. A comparison of
IC 4651 and Μ 67 in the M v versus (Β – V) plane also indicates that the stragglers 
in IC 4651 could possibly be explained in terms of rotation effects if they were to be
intrinsic slow rotators. The position of the blue straggler in NGC 752 however does
indicate that it cannot be explained by rotation effects alone.
 

3. The B-type blue stragglers
 
A listing of the blue stragglers in the B0–B6 spectral range is given in Table 4. The
third coloum gives the HD number of the blue straggler, followed by its spectral type
and observed V sin i  values in Columns 4 and 5 respectively. The last column is similar
to that in Table 2 and gives details regarding duplicity etc. The nine clusters listed
in Table 4 along with the above data have been taken from Mermilliod’s (1982) listing
of blue stragglers. Unlike the Α-type stragglers discussed in Section 2, the B-type
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stragglers have a random V sin i distribution. Out of the nine clusters listed in the
table, NGC 6633 and NGC 6475 stragglers have low observed V sin i’s. The rotational
velocities of the stragglers in NGC 6025 and NGC 2439 are not available. Out of
the remaining five clusters, four contain emission-line objects, indicating rotation at
a velocity close to their break-up speeds, while the blue straggler in IC 2602 has a
V sin i typical of stars belonging to the spectral type B0.

The effect of rotation, in general, on the early B type (B0–B3) stars, is small in
comparison with the effect on the late B type (B5–B9) stars. The reddening due to
rotation in the (u – b)0 and c0 indices in particular shows a steep increase in the
B5–B9 spectral range relative to the early B type stars. The blue stragglers that are
fast rotators, except for Alcyone in Pleiades fall in the B0–B3 mass domain where
the rotation effects are not pronounced. It is therefore possible that in a few of these
clusters, differential rotational reddening, may cause the stars that are of slightly lower
mass than the straggler, to appear redder and therefore more evolved.

To check that the above effect may be a possible cause for some of the stars to be
designated blue stragglers we attempted to correct the brightest cluster stars on the
main sequence for the effects of rotation. We do find that the bright main sequence
stars close to the stragglers are indeed fast rotators and fall in the spectral type range
where the rotational effects on their colours are large.

To correct each star for rotation effects, we need to know the individual values of
V and i. We have assumed a value of i = 45° to get an approximate estimate of the
velocity V with which the star is rotating from the observed V sin i value. Table 5
contains the average corrections for 100 km s–1

 of rotation that have to be applied
in the Mv, (u – b)0 and Mv, (b – y)0 plane calculated from the work of Collins &
Sonneborn (1977). These corrections have been listed as a function of (u – b)0 since
masses of the stars are unknown. The ZRZAMS values of (u – b)0 as a function of
mass is taken from Mathew & Rajamohan (1991). The observed (u – b)0 for each star 
was used to get the first set of corrections in (u – b)0 and Mv. These corrected indices
were then used to derive the second set of corrections in Mv, and (u – b)0. The average
of these two sets was used to correct the stars in the Mv, range 0.0 to – 2.0 magnitude
for which rotation velocity data are available. Some of the stars in this magnitude
range have low observed V sin i (< 50 km s–1). These appear considerably displaced
from the ZRMS and are probably fast rotators seen pole-on. The velocities obtained
from the V sin i values in these cases are obviously underestimated leaving these star
uncorrected. 

Six of the nine clusters listed in Table 4 are shown in the Mv versus (u – b)0 plane 
in Figs 6 to 11. Table 6 gives the references to the cluster data along with the distance
modulus and E(b – y) value used. The straggler in NGC 2287 is considered a
non-member by Mermilliod (1982), as it lies outside the cluster radius and its
membership based on available radial velocities is difficult to assess. Intermediate-band
photometric indices are not available for NGC 2439. The stragglers in the remaining
seven clusters are discussed below in relation to the rotational reddening effects as a
possible cause contributing to their erroneous designation as blue stragglers. More
detailed discussion on other properties of these stragglers have been listed by
Mermilliod (1982).

(a) HD 93030 in IC 2602: This bright southern object has been found by Walborn
(1979) to be a short period binary (P = 1.7788 days) with a relatively low mass
companion. Mass transfer phenomenon is supposed to account both for its spectral
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Figure 6. IC 2602 in the Mv versus (u – b)0 plane. The blue straggler is denoted by a dot
inside an open circle. The continuous line represents the zero rotation main sequence used by
us. The theoretical sequence for ω = 0.9 and 1.0 are denoted by the dotted and broken lines
respectively. The arrow heads indicate the position of the stars, when corrected for rotation
 

peculiarity and observed location in the HR diagram. The upper main sequence of
the IC 2602 stars is shown in Fig. 6. Also shown, are the zero rotation zero age main
sequence (ZRZAMS) from Mathew & Rajamohan (1991), the zero age main sequence
(ZAMS) for   = 0.9 and the ZAMS for ω = 1.0. The reddening effects predicted by
Collins & Sonneborn (1977) for ω = 0.9 and 1.0 were appropriately combined with
the adopted ZRZAMS to derive the two ZAMS curves. The arrow heads indicate
the position which the stars indicated would occupy if they were to be non-rotators.
The rotationl velocities for these stars were taken from Levato (1975) and were
corrected using Table 5. It can be noticed that the majority of the stars scatter around
the ZAMS for ω = 0.9 and would lie along the ZRZAMS if rotational reddening can
be properly taken into account. The position of the blue straggler shows it is slightly
evolved and cannot be considered anomalous.

(b) HD 60855 in NGC 2422: The upper main sequence of the stars in NGC 2422
is shown in Fig. 7. Rotational reddening corrections for the brightest members are
indicated by arrows. Rotational velocities were taken from Dworetsky (1975). These
corrections are a lower estimate if these stars have fractional velocities greater than
ω = 0.9. The reddening effect due to rotation is highly nonlinear for ω > 0.9 (Collins &
 

ω 
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Figure 7.   NGC 2422 in the M v versus (u – b)0 plane. Symbols are the same as in Fig. 6, 
 
 
Sonneborn 1977; Collins & Smith 1985). On the other hand, if the stars on the
upper main sequence are evolved, then they would be rotating with less than 0.9, as
an increase in the radius would diminish the rotational velocity of the star. Our
corrections in this case would be slightly overestimated. However, an ultraviolet excess
of 0.15 magnitudes is not unusual for Be stars (Mermilliod 1982; Feinstein 1968).
Therefore HD 60855 should be considered only as a probable blue straggler until
detailed evolutionary tracks that take rotation into account become available.

(c) HD 2S630 in Pleiades: The Pleiades data are plotted in Fig. 8, and the observed
position of the stars appear to be consistent with the fact that they are fast rotators.
(Anderson, Stoeckly & Kraft 1966). The rotation corrections applied to the bright
stars indicate that the age has to be revised downwards by a larger amount than that
estimated by Maeder (1970). Remarks similar to the ones made in connection with
NGC 2422 regarding the estimates for these corrections also apply to Pleiades. Given
the uncertainties in the position of the bright members, HD 23630 should not be
considered a blue straggler.

(d) HD 143448 in NGC 6025: The data for this cluster is plotted in Fig. 9 which
seems to indicate that the majority of the stars are fast rotators. No rotational velocity
data is available for this cluster. The cluster appears similar to that of NGC 2422
and the same remarks as before apply to this cluster.
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Figure 8. The Pleiades cluster in the Mv versus (u – b)0 plane. Symbols are the same as in Fig. 6.
 
 

(e) HD 66194 in NGC 2516: The data for this cluster is plotted in Fig. 10. The
large scatter of the stars in the Mv, (u – b)0 plane appears to be directly correlated
to the large spread in their rotational velocities. The V sin i values were taken from
Abt et al. (1989). The slowly rotating peculiar stars in this cluster are found closer to
the ZRZAMS. This fact has already been noted by Eggen (1972) and Snowden (1975).
Both of them call the CP stars in this cluster as stragglers! We find that a large
number of slow rotators lie well above the main sequence indicating that they are
probably fast rotators seen pole-on. For a few of the bright members, rotational
velocities are not available. The age estimates for this cluster by Eggen (1972) and
Snowden (1975) must be considered highly uncertain due to the large observed spread
in the rotational velocity distribution for this cluster. However, the position in the
colour-magnitude diagram of one of the evolved giants in this cluster indicates that
HD 66194 should be considered as a blue straggler, as the giant appears to have
evolved from a star less massive than the blue straggler itself.

(f) ED 162374 and HD 162586 in NGC 6475: The data for this cluster is plotted
in Fig. 11. As both are slow rotators we can consider what would be their position
if their rotational velocities were to be high as we have done for the Α-type stragglers. 
If HD 162586 is an intrinsic slow rotator, a fact which we cannot prove, then it cannot
be considered as a blue straggler, HD 162374 appears to be a definite blue straggler
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Figure 9.   NGC 6025 in the Mv versus (u –b)0 plane. Symbols are the same as in Fig. 6.
 
 

 

Figure 10. NGC 2516 in the Mv verses (u – b)0 plane. Symbols are the same as in Fig. 6.
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Figure 11. NGC 6475 in the Mv, versus (u – b)0 plane. Symbols are the same as in Fig. 6. The
triangle with one apex as the blue straggler (HD 162586) represents the correction for    = 0.9
for angles of inclination i = 0° and i = 90°.
 
 

Table 4. List of the B-type blue stragglers.

 

ω 
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Table 5. Average change in indices for
change in velocity of 100 km s–1 

 

Table 6.   References to cluster data for B-type stragglers.

 

whatever be its true rotational velocity unless its helium weak nature can account
for its large observed excess in the (u – b)0 index. The ultraviolet excess may not be
able to account for the observed (u – b)0 index for HD 162374 unless it is also an
intrinsic slow rotator while the other members of the cluster are fast rotators.

(g) HD 170054 in NGC 6633: This cluster has two blue stragglers in the A-type
domain and one blue straggler in the B-domain. Fig. 5 in Section 2 shows that the
position of the Am star (HD 170563) can easily be accounted for in terms of rotation
effects. This star is a probable non-member. There are six red giants in the cluster,
whose membership has been established from radial velocity measures by Mermilliod &
Mayor (1989). The observed position of the giants in the colour-magnitude diagram
of this cluster surely indicates that HD 169959 and HD 170054 are definite blue
stragglers.

If some of the stragglers in the B0–B3 class are real, then they are probably
produced by the mechanism of mass-exchange in binary stars proposed by McCrea
(1964). Quasi-homogenous evolution proposed by Wheeler (1979b) appears ruled out
as these few candidate stragglers, which are all in the early B-spectral range have a 
wide range in their observed V sin i distribution.
 

4. Conclusions
 
The effect of rotation on observed colours of stars was considered as a possible cause
for the observed position of blue stragglers in star clusters. We find that the observed
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blueness of the blue stragglers which are intrinsic slow rotators, in the B7–A2 type
range can easily be accounted for by such effects. The reddening caused by rotation
shifts the entire cluster main sequence away from the zero rotation main sequence
leaving the slow rotators behind. The rotation effect in (u – b)0 index reaches a
maximum in the B7–A0 spectral type range where all the slowly rotating blue
stragglers are also concentrated. It is also therefore not surprising that the majority
of these Α-type stragglers are found to be CP stars.

There are at least 6 blue stragglers which fall in the spectral type domain B0–B3
with the exception of the straggler in Pleiades. Amongst these objects, it is found that
the dispersion in the (u – b)0 index due to rotation can account for the blue stragglers
in Pleiades and IC 2602. The position of the stragglers in NGC 6025 and NGC 2422
can probably be accounted for by a combination of rotation effects and the expected
ultraviolet excess in Be stars. The position of two stragglers in NGC 6633, one in
NGC 6475 and the NGC 2516 straggler cannot be accounted for by rotation effects
alone.
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Abstract. The system gain of two CCD systems in regular use at the
Vainu Bappu Observatory, Kavalur, is determined at a few gain settings.
The procedure used for the determination of system gain and base-level
noise is described in detail. The Photometrics CCD system at the 1-m
reflector uses a Thomson-CSF TH 7882 CDA chip coated for increased
ultraviolet sensitivity. The gain is programme-selected through the
parameter ‘cgain’ varying between 0 and 4095 in steps of 1. The inverse
system gain for this system varies almost linearly from 27.7 electrons DN–1

at cgain = 0 to 1.5 electrons DN–1
 at cgain = 500. The readout noise is

   11 electrons at cgain = 66. The Astromed CCD system at 2.3-m Vainu
Bappu Telescope uses a GEC P8603 chip which is also coated for enhanced
ultraviolet sensitivity. The amplifier gain is selected in discrete steps using
switches in the controller. The inverse system gain is 4.15 electrons DN–1

at the gain setting of 9.2, and the readout noise ∼ 8 electrons.
 
Key words : CCD photometry—CCD spectroscopy—system gain—
readout noise

 

1. Introduction
 
The charge-coupled device (CCD) is increasingly favoured for astronomical observa-
tions in the optical and near-infrared domains because of its sensitivity, linearity and
dynamic range. It is also a reuseable detector and hence can be calibrated accurately.
Its applications are limited at present only by the small format in which the detector is
available. A CCD is an analog device. The charge (q) accumulated in a CCD pixel is
converted to voltage (qA/C0 = V0) where C0 is the output node capacitance, and A
the voltage gain of the amplifier. An analog-to-digital converter (ADC) digitizes the
voltage such that a specific voltage Vm is converted to a specific number of bits. The
full-well capacity of some CCD chips exceeds 500,000 electrons (McLean 1989). If
one chooses to set the amplifier gain such that one electronic charge results in one
count or ‘data number’ (DN), an ADC with 19 bits will be needed to realize the
full-well capacity. It is easier to use an ADC with 14–16 bits, which, at 1 electron
DN–1, will utilize only 313 per cent of the dynamic range.
 
 
1Also Joint Astronomy Programme, Department of Physics, Indian Institute of Science, Bangalore 560 012.
2Present address: Inter-University Centre for Astronomy and Astrophysics, Post Bag 4, Ganeshkhind,
Pune 411007.
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The accuracy of detection of charge accumulated on the CCD is limited by the noise
introduced in the process of measurement (the readout). The readout noise is in the
range of 510 electrons for a majority of CCD chips currently used in astronomy
(McLean 1989). There is no advantage in operating a CCD at gains much larger
than one DN per readout noise. Most of the dynamic range of a typical CCD
chip—defined as (full-well capacity)/(readout noise)—can be accommodated in 16
bits at one DN per readout noise. This setting is also optimal for the astronomical
applications which range from background-noise-limited observations such as broad-
band imaging where the sky background needs to be detected with significant
accuracy (minimum detected signal » readout noise), and readout-noise-limited
detection such as spectroscopy and speckle interferometry (minimum detected
signal    readout noise).

The system gain or transfer factor is defined as the value of DN per electronic charge
detected. We denote this by the symbol G  in the following. Often its inverse is also
used in the units of electrons DN–1, and we denote this value by Q. A count or DN
is referred to in the literature also as an analog-to-digital unit (ADU) or an
analog-to-digital count unit (ADCU). Q  is sometimes referred as EPADU (electrons
per ADU). The system gain needs to be calibrated for different values of amplifier
gains so that an optimal setting may be determined. In addition, it is desirable to
know its value for each observation, so that one can determine the scale factor
between the observed counts and detected electrons. Simple procedures to do this
will be useful in monitoring the long-term stability of the system. The information
on the system gain and readout noise are necessary for estimating the total noise at
any observed signal level, and are demanded by the standard software for reductions
of CCD spectroscopy and photometry.

The system gain can be computed if the capacitance at the output node, the voltage
gain of the amplifier, and the conversion factor at the ADC are known. On the other
hand, it can easily be determined experimentally (cf., Djorgovski 1984; Mackay 1986;
Home 1988; McLean 1989; McCall, English & Shelton 1989). We have examined the
experimental methods of calibrating the gain and readout noise of a CCD system, and
tried to evolve a simple and accurate method using flats obtained routinely during
spectroscopic observations. New commands have been added to the RESPECT
software (Prabhu & Anupama 1991) for analysis of these spectroscopic flats.

Two CCD systems are available at VBO and each one is used both for imaging and
spectroscopy. The 1-m Zeiss reflector is equipped with the CH210 camera head
containing a Thomson CSF ΤΗ 7882 CDA chip coated for enhanced sensitivity in the
ultraviolet, CE200 controller, and DIPS 1000 image acquisition and processing
system, obtained from Photometrics Ltd., Tucson (USA) in 1988. The photometric
calibration of this system has been performed by Sagar & Pati (1989) and Mayya
(1991). The 2.3-m Vainu Bappu Telescope (VBT) is equipped with a CCD dewar and
controller obtained from Astromed Inc., Cambridge (UK) in 1988 as CCD 2000
imaging system. It is equipped with a GEC P8603 CCD chip coated for enhanced
ultraviolet sensitivity which replaced the original chip in 1991 January. A nearly
identical system jointly belonging to TIFR, Bombay, and IUCAA, Pune (Bhat et al.
1990) is also available, and is used interchangeably. The data acquisition software
currently in use was developed locally for this system using a personal computer
(Ananth et al. 1991). We present new results on the calibration of these systems for
system gain and readout noise in Section 3, after explaining the methodology in
Section 2. The last section summarizes the conclusions.

≲ 
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2. The methodology
 
The gain calibration of a CCD system can be effected by studying its noise
characteristics. In a unit integration period, Ne electrons are accumulated on a typical
pixel as given by

 
where be is the DC offset (‘bias’) applied (in units of electronic charge) to avoid negative 
signal caused by fluctuations due to noise, de is the number of thermal electrons
generated, and Se is the number of electrons generated due to signal photons. The
factor f  varies from pixel to pixel, and denotes the relative quantum efficiency. If G
denotes DN corresponding to one electron, the equation can be rewritten as

 

where Nc, bc ,dc , and Sc are in units of DN. The mean and variance of observed counts
for a uniform illumination can be written as
 

(1)
and

(2)
 
where Be is the base-level noise in electrons and equals the sum in quadrature of the
readout noise (Re) and noise from other signal-independent sources (Newberry 1991).
In deriving Equation (2) we have assumed that the noise in electrons generated
thermally as well as due to the signal is Poissonian. The noise in signal electrons
equals √Se electrons (cf, Newberry 1991), and hence the noise in the signal counts
is G√Se =  √GSe counts. We also assume that the mean value of f is unity (definition).
In the following, we drop the angular brackets for simplicity. We will also assume
that the mean thermal counts and bias have been subtracted from the data and the
the rms thermal noise has been subtracted from the derived noise. Most CCD chips
currently available have very low thermal charge, and hence also its variance, at
liquid nitrogen temperatures. Equation (2) can thus be written as
 

(3)
 

It is clear from Equation (3) that it is possible to determine G and Be using a set of
observed, bias- and dark-subtracted, signal counts (Sc) and their rms scatter (σ), 
sometimes referred to as the variance diagram. A set of flat-field images obtained at a
range of illumination levels (or equivalently exposure times) can be used to this end.
A quadratic fit to the data yields all the constants in Equation (3). In practice, the
the propagation of errors downwards, i.e.,  This problem
can be alleviated by the procedures described below.
 

2.1 Reducing the Magnitude of the Quadratic Term 

The accuracy of determination of G in Equation (3) can be enhanced by reducing the
magnitude of the third term in the equation. The quadratic term arises due to
pixel-to-pixel sensitivity variations as also the non-uniformity of illumination in the 

—
— —
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flat-field. Its magnitude can hence be reduced by correcting for these effects. We
consider below two methods of reducing the effect of the quadratic term.
 
2.1.1 Correcting for the flatfield variations
 
The most accurate way of reducing the flat-field variations is to correct for them by
using an accurate flat-field frame. In practice, it is not possible to correct for
pixel-to-pixel variations exactly but only to a desired accuracy. If one desires that
the third term in Equation (3) should not be larger than the second term even at the
largest values of Sc, one obtains the condition that σf   [G/Sc(max)]1/2 = Se (max)-1/2,
where σ f is the residual flat-field variation. For a signal reaching the full-well capacity
of 105 electrons, this implies that the flat-field corrections should be carried out to
an accuracy of 0.3 per cent in order to achieve 1 per cent accuracy in σ f. Many flats
need to be stacked to obtain a master flat accurate to this level. It should be noted
that the individual images used for obtaining the master flat cannot be used to study
the noise statistics since the master contains the memory of the noise in individual
flats. The corrected flats would, in such a case, show a lower-than-real noise. An
independent set of flats, corrected using the master flat, should be used to determine
the noise statistics. A quadratic fit of Equation (3) would still be necessary for the
determination of G, though the constant σ 2f would now be very small. An example
of this procedure is given by Horne (1988).
 
2.1.2 Division or subtraction of two flats
 
An alternative method of reducing the effect of flat-field noise is dividing two flat-field
images after subtracting bias and dark. Mackay (1986) suggests dividing two equally
exposed flats. In general, for two unequal flat-field images with mean counts S1 and
S2 , the variance of the divided image is 
 

(4)
 
A relationship similar to Equation (3) can now be written as
 

(5)
where

and

 

The simplification for S1 = S2 is evident. Since the flat-field variations are not random, 
but affect both the frames the same way, the division does not contain the quadratic
term (σ f (S1 / S2 ) = 0).

The propagation of errors due to normal flat-fielding operation is evident from
Equation (5), since flat-fielding of image 1 involves division by image 2 such that
S2   S1. In practice, to restrict the relative error to e one requires S1/S2   ε2. On
the other hand, Equation (5) is more general, and can be used for any ratio image.
 

The flat-field noise can also be eliminated by subtracting two equal flat-field images.
If the two images are not exposed equally, it will become necessary to normalize
 

≲ 

≪ ≫
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individual flats before subtraction. Denoting the normalized counts by s. The
variance of the 'normalized difference image’ can be expressed as
 

(6)
 
Equation (5) is valid in this case too, with
 

(7)
 
 

Again, the simplification for S1 = S2 is evident.
 

2.2 Improving the Estimates of G and Β
 
The methods described in Section 2.1 reduced the magnitude of the quadratic term
in Equation (3) and make it possible to determine the value of G  accurately. However,
the value of Β determined by a least-squares polynomial fit would still be inaccurate
since the linear term dominates. It is possible to improve the initial estimates of G
and Β obtained through usual least-squares analysis by iterative methods such as the
Marquardt algorithm (cf., Press et al. 1986). If the nonlinear term is small or absent,
one can use a linear regression for initial estimates, and obtain the best fit by
iteration. 

The Marquardt algorithm is best suited for a minimization of χ2 which requires
an accurate model of the variance of the dependent variable. In the case of Equation (3),
it is difficult to model the variance of σ2, but its magnitude can be minimized by
choosing a sufficiently large area to determine σ2. We used Marquardt algorithm
minimizing rms deviations, or equivalently, by assuming equal variance for all values
of σ2. Here again, it was seen that Β cannot be determined accurately since the
algorithm tries to fit larger values of σ2 better. The problem can be alleviated, albeit
rather arbitrarily, by obtaining the logarithm of Equation (3) and assigning equal
weights to log σ2 since now the weights get distributed more evenly. This representation
has been in regular use (cf., Horne 1988; McLean 1989). Though it does not have the
rigour of a χ2 fit, it yields a very good fit to the data.
 

2.3 Analysis of Spectroscopic Flats 

Low-resolution spectroscopic flats often contain a range of signal levels due to the
variation of instrumental response. Hence the division of two spectroscopic flats
provides an easy way of constructing the variance diagram. We have set up a
procedure to calibrate CCDs using low-resolution spectroscopic flats and the
RESPECT software. The use of RESPCET software for spectroscopic data reduction
has been described in detail by Prabhu & Anupama (1991). Here we describe the
commands added more recently for gain calibration using the methods outlined above. 

The command GSTAT determines the noise statistics based on two flats. The
format of the command is

GSTAT flat l flat2 output.



134 T. P. Prabhu et al.
 
The output contains mean counts and variances as (x, y) pairs. In the case of
spectroscopic flats the programme automatically locates the spectrum, and evaluates
the statistics using (10, 20) size boxes centred on the spectrum, spaced 10 pixels apart,
The spectroscopic flats used here were about 40 pixels wide. The direction of dispersion
(x direction) is assumed to be along columns. If it is along the rows, the information
can be supplied through the qualifier/X = ROW. The box-size can be varied by the
qualifier/BSIZE = (IX, IY). If one wishes to avoid some rows at the beginning and
end of the spectrum, one can specify it as /XLIM = (X1, X2). The automatic centring
of the boxes can be circumvented through explicit positioning by /YLIM = (Yl, Y2).
If a mean bias value is to be subtracted from the data, one may do so with
/MBIAS = const. Alternatively, one can input a bias frame as /BIAS = bias-frame. In
this case, the mean value of bias is computed and subtracted. Further, the mean
value is subtracted from the bias frame itself, boxes are centred on it at
the same locations as on flats, and the mean and variance of these boxes are determined
and added to the output file. These would help in fixing the readout noise better. It
should be noted that the mean value of bias should actually be zero. Since this implies
log S = – ∞, and it is not possible to plot it in the logarithmic representation of the
variance diagram, the absolute value of (local mean – global mean) is used as the
mean value of S with the value S < 0.01 being discarded. This is only a matter of
convenience, and has no effect on the final results.

The noise and variance are computed as transformed by Equations (5) and (7), By
default, the first frame is divided by the second, and Equation (5) is used. If subtraction
is desired, one should add/MODE = SUB.

The system gain and the readout noise are determined through the command
GFIT input curve.
The input is the output of GSTAT command. The resultant coefficients of the linear
or quadratic fit and the standard errors are printed in the log file. The theoretical fit
is computed over the entire range of values and stored for future display in the file
‘curve’. Α linear relation transformed to the log-log domain is fitted by default. If a
quadratic term is to be added, one uses/QUAD. A fit can also be obtained without
using the logarithmic representation, with the qualifier/NOLOG.
 

3. Results 
 

The two CCD systems in regular use at VBO were calibrated using the methods
discussed above. The results are presented below. 

3.1 The Photometrics System 

The Photometrics CCD system at the 1-m reflector was calibrated in a greater detail
compared to the Astromed system described in the following section. The system is 
in regular use since 1988. The noise statistics for the system were determined using
the imaging flats at two different gain settings and spectroscopic flats at five different
gain settings. No preflashing was employed in any of the observations.

The R band twilight sky flat images obtained during the imaging observations of
1991 April 16 and May 16 were used in the analysis. In addition to well-exposed flats 
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obtained routinely during observations, additional graded flats were obtained to
uniformly cover lower signal levels. The gain setting ‘cgain’ = 0 was used in April,
whereas a value of 33 was used in May. The first four rows and columns were trimmed
since some of these showed abnormally low or high counts. The bias frames showed
only faint strips which were not repeatable and hence only a mean bias value was
subtracted from all the frames. A set of flats were stacked to obtain a master flat
accurate to ∼ 0.1 per cent. The remaining flats were corrected for pixel-to-pixel
sensitivity variations, as also for the vignetting in the system, using the master flat.
An area of the corrected flat enclosed by the rows (201, 500) and columns (101, 300)
was used for determining the statistics, since this area was less affected by vignetting.
The mean signal counts were determined from the flats before correction, in order
to represent the signal accurately before the correction for vignetting. The rms noise
was estimated over contiguous boxes of 5 × 5 pixels after rejection of deviants over
three iterations.This procedure determines the local variance and should be relatively
free of errors due to incomplete flat-field corrections. The EDRS subpackage of
STARLINK software was used in all the reductions.

The spectroscopic flats were obtained during regular observing runs of 1991–92,
using the Cassegrain UAG spectrograph and a 1501 mm–1 grating blazed at 8000 Å
in the first order. Flat and bias frames at ‘cgain’ = 0 and 33 were obtained as a part
of the observing programme, and a cgain = 66,100 and 500 were obtained specifically
for calibration of the system. The closed shutters of the dome, illuminated by
incandescent lamps, were used as the continuum source. The grating setting
corresponded to the wavelength range of 4200–7400 Å on April 17 (cgain = 0) and
May 12 (cgain = 33), and 6000–9200 Å on May 13 (cgain = 66). On 1992 January 7
flats were obtained at three different grating settings: 3800–7000 Å (cgain = 33),
4200–7400 Å (cgain = 33, 100, 500), and 6300–9500 Å (cgain = 33). In general two
equal, well-exposed flats were used in obtaining the noise statistics, though on some
occasions a low-exposure flat was also employed. The combined effect of the
instrumental response and the colour of the radiation source made a range of signal
levels available, which was particularly large for the blue setting. The range was
further augmented by utilizing also the faint scattered light outside the slit area. Both
the subtraction and division of flats gave similar statistics and the method of division
was adopted. Statistics was obtained by division of two well-exposed flats, and by
the division of the lower exposure flat with one of the well-exposed ones.

The initial estimates of G and Β were obtained by a linear regression analysis, and 
were improved iteratively using the Marquardt algorithm. Equation (3) was fit both
in the linear domain and in the logarithmic domain. In the case of spectroscopy flats,
σ and S  were transformed as given by Equation (5). Fits were attempted by including
as well as neglecting the quadratic term. In general, the logarithmic fit was better as
it passed through the bias values closely. It was noticed that whenever the quadratic
term was negligible the fit tended to yield a negative value for the last coefficient. In
such cases, as also whenever the value of the coefficient was less than its formal error,
it was decided to use the fit that neglects the quadratic term.

The Statistical data and the adopted fits are shown in Figs 1–5, and the final results
are presented in Table 1. The formal errors of G and Β are < 1 per cent. The imaging
flats yield a slightly higher value of G even when the quadratic term is included. It
is apparent that even though flat-fielding is done to an accuracy of   1 per cent, the
variance contains the effect of flat-field to the level of ∼ 1 per cent. On the other
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Table 1. System gain and readout noise.

 
Notes: 
Formal errors of the fit appear below the values. 
Method: S = spectroscopic flats: I = images flats.

 
 

hand, the spectroscopic data always yielded a satistically insignificant, slightly negative
value for the quadratic term, exemplifying the advantage of using the more rigorous
Equation (5).

In the case of zero cgain (Fig. 1), the variance shows appreciable departure from the
standard curve at high signal levels. Such a behaviour is noticed in CCDs as the
full-well saturation is approached, though the range of electron levels over which the
effect is apparent varies (Mackay 1986). At 27.7 electrons DN–1, the departure in the
present case sets in at ∼ 140,000 electrons and becomes pronounced at 250,000
electrons. The data beyond 5000 counts was hence not used in the analysis. On the
other hand, Mayya (1991) finds using flats exposed to the level of 2.7–4.1 x 105

electrons per pixel, that the CCD is linear to an accuracy of 1 per cent over signal
levels 8,200–300,000 electrons. The full-well capacity of the chip is expected to be
500,000 electrons (McCall, English & Shelton 1989).

The variance was generally found to be larger than predicted by the fit for s   5000
electrons at all gain settings. The statistics at these signal levels was derived from the
first 100 rows of the CCD frames. Mayya (1991) had found that stars recorded in
this region showed appreciable departure form the standard magnitudes. A possible
reason for these departures is the deferred charge nonlinearity, or the poor charge
transfer efficiency (CTE) of the Thomson-CSF chip at low light levels (cf., McLean
1989). The effect is more pronounced in the early rows, and vanishes after initial
transfers leave back sufficient amount of charge in the pixel to overcome the inefficieny.
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Figure 1. The logarithmic plot of variance versus signal together with the theoretical fit for
the Photometrics CCD system at cgain = 0. The points based on spectroscopic flats (+) and
imaging flats (Δ) are separately shown. Here, and in the subsequent plots, only selected points
are shown for clarity, whereas a large number of points were used in deriving the fit; also the
variance of bias counts is shown as log S < 0. The fits pass through the large S points better
since the full data set used for the fit had a large number of points there. The fit is based on
spectroscopic data in the range 150   S    5000, and the bias statistics. The nonlinear behaviour
of noise for S > 5000 counts is evident. Note that the noise is higher than expected at low
signal values.
 
This nonlinearity can be overcome by preflashing. An alternative source of noise is
the division by small numbers when two nearly equally exposed flats are used (McCall,
English & Shelton 1989).

The base-level noise Β includes, in addition to the readout noise R, truncation
noise due to digitization of the analog data from the CCD chip and noise due to pick-up
from external signals. The contribution to the base-level variance due to truncation
is T2 = (Q2 – 1)/12 (Newberry 1991). The values listed in Table 1 decrease with
increasing gain between 0 < cgain < 66, showing that such an effect is likely. The
estimates of readout noise corrected using Newberry’s prescription are 15.5, 11.6 and
10.6 electrons, respectively, for cgain = 0, 33 and 66. The values continue to decrease
with increasing gain. The readout rate decreases with increasing cgain as described
below and we ascribe the decrease in the readout noise from cgain = 0 to 66 to this fact.
 

The high value of Β at cgain = 500 is due to external pickup. The pick-up appears
as faint vertical strips at cgain = 0. As the gain is increased, the image data acquisition
control increases the preamplifier gain and also reduces the readout rate. The strips
become more pronounced, wider, and inclined. A pattern of spikes sometime becomes
visible at cgain > 33. The pick-up was seen to be variable, and the source has
since been identified and removed. In order to understand the nature of the
pick-up, the following experiments were performed using the frames that showed
significant pick-up.
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Figure 2. The logarithmic plot of variance versus signal together with the theoretical fit for
the Photometrics CCD system and cgain = 33 based on the data obtained in 1992 January.
The fit is based on spectroscopic data in the range 300   S   10000, and the bias statistics.
Other details are as in Fig. 1. Surprisingly, data from a different set (×) obtained on 1991
May 12, agrees with the theoretical fit even at low signal values.
 
 

 

Figure 3. The logarithmic plot of variance versus signal together with the theoretical fit for
the Photometrics CCD system and cgain = 66. The fit is based on data in the range S > 500,
and the bias statistics. Other details are as in Fig. 1.
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Figure 4. The logarithmic plot of variance versus signal together with the theoretical fit for
the Photometrics CCD system and cgain = 100. The fit is based on data in the range S > 600,
and the bias statistics. Other details are as in Fig. 1.
 

 

Figure 5. The logarithmic plot of variance versus signal together with the theoretical fit for
the Photometrics CCD system and cgain = 500. The fit is based on data in the range S > 3000,
and the bias statistics. Other details are as in Fig. 1. Note the discordant data for S = 1 – 100
counts (l – 150 electrons), which is probably due to the low-level charge transfer inefficiency (the
‘deferred charge’ problem).
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Figure 6. Data from row 101 of a bias frame obtained at cgain = 500 showing the modulation
due to 50 Hz mains pick-up. The spikes often extend a little beyond the limits plotted.
 
 
 

 

Figure 7. The logarithmic plot of variance versus signal and the corresponding theoretical
fit for the Astromed CCD system at gain setting of 9.2. The symbols are as in Fig. 1.
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First, the bias frame transfer times were measured to determine approximate
readout rates. They were 4.9, 7.9, 10.9, 13.9, 49.4 and 94.0s, respectively, at cgain = 0,
33, 66, 100, 500 and 1000. These values fit a linear relation 
 

transfer time(s) = (4.96 ± .03) + (0.08901 ± .00004)cgain, (8)
 

with a correlation coefficient of 0.999999. Next, an 8192 point series of data was
picked beginning from the first column of row 101. An examination of the data for
cgain = 0 showed that spikes repeat with a period of 45 pixels (Fig. 6). However,
alternate spikes have positive and negative deviations compared to the mean bias.
There is also an almost sinusoidal pattern seen with 90 pixel periodicity, and 15 count
amplitude. Superposed on this is a wave with a periodicity of about 18 pixels. The first
three pixels of each row, which showed counts higher than average, were then replaced
by mean counts and the power spectrum of the series was obtained for cgain = 33,
100 and 500. Two strong periods were seen at 18.1 and 90.7 pixels. Additional
periodicities were also seen at 10.0,13.0 and 30.2 pixels. A similar pattern was evident
at other values of cgain also, but with periods 3.66 and 6.49 times at cgain = 100 and
33, respectively. These factors are in a general agreement with the measurements of
frame transfer times. The pick-up is hence due to the same source at all values of
cgain; but the power in these periodicities falls quickly as the gain is reduced.

The manual for DIPS 1000 system informs that the readout rate is 50 kHz. If one
assumes that this rate corresponds to the default value of cgain, the derived frequencies
of pickup turn out to be close to 50 Hz and its harmonics. Assuming the 50 Hz mains
to be the source, the derived readout rates are 29.4, 16.6 and 4.53 kHz at cgain = 33,
100 and 500, respectively. These results also follow a linear relationship which can
be expressed as
 

readout time per pixel (µs) = (20.5 ± 0.2) + (0.4003 ± 0.0005)cgain. (9)
 

For a format of 384 × 576 pixels, this agrees well with Equation (8). The exact mains
frequency was not measured at the time of these experiments. It is known to vary
between 48 and 51 Hz, though close to 50 Hz most often.

The amplitude of the spikes is about 60, 14, and 3 counts at cgain = 500,100 and
33, respectively. These can easily be rejected from the data, and were hence not
considered while deriving the statistics. The underlying smooth variation at 50 Hz
has an amplitude of 15 and 1 counts at cgain = 500 and 100, respectively, whereas it 
is hardly noticeable at cgain = 33. The pick-up increases the base-level noise
significantly at cgain =100 and dominates at cgain = 500. Some effect could still be 
present at cgain = 66. 

The system gain G listed in Table 1 appears to increase almost linearly with the
parameter cgain. Since the parameter is software selectable and changes both the
amplifier gain and the readout rate through internal programme, the relationship
may not necessarily be linear. A polynomial fit to the data in Table 1 which serves
as an interpolation formula is 
 

G = (0.0358 ± 0.0005) + (0.001111 ± 0.000001) cgain + (2.2 ± 0.1) 10–7 cgain2 (10)
 

with a standard error of 0·0005. An extrapolation to cgain = 4095 (which is certainly
not justified) yields a value of G  = 8.3 DN electron–1, and a value of G  1 DN
electron –1 is reached for cgain ∼ 750.

≃ 
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3.2 The Astromed System
 
The Astromed system was calibrated using the IIA CCD dewar and the TIFR
controller. The amplifier gain was set to 9.2. Flats were obtained in 1991 March using
a laboratory set-up to expose the CCD to diffuse daylight without using any filter.
Altogether 21 graded flats were obtained with averge signal varying from 500 to 28300
counts above bias. The flats were interspersed by bias frames. Eleven best exposed
flats were stacked to obtain the master flat; the remaining 10 were corrected using
the master. The procedure for gain calibration was generally similar to the one with
the imaging flats of Photometrics CCD system described earlier. The spectroscopic
flats were obtained as a part of an observational programme on novae and galaxies
on 1991 March 10 and 11. The Boller & Chivens spectrograph with a 3001 mm–1

grating and a 6-inch camera were used. The wavelength range covered was
4400–7000 Å. A whitened particle board fixed on the dome and illuminated by
tungsten filament lamp was used as the source. The procedure of analysis was the
same as for the Photometrics system described earlier. The results are presented in
Table 1, and the fit is shown in Fig. 7. The data from scattered light in the range of
150–700 electrons also fit the theoretical curve well, indicating that the effect of the
deferred-charge threshold is less important for this chip. The GEC chip is known
to be good up to 25 electrons (McLean 1989). Mains pick-up was not evident in the
bias frames, and the truncation noise is low at this gain. Hence the readout noise is
likely to be close to 7.8 electrons.

Using a different chip available with TIFR unit in 1990, a value of Q = 1.12 was
obtained for the amplifier setting of 34 (Bhat et al. 1991, in preparation). The
preamplifier settings in the Astromed controller can be varied between 2 and 69 in
a few discrete steps. The present results suggest that one obtains about 19 electron
DN–1 at the gain setting of 2, and the total range of the ADC would then be about
624,000 electrons including the bias. At the gain of 69, on the other hand, one expects
0.5 electrons DN–1. The optimal system gain would be at the setting of 4.9 giving
7.8 electrons DN–1. The full-well capacity of the GEC chip is > 100,000 electrons,
and typically 300,000 electrons. The saturation is reached within the limit of the ADC
at the lowest gain setting.
 

4. Conclusions
 
The main conclusions of this work are listed below.
 

1. The method of analysis: The system gain, readout noise, and the threshold of a
CCD can all be determined by studying the noise characteristics of a CCD image.
The method of using graded flats, correcting for bias, dark if any, and flat-field
response, is satisfactory. On the other hand, the method of using division of two
flats, or substraction of two normalized flats, together with the signal and noise
transformation of Equation (5), is more rigorous. The final fit giving base-level
noise, system gain, and residual flat-field variation can be determined more accurately
using the Marquardt alogorithm rather than the conventional regression fit. The
RESPECT commands GSTAT and GFIT enable the evaluation of the statistics, and
the computation of the fit, respectively, using a small number of low-resolution
spectroscopic flats.
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2. The system gain: The inverse system gain Q for the Photometrics system varies
from 27.7 electrons DN–1 at cgain = 0 to 1.55 electrons DN–1

 at cgain = 500. The
value of 9.1 electrons DN–1

 at cgain = 66 agrees with the determination of McCall,
English & Shelton (1989) for a similar system. This gain setting is optimal for most
of astronomical observations requiring good sensitivity as well as large dynamic
range. The Astromed unit with the IIA data acquisition system at the VBT has
Q = 4.15 electrons DN–1

 at the gain setting of 9.2. The preamplifier gain may be
reduced further by a factor of 2 for optimizing the system. On the other hand, the
IIA Controller has been exhibiting ‘binning bias’ (Djorgovski 1984) in recent years,
which has rendered the base-level noise higher by a factor of 2–3. Hence it is advisable
to continue with this gain setting until the problem is rectified. The loss in dynamic
range is not significant since the output has an extra bit available (maximum counts
32767).

3 The readout noise: The readout noise is estimated as   11 electrons for the
Thomson-CSF 7882 CDA chip, and ∼ 8 for the GEC P8603 chip. The models of
noise in the data require the base-level noise which include, in addition to the readout
noise, also the external source of noise. The readout noise itself increases with
increasing readout rate. The base-level noise needs to be computed for each data set
experimentally.

4. Nonlinearity: The Thomson-CSF chip shows nonlinearity in the variance
diagram at signal levels below 10,000 electrons and above 150,000 electrons.
Photometric studies have however shown the chip to be linear at least over the range
of 8,000–300,000 electrons. Further investigations are needed to understand the
behaviour at low and high signals. At the lowest signal levels (  150 electrons) the
chip is affected by deferred-charge threshold. This can be alleviated by preflashing
to the level of 100 electrons per pixel (cf., McCall, English & Shelton 1989). The effect
of threshold was not detectable for the GEC chip which is known to be good above
25 electrons (McLean 1989).
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Harlan J. Smith
1924–1991

 

On October 17, 1991, some of the energy, enthusiasm and boldness departed
astronomy; on that date, Professor Harlan J. Smith died in Austin, Texas, of
complications related to cancer. Professor Smith was the Edward Randall, Jr., MD,
Centennial Professor of Astronomy at The University of Texas at Austin. He had
previously served as Director of the McDonald Observatory for twenty-six years and
as Chairman of the Department of Astronomy for fifteen years. In 1991 he received
the Distinguished Public Service Medal from NASA “for a lifetime of service to the
astronomy and space communities.” He was a member of the editorial board of this
Journal since 1983. Harlan Smith was an enormously energetic and bold proponent
of astronomy in all its breadth: research, teaching, the exploration of the solar system,
and especially public education.

Harlan Smith was born in Wheeling, West Virginia, on August 25, 1924. At the
age of 11 years he was given full access to a community telescope of 18-cm aperture,
and a life-long interest in science was born. In 1942, his final year of public schooling,
Smith was a national runner-up in the Westinghouse National Science Talent Search.
From this he had several university scholarship opportunities, but the war intervened.
Upon reaching the age of 18 that year, he enlisted in the U.S. Army Air Corps where
he was assigned to the meteorological branch. There followed a year of training in
physics and mathematics at Denison University in Ohio and a final three months at
Harvard University learning new meteorological equipment. This encounter with
Harvard was, in his own words, “a real eye-opener, and I determined to attend
Harvard after the war.” Smith spent his war years at various sites in the United States
and the Pacific, being discharged in early 1946.

In the summer of 1946 he began his program of study at Harvard, which led to a
B.A. in 1949, an M.A. in 1951, and his Ph.D. in 1955. In his Harvard Ph.D. dissertation
Smith identified, and coined the name for the “dwarf Cepheid” variables as a class
of pulsating star distinct from the RR Lyrae variables with which they had previously
been classified. While he never really returned to research invariable stars, his
experience with that field prepared him for a much more significant discovery later.
During his years at Harvard, Harlan Smith developed friendships that he would
nurture for many years; one such was with M. K. Vainu Bappu, the founding editor
of this Journal, with whom Smith maintained a close personal friendship until Bappu’s
untimely death in 1982.

It was also at Harvard that Smith met Joan Swift Greene, a student at Radcliffe
College, who became his wife in 1950. Joan Smith was born and raised in China as
the daughter of a medical missionary, and she sparked his interest in that country.
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Twenty five years later, as China emerged from the Cultural Revolution, Smith became
an advocate for astronomical cooperation with China. He visited there several times
to support astronomical development, and he hosted many Chinese astronomers and
students in Texas. He delighted in telling the story of how he and a hotel clerk in
Europe circumvented their language barrier by discovering that both spoke Mandarin! 
Harlan and Joan Smith raised four children who all survive him.

Prior to completing his dissertation, Smith received an Instructorship at Yale
University and moved his family there in 1953. In the ten years that he spent in New
Haven, he rose steadily through the professorial ranks; to Assistant Professor in 1957
and to Associate Professor in 1960. He extended his research interests to the new
field of radio astronomy; became active in national astronomical affairs as co-Editor
of the Astronomical Journal (1958–1963) and as Acting Secretary of the American
Astronomical Society (1961–1962); established many of the professional relationships
that would help him populate an astronomy department in remote Texas during the
next decade; and he made his most important research contribution – discovery of
the optical variability of Quasi–Stellar Objects.

In collaboration with Dorrit Hoffleit, Smith examined nearly eighty years of
photographs from the Harvard plate collection in a search for variability of the newly
discovered class of “radio stars.” The first object studied (3C48) gave a negative result
in 1961, but upon identification of the brighter QSO 3C273, a new search proved
successful. Their discovery of the wholly unexpected and remarkable variability of
3C273 was announced at the April 1963 meeting of the American Astronomical
Society, and the discovery paper appeared only two months later as Smith and
Hoflleit, 1963, Nature, 198, 650. While their demonstration of optical variability was
an important observational contribution, their recognition that the time scale of
variability required 3C273 to have solar system dimensions established the foundation
of all theoretical interpretations of QSOs from that time forward. Twenty two years
later, I listened to Harlan Smith talk about this discovery in his lecture accepting the
Randall Professorship. His excitement and his delight were still palpable, yet tinged
with a sense of wonderment that he had had the privilege to be involved in such a
seminal contribution.

Later in 1963 Smith moved to Austin as the first University of Texas Director of
the McDonald Observatory and as the new Chairman of a fledgling astronomy
department. The department had been formed in Austin in 1958 as Texas prepared
to take control of McDonald Observatory from the University of Chicago, which
had overseen construction and operation of the observatory for thirty years. For the
next twenty five years, Harlan Smith led a phenomenal expansion of this program.

When Smith took charge in Austin there were four faculty and a similar number
of support staff. Under his direction the research programs in Austin expanded into
radio astronomy, solar system programs, astronomical instrumentation, variable stars,
and theory and expanded upon historically strong programs at McDonald Observatory
in extragalactic astronomy and stellar spectroscopy. Today there are approximately
sixty Ph.D. astronomers in the combined observatory and departmental staffs and
a support staff of more than one hundred and twenty five people. The strength of 
the program Smith created is exemplified by the statistic that in the past decade Texas
researchers have been awarded the Herschel Medal of the Royal Astronomical Society,
the Gill Medal of the Astronomical Society of Southern Africa and, from the American
Astronomical Society, the Russell Lectureship, the Heineman Prize, the Warner Prize,
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the Pierce Prize (twice), and the Cannon Award. Another of Smith's legacies is that
fourteen years after he yielded the Departmental Chairmanship to rotation among
the faculty (in 1978), the separately administered Observatory and Department
continue to work smoothly together.

As Director, Smith led a rejuvenation in McDonald Observatory facilities. He
brought James Douglas from Yale to construct a large radio interferometer near
Marfa, Texas, during the 1960s. In 1967, he augmented the radio program by moving
a 5-m millimeter-wave radio dish to the Observatory. He convinced NASA, the
National Science Foundation and the University of Texas to share the cost of a 2.7-m
reflector, which was dedicated in 1969 as the third largest telescope in the world. A
76-cm telescope was installed in 1970. He welcomed the Apollo Laser Ranging
Experiment onto the 2.7-m telescope, which led to international pre-eminence for
McDonald Observatory laser ranging programs. A dormitory for visiting astronomers
was constructed in 1969 and fifteen new staff residences were added to the mountain
in 1974.

In 1978 Smith began planning for a 7·6-m telescope for McDonald Observatory.
For the next seven years he devoted most of his effort to the technical and financial
nurturing of that project. But with the fall in oil prices, the Texas economy crashed
in 1985 and with it went the political and financial support for such a project.
The failure of this project was perhaps his greatest professional disappointment.
Characteristically, Smith wasted no time in finding another, equally bold undertaking.
In 1986 he negotiated a collaboration with Pennsylvania State University to
participate in their Spectroscopic Survey Telescope, an innovative 8.5-m telescope to
be constructed at McDonald Observatory.

Harlan Smith loved what he called “public outreach,” the communication of
astronomy to the public. He made it a requirement in his department that all faculty
teach undergraduate students and that promotion be related to ability in that
important undertaking. As a result, the University of Texas now teaches astronomy
to approximately 6,000 undergraduate students per year. He instituted a newsletter
on astronomy that distributes 100,000 issues annually, and he provided encouragement
and start-up funds for what was to become the award-winning radio program Star
Date, heard by ten million people per week throughout the world. His efforts not
only to accommodate, but to welcome, visitors of McDonald Observatory led to the
construction of a visitors’ center in 1980 which now serves 120,000 people per year.
At his insistence, the 2.7-m telescope remains the largest telescope in the world open
to the public for viewing one evening per month.

Throughout his career Smith actively served the larger astronomical community
by participation in numerous national committees. A sampling of his contributions
gives some indication of the breadth of his influence in U.S. astronomy: member of
the National Academy of Science ad hoc committee on the Large Space Telescope,
1966–1970 (which eventually became the Hubble Space Telescope); Chairman of the
Planetary Division of the American Astronomical Society (AAS), 1974–1975; Council
member of the AAS, 1975–1978; Vice President of the AAS, 1977–1979; member of
the Space Science Board of the National Research Council, 1977–1980; member of
the Board of Directors of the Association of Universities for Research in Astronomy
(AURA), 1972–1983; Chairman of the Board of AURA, 1980–1983; Chairman of
the Management/Operations Working Group for Planetary Astronomy (NASA),
1988–1991.



149 Obituary
 

Not only was Harlan Smith recognized by his colleagues through selection for such
prestigious assignments, he also received other honors: honorary Doctorates from
Nicolaus Copernicus University (1973) and from Denison University (1983), selected
as the Edward Randall, Jr., MD, Centennial Professor of Astronomy (1984), and,
most recently, received the Distinguished Public Service Medal from NASA (1991).
 

It is a dry summary of a man’s life only to list his accomplishments and honors.
There was so much more to Harlan Smith. He was bee keeper, whose gifts of honey
were always welcome. He had incredible personal loyalty to people, standing by them,
as he did for me on more than one occasion, when it may have been wiser not to do
so. His steady, piercing gaze seemed almost to look into one’s soul. He always had
an aphorism to quote, with a twinkle in his eye, as justification for a course of action.
When budgets argued against a purchase, he would smile and say, “Tom, God will
provide,” (Psalms 22:8). Upon laying the foundation for some distant goal, he would
quote Lao-Tzu, “a journey of a thousand miles must begin with a single step.” 

Harlan Smith was a dreamer. He dreamed of a time when every person on the
planet would look at the stars with awe and understanding; he dreamed of a McDonald
Observatory pre-eminent among the world’s astronomical centers; he dreamed of
telescopes on the Moon; and he dreamed of colonists on the Moon and Mars, because
it is in our nature to go there. So, I offer a quote from Goethe that I never heard
Harlan say, but which seems to apply to the man so well: “What ever you can do,
or dream you can, . . . begin it. Boldness has genius and power and magic in it.” Harlan
Smith dreamed boldly, and acted on those dreams to the betterment of all astronomy.
 

Thomas G. Barnes III 
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Abstract. The behaviour of pulsars at low radio-frequencies (below
~ 50 MHz) remains poorly understood mainly due to very limited 
observational data on pulsars at these frequencies. We report here our
measurements of pulse profiles at 34.5 MHz of 8 pulsars using the
Gauribidanur Radio Telescope. None of the 8 pulsars show any signi-
ficant interpulse emission at this frequency which conflicts with an earlier 
claim from 25 MHz observations. With the exception of one pulsar (PSR 
0943 + 10) all the observed pulsars show turnovers at frequencies above 
35 MHz in their spectra. We also report our attempts to study the short and
long term variations in the pulsar signals at this low frequency. 
 

Key words:  pulsars—interstellar scattering—dispersion 
 
 

1. Introduction 
 
The mean pulse profile and the radiant flux density of a pulsar depend on frequency and
therefore, these quantities need to be investigated over as wide a frequency range as 
possible. Most of the available data on pulsars, numbering now about 500, are from 
observations at high radio-frequencies. There is a considerable lack of observations 
towards lower radio-frequencies (below 50 MHz). This is due to various difficulties in 
observing pulsars at decametric wavelengths arising mainly from the effects of the 
propagation of pulsar signals through the interstellar medium. Two important effects 
in the interstellar medium, namely dispersion and scattering, cause considerable 
reduction in the apparent peak (pulsing) intensity of pulsars at low radio-frequencies. 
These propagation effects also cause smearing of the details in the pulse profile. As the 
sky background becomes brighter at lower frequencies, additional difficulties arise if 
the pulse energy decreases instead of increasing towards lower frequencies. 

Some of the earliest observations at decametric wavelengths are due to Bash et al.
(1970) at 38 MHz and Craft (1970) at 40 MHz. Successful detection of a few more 
pulsars by Bruck & Ustimenko (1973), in the frequency range of 10 to 25 MHz, 
confirmed the possibility of receiving pulsed signals from some pulsars at decametric 
wavelengths. Understandably, these were the pulsars with longer periods and lower
dispersion. Through detailed studies of extensive data on a few pulsars at decametric
wavelengths, Bruck and Ustimenko reported in a series of papers (1976,1977,1979), the
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detection of interpulse emission not seen at higher frequencies. They also found
evidence for emission away from the main pulse in some cases. The radio spectra down
to 53 MHz for about a dozen pulsars were first studied by Comella (1972). The spectra 
in many cases were found to have low frequency turnovers. Observations at 80 and 
160 MHz (Slee et al. 1986) of a larger sample of pulsars have shown that in general the 
spectra become less steep towards lower frequencies. Measurements of the spectra of 
five pulsars in the 17–1420 MHz range have been reported by Bruck et al. (1978). This 
study revealed turnovers in the spectra at low frequencies for all five pulsars, and that 
the maximum in the emission intensity lies at a frequency of 120 ± 60 MHz on the
average. Measurements of the arrival times of the integrated pulses of PSR 0809 + 74 
over a wide frequency range (Davies et al. 1984; Shitov & Malofeev 1985), have shown
that the lower frequency signals arrive with delays longer than those expected from the
known amount of dispersion. 

The decametric observations described above have yielded very valuable information
about the properties of the emission from pulsars (Bruck 1987). All of the five known 
decametric spectra indicate 'turnovers'. Therefore, the extension of the spectra towards 
lower radio-frequencies for other pulsars is naturally of great interest. This is especially 
so for those pulsars whose intensity is still increasing with decreasing frequency in the 
known part of their spectra. The possibility of interpulse emission appearing at lower 
frequencies also needs to be investigated in the case of more pulsars to establish general 
properties relating to the shape and size of the pulsar emission cones. The pulse profiles 
of many pulsars have been observed to change with frequency in the high frequency 
range (e.g. Manchester 1971; Kuzmin et al. 1986; Kardashev et al. 1986; Slee et al. 1987). 
The extension of these observations to low frequencies is extremely valuable. 
Moreover, the amount of interstellar scattering can be estimated at these wavelengths 
to test the present understanding (see Alurkar et al. 1986 and references therein) about 
the dependence of the amount of scattering on the dispersion measure and the wave- 
length of observation. We note that all the pulsars studied at decametric wavelengths 
so far have dispersion measures less than 13 cm–3 pc and are confined to the Northern 
hemisphere. More pulsars, therefore, may possibly be detected at decametric 
wavelengths if sufficiently sensitive observations can be made and if suitable schemes 
are employed to enable observation of highly dispersed pulsar signals.

Here, we report on our attempts to observe pulsar signals with high sensitivity and
high time-resolution at a low radio-frequency. The Decameterwave Radio Telescope at 
Gauribidanur (GEETEE)*, India (Longitude: 77° 27' 07", Latitude: 13° 36' 12" N), 
operating at 34.5 MHz (Deshpande, Shevgaonkar and Sastry 1989, DSS) was used for 
these observations. The observations and data processing procedure is described in 
detail. Our successful detections of 8 pulsars are reported. The results are discussed in
the end. 
 
 

2. Observations 
 
The present observations made with the GEETEE used the new tracking facility to
obtain more observing time per day. A detailed description of the tracking system is
 
 
*This telescope is jointly operated by the Indian Institute of Astrophysics, Bangalore and the Raman
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given by DSS. The sensitivity improvement due to the new tracking facility made it 
feasible to attempt observations of a few strong pulsars having low dispersion measures 
(DM) with this telescope. As the signals from even the strongest of the pulsars will be 
well buried in the Galactic background noise it is impossible to detect individual pulses 
in our observations. However, with the use of the tracking facility a source can be 
observed over an interval of 42 × sec δ minutes. Thus, it is possible in one observing 
session to receive a large number of pulses, N (= 2520 sec δ/Ρ), from a pulsar at 
declination δ and with a period Ρ seconds. These pulses were averaged, using standard 
averaging techniques, to obtain√N improvement in the signaltonoise ratio. 

The present observations were made by using the existing single frequency channel 
correlation receiver, to correlate the outputs of the EW and S arms of the T array where
we obtain both the in-phase (COS) and the quadrature (SIN) correlation outputs (see
DSS for more details). A predetection bandwidth of 30kHz (optimum for low DM 
pulsars) was used. Post-detection time-constants in the range 10–30 milliseconds were
employed. The EW arm was used in the tracking mode. In an ideal situation, the SIN 
correlation for a point source can be discarded as it does not contain the source 
contribution. However, in practice, due to beam pointing error and ionospheric 
refraction, the source contribution in the SIN correlation is generally non-zero. This 
also causes a corresponding reduction in the source contribution and consequent 
worsening of the signal-to-noise ratio in the COS correlation. In the Appendix we 
describe a procedure using both the correlations to partially recover such a loss in the 
signal-to-noise ratio. Both the correlations were recorded using a data logging system 
on to magnetic tapes at a rate of 3 milliseconds per sample. Thus, each of the two 
correlations is sampled at intervals of 6 milliseconds. The data recording is stopped for 
a short interval (~ 500 msec) every time the EW beam is switched to next position
during the tracking to allow ample time for the settling of the tracking phase shifters.

The GEETEE accepts only ä single linear polarization. The observed output
therefore depends on the source polarization, the observing frequency and the Faraday
rotation in the intervening medium. Such a dependence can be ignored if the differential
Faraday rotation across the pre-detection bandwidth is sufficiently large. However, 
with 30 kHz bandwidth the limited polarization sensitivity of the GEETEE may 
significantly affect observations of strong linearly polarized sources with rotation 
measures less than about 20 rad m–2. To help reduce this effect to a large extent, 
different centre frequencies (in the range 34.4 to 34.6 MHz) were used during different 
observing sessions (4 to 10). 

Using the above-mentioned procedure, observations were attempted on 20 known
pulsars. These observations were made mostly at night to minimize possible 
interference due to terrestrial signals in the observing band. Most of these observations 
were made during 1984 (November)–1985 (March). 
 
 

3. Data processing  
The data processing procedure used here basically employs the standard ‘signal 
averaging technique’. Knowing the apparent period P, the number of output bins (NB) 
is chosen, such that the bin-width (∆tbin) is approximately the same as the sampling 
interval (∆t s), and that ∆tbin. NB= Np.P, where Np = no. of periods over which
averaging is performed. In this kind of processing, the data averaging is customarily
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performed only over a single period stretch i.e. N p=1. However, here we use N p = 2, i.e.
perform averaging over a two-period stretch, for reasons that will be discussed a little
later. 

The data for the COS and SIN channels are processed separately using the following 
procedure. First, for each data block (obtained in one beam position during tracking; 
i.e. of duration 40 × sec δ seconds) a mean value is computed and subtracted from the 
corresponding samples. The standard deviation (σi) in each block is also estimated.
Because of the asynchronous sampling (i.e. ∆tbin = ts), the resultant profile would be 
smeared additionally by an amount equal to the bin-width if the samples are added to 
the nearest bin while averaging. Such smearing is avoided by using linear interpolation 
to add the sample value with suitable weights in both the bins which are on either side of 
the sample. We also keep an account of the effective number of samples added in each 
bin. The final average samples are obtained after appropriate normalization for the 
system gain. The estimate of the noise in such average profiles is computed using the
standard deviations due to noise (σi) obtained for each data block. 

In the course of this averaging process, if any absolute sample value is found to be 
greater than 5 times the standard deviation estimated for the data in the respective 
record, then that sample is rejected as possibly due to interference. However, the bin 
numbers corresponding to such samples are noted, so that the possibility of these high 
sample values being due to very strong pulses from the pulsar could still be considered, 
if the bins are found to be confined only to the pulse window in the average profiles. In 
this manner, the average profiles are obtained for both the SIN and COS channels 
separately. 

As the data is averaged over a two-period stretch, each half of the stretch corresponds
to the average of alternate pulses. These halves can be considered to be two 
independent sets of data obtained under the same observing conditions and to have, in 
general, the same average contribution from the pulsar signal. With this understanding, 
the data over two-period stretches are tested for a significant detection of two similar 
looking pulses separated exactly by the apparent period of the pulsar. The threshold for 
the significant detection is chosen to be three times the value of the standard deviation 
due to noise. This procedure increases the reliability of such detections as it can 
discriminate against any spurious detections due to interference. However, the signal-
to-noise ratio in the two-period stretch is reduced by a factor of √2, compared to that
in the case of averaging over a one-period stretch, making the detections difficult in the 
marginal cases. This disadvantage can be overcome by choosing a larger bin-width. It is 
required that at least one of the two correlation channels satisfies the detection 
criterion. It should be noted that, in any further processing, only the data with the 
original bin-size have been used. In the initial stages, as an additional check for the 
validity of our detections, the corresponding raw data were folded with wrong 
periodicities and were confirmed to fail in the detection test. 

Using the above mentioned procedure, it has been possible to successfully detect
signals from 8 pulsars. Their average profiles were obtained by combining the two 
halves of the two-period stretch for each channel. One such output obtained using the 
data in the direction of PSR 0834 + 06, is shown in Fig. 1 

In the case of each successful detection, the average profiles over a one-period stretch 
were available for both of the COS and SIN channels. We have employed anew scheme
(see Appendix) to combine the COS and SIN correlation channel outputs in an
optimum way. We show that with this scheme the resulting average profile, in general,
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Figure 1.  Typical average profiles obtained from data of the COS and SIN channels.

 

 Figure 2. An average profile obtained after combining the COS and SIN channel outputs
(shown in Fig. 1) in an optimum way.  

 
 
will have better signal-to-noise ratio than that available in the individual channels.
Fig. 2 shows one such average profile obtained for PSR0834 + 06.
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3.1  Flux Calibration 
 
To obtain appropriate flux calibrations, observations were made on suitable
continuum point sources during every session of the pulsar observations. Sources with
declinations close to those of the pulsars observed were selected for calibration. The
assumed flux densities at 34.5 MHz for most of these calibrators were obtained by 
extrapolating from the 38 MHz values (Kellermann, Pauliny-Toth and Williams 1969). 
These values were used after applying the correction suggested by Baars et al. (1977). If 
such data were not available, the values at 80 and 160 MHz (Slee 1977) were used.

The recorded data during each calibration observation were used to obtain average
deflections, Dc and Ds in the COS and SIN channels respectively. The deflection, D   ,
corrected for collimation error was obtained as
 

 (1)

 
 
If S is the source strength in Janskys, then the calibration factor Rcal , in Janskys per 
count of deflection, is computed as Rcal = S/(D0K); where Κ is the system gain
normalization factor. Such values of Rcal obtained from observation of 5–7 calibrators 
on each day, were used to obtain an average daily calibration 〈Rcal〉 (in Janskys per 
count), which was used in turn to obtain a calibrated profile, a(t), as a(t) = A0(t). 〈Rcal〉
(Janskys). 
 
 

3.2 Estimation of the Average Pulse Energy and the Amount of Interstellar Scattering
 
The calibrated average pulse profiles were used to estimate the average pulse energy
and the amount of pulse broadening due to interstellar scattering. The calibrated 
profiles obtained on different days were combined together to improve the signal-to- 
noise ratios. For the purpose of estimating the average pulse energy, the data from 
different days were averaged with equal weights. The same input data were averaged
 

Table 1. Estimates of the Average Pulse Energy and the Scatter
Broadening of the pulse at 34·5 MHz.  

 

 

 
† New detections at decametric wavelengths 
‡ Errors quoted are 5σ values 
§ Errors quoted are 1σ values. 

0
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also with suitable weights (inverse noise power) to maximise the signal-to-noise ratio. 
This latter output was used to obtain the estimates of the amount of(interstellar) scatter 
broadening (τs). For this purpose, a best fit profile was obtained in each case. The
nature of the function used to fit the observed profile is given by Equation A .5 (see 
Appendix). The estimate of the average pulse energy was obtained by integrating the 
observed pulse profile within the pulse window inferred from the best fit profile. The 
estimates obtained for 8 pulsars are listed in Table 1. Our estimates of τs may have
larger errors than those quoted here, if our assumptions about the intrinsic pulse
profiles (i(t) in equation A.5) at 34.5 MHz do not hold good. 
 
 

4. Results and discussion 
 
a) Pulse profiles and energy spectra 

Three pulsars, namely PSR 0628 – 28, PSR 0942 – 13 and PSR 0943 + 10, have been 
detected for the first time at decametre wavelengths. The average pulse profiles (Fig. 3) 
and the energy spectra (Fig. 4) are presented here for seven of the detected pulsars. The 
error bars correspond to five times the standard deviation due to noise. 
 

i) PSR 0628 – 28 The profile shown in Fig. 3a is seriously affected by the dispersion 
smearing across 30 kHz. The spectrum of the pulse energy of this pulsar is found to be 
straight in the frequency range 61 to 1420 MHz (Kuzmin et al., 1978). However, an 
extension of the spectrum to frequencies below 60 MHz, using our estimate for the 
pulse energy, shows a turnover in the spectrum (Fig. 4a). The emission intensity appears
to peak at frequencies close to 60 MHz. 
 

ii) PSR 0809 + 74 This is the only pulsar that has been observed extensively down 
to a very low frequency of 10 MHz (Bruck & Ustimenko, 1973). Although this is one of 
the strongest pulsars at the frequency of our observation, the signal-to-noise ratio is 
rather poor. The telescope sensitivity in the direction of this pulsar is very much 
reduced due to its large zenith angle. However, the increased tracking time for this 
pulsar, by virtue of its high declination, has made integration of more number of pulses 
possible leading to a partial compensation in the signal-to-noise ratio. The pulse profile 
obtained by us is shown in Fig. 3g. The average pulse energy estimated using this profile 
is consistent with the turnover in the spectrum of Bruck et al. (1978). However, our 
estimate may have large calibration errors due to the lack of suitable calibration 
sources at nearby declinations. Fig. 4b shows the spectrum of the average pulse energy 
using our estimate along with other observations (Bruck et al 1978). 
 

iii) PSR 0834+ 06 Observations on this pulsar were made on 11 days. After 
combining the data on all days, we are able to obtain a high signal-to-noise ratio for its 
average profile (Fig. 3b). Our estimate of the average energy per pulse in this case is in 
good agreement with the estimates at other frequencies (see Fig. 4c). The average profile 
(Fig. 3b) does not show any significant interpulse emission contrary to that reported at 
25 MHz. 
 

iv) PSR 0942 –13 Observations of this pulsar were made on two days. The final 
average profile is shown in Fig. 3c. Using our estimate for the pulse energy along with 
the value for the average flux at 400 MHz (Manchester & Taylor 1981), we estimate a
spectral index of – 0.76 ± 0.28. Due to the large gap in the measured points on the
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Figure 3. The average pulse profiles for (a): PSR 0628 – 28; (b): PSR 0834 + 06; (c): PSR 
0942 – 13; (d): PSR 0943 + 10; (e): PSR 0950 + 08; (f): PSR 1133 + 16 and (g): PSR 0809 + 74 
observed at 34.5 MHz. The error bars correspond to five times the r m.s. noise deviation.
 
spectrum, it is difficult to comment about the existence of a turnover in the spectrum in
the frequency range of 35 to 400 MHz. 
 

v) PSR0943 + 10 Suleimanova and Izvekova (1984) have reported mode changing
for this pulsar at 62 and 102 MHz. The time-resolution in the profile obtained here
(Fig. 3d) is not adequate to see any details in the pulse profile. Our estimate for the 
average pulse energy, when combined with similar estimates in the range 53 to 606 
MHz by Comella (1972) and Slee et al. (1986), suggests that the spectrum is still rising 
even upto 34.5 MHz. This happens to be the first case to the best of our knowledge 
where the spectrum for a long period pulsar does not have a turnover above 34.5 MHz. 
Investigation of the spectrum at frequencies below 34.5 MHz would be important. The 
spectral index computed using our estimate with that at 400 MHz (Manchester &
Taylor 1981) is about – 1.65. 
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Figure 4. The average pulse energy spectra of (a): PSR 0628–28; (b): PSR 0809 + 74;
(c): PSR 0834 + 06; (d): PSR 0950 + 08; (e): PSR 1133 + 16 and (f): PSR 1919 + 21 over the radio-
frequency range. The points indicated by an extra circle correspond to the present measurements.
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vi) PSR 0950 + 08 This has the smallest dispersion measure among known pulsars.
Due to its short period, it was possible to average a large number of pulses leading to 
better sensitivity. Fig. 3e shows a profile averaged over 54000 pulses using the data 
obtained on six days. The longitude resolution in this case is not adequate to see finer 
details in the pulse. Our estimate of the average energy per pulse when compared with 
other observations (Bruck et al. 1978) appears to suggest that the estimate at 61 MHz 
(Kuzmin et al. 1978) may be in considerable error (see Fig. 4d). 
 

vii) PSR 1133 + 16 Fig. 3f shows an average profile for PSR 1133+ 16 at 34.5 MHz.
The observations were made on 8 days. The two components which have been 
observed at and above 61 MHz (e.g. Taylor and Huguenin 1971; Izvekova et al. 1979; 
Slee et al. 1986) are just distinguishable in this profile. However, a predicted profile (see 
equation A.5) assuming a single component in the intrinsic pulse could not give a good 
fit to the observed profile for the estimation of the scattering width. Therefore, the 
intrinsic pulse is assumed to have two components of width 12 msec each with a 
separation of 45 msec. The widths and the separation of the components at 61 MHz are 
used after (wavelength)0 25 scaling. With this assumption, it is possible to obtain a very 
good fit to the observed profile, provided a component intensity ratio of 0.6:1 is used. It 
should be pointed out that in the frequency range 80 to 102 MHz (Slee et al. 1987; 
Izvekova et al. 1979) this intensity ratio is about unity, and is greater than unity at 
400 MHz (Manchester 1971). The energy spectrum is shown in Fig. 4e.
 

viii) PSR 1919 + 21 We estimate the average pulse energy to be (2560 ±400) ×
10–29 Jm–2 Hz–1 . This estimate is obtained from observations made using a 16
frequency channel analog receiver (Deshpande, Sastry & Radhakrishnan 1984). Fig. 4f
shows our estimate with those at other frequencies (Bruck et al. 1978) on an energy vs.
frequency plot. 
 
b) Decametric emission outside the main pulse window 

One of the main motivations for the present observations was to look for low-frequency
interpulse emission as reported by Bruck & Ustimenko (1976, 1977, 1979). None of the 
8 pulsars show any significant interpulse emission at our frequency. Owing to the high 
signal-to-noise ratio in the case of 4 pulsars, we can obtain useful upper-limits for the 
emission, if any, outside the main-pulse window. The 3σ limits obtained are: 2% of the
main pulse energy for PSR 0834 + 06, 6% for PSR 0950 + 08, 3.5% for PSR 1133 + 16
and 6% for PSR 0943 + 10 (Deshpande & Radhakrishnan 1990). Here we have
assumed the width of any such feature outside the main-pulse window to be the same as 
that of the main pulse. Unless the spectrum of such emission is much steeper than that 
of the main pulse, these observations conflict with the results reported by Bruck and 
Ustimenko. Recent 25 MHz observations at Arecibo (Phillips & Wolszczan 1989) have 
also not detected any significant interpulse emission.
 
c) Short and long term variations

The prime objective of this work was to study average profiles for as many pulsars as
possible and to estimate the above mentioned average parameters. However, it was
also thought useful to study the fluctuation spectra and low-frequency variability of
pulsar signals using the data obtained during these observations. 
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4.1 Fluctuation Spectra 
 
The time-resolution obtainable in our case is adequate to attempt to study intrinsic 
subpülse and average profile fluctuations by obtaining suitable power spectra of the 
modulation function. Such fluctuation spectra can reveal the drifting nature of the 
subpulses and fluctuations of the pulse energy including the effects of pulse nulling 
(Drake & Craft 1968; Backer 1970). In general, the observed power spectra have 
contributions due to the fluctuations caused by the intervening medium. The observed 
spectrum is a convolution of the spectrum of the intensity modulations due to the 
invervening medium with the intrinsic modulation spectrum of the pulsar. Thus, any 
narrow spectral features due to the intrinsic modulation will in general be smeared due 
to the scintillation in the intervening medium. However, as the scintillations due to the 
interstellar medium have a very small decorrelation bandwidth at our frequency 
compared to the observing bandwidth, they will be effectively smoothed out. The 
interplanetary and the ionospheric scintillations, however, may affect the spectrum 
significantly. 

The data obtained on some strong pulsars from the observations reported here were 
analysed using ‘the longitude-resolved Fourier analysis’ method first applied to the 
study of drifting subpulses by Backer (1970). In this method, the observed intensities as 
a function of time at each fixed longitude are Fourier transformed separately. We have 
chosen the width of the longitude bins, within which the data are averaged, to be about 
2 per cent of the period. A sequence of samples for a fixed longitude is Fourier 
transformed in blocks of 256 samples and the amplitude spectra for many blocks are 
averaged. Such spectra suffer heavily from aliasing effects because at a given longitude 
only one sample per period can be available. 

Fig. 5 shows the fluctuation spectra at different longitudes obtained for PSR
0834 + 06. The values at zero frequency as a function of longitude correspond to the 
average pulse profile. Such analyses were repeated for this pulsar on different days. At 
high radio frequencies, the fluctuation spectra for this pulsar show a narrow line feature 
indicating strong periodic modulation at about 0.46 cycles/period (Taylor & Huguenin 
1971). However, our spectra for longitudes within the pulse window do not show any 
significant deviation from those for longitudes outside the pulse window. Our 
observations suggest that any periodic modulation which can result in a narrow line 
feature must be weak at 34.5 MHz and that the depth of modulation does not exceed 6
per cent, when it would have been seen above the noise. It is possible that there is strong

 
Figure 5.  The fluctuation spectra at different longitudes for PSR 0834 + 06 at 34.5 MHz.
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modulation, but then its contribution must be spread over a broad region in the 
spectrum 
 
 

4.2  Slow Variability 
 
Slow variability of the apparent intensity of pulsars has been extensively studied at high 
radio-frequencies (e.g. Huguenin, Taylor & Helfand 1973). These variations have time 
scales in a wide range. The slow variability is generally attributed to the refractive 
scintillations produced by large scale irregularities in the electron density in the 
interstellar medium (Goodman & Narayan 1985). No measurement of such variability 
at decametric wavelengths has been reported so far in the literature. 

We have made some attempts to make such measurements using the observations
discussed above. We have selected three strong pulsars (PSRs 0834 + 06,0950 + 08 and 
1133 + 16) and have made observations over a span of about 80 days. The calibrated 
pulse energies obtained from these observations have been used to compute a 
modulation index, m, defined as 

 
 
 

(2) 
 
 
where S = average of Si,  St = the pulsar intensity in ith measurement, and Nobs = the
total number of such measurements (about 10 in the present case). The computed 
modulation indices in two of the three cases did not indicate any modulation 
significantly above the standard deviations in calibration. Only in the case of 
PSR 0950 + 08 do we find significant modulation. The estimated value of m, in this case, 
is 0.34 ± 0.15. This value is in good agreement with similar estimates by Slee et al. (1986) 
at 80 and 160 MHz. The large error in the above estimate is mainly attributable to the 
calibration errors. The apparent non-detection of any significant variability in the 
other two cases may be understood as an effect of the short observing time (81 days) 
compared to the characteristic time scales of such intensity variations at our frequency 
(Deshpande & Nityananda 1990). Further observations over longer time spans can be 
undertaken for detailed investigation. 
 
d) Scatter broadening 

As can be seen from Table 1, our estimates of the scatter broadening at 34.5 MHz have 
large error bars. However, these estimates (within their errors) are in general agreement 
with similar estimates at higher frequencies (Alurkar et al. 1986). A more quantitative 
comparison of these estimates suggests that the wavelength dependence of the scatter 
broadening is steeper than (wavelength)4. 
 
 

5. Summary 
 
We have reported here our observations of 8 pulsars at a low frequency by employing 
the method described in this paper. The profiles obtained from the present observations
are affected mainly by dispersion smearing over the 30 kHz band and fail to show the

–
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pulse structure in detail. Subsequently, to obtain high resolution pulse profiles we have 
made observations employing the swept-frequency dedispersion method (Deshpande 
1987; Deshpande & Radhakrishnan 1990). Details of these latter observations will be 
reported separately. Our estimates of the pulse energies in 5 cases do confirm the low 
frequency turnovers already known from other observations. Out of the 3 new 
detections by us at 34.5 MHz, only in one case (PSR 0943 + 10) does the spectrum not 
appear to have a turnover down to 34.5 MHz. Such a spectrum can be of great interest if 
this trend continues at even lower frequencies. 

Regarding the interpulse emission, we notice no significant emission beyond the 
main pulse window in those cases where significant interpulse emission was reported at 
25 MHz. 

Our attempts to study fluctuation spectra and slow variability of pulsars have shown 
that such studies at decametric wavelengths are feasible and can be very valuable if 
pursued in future. 
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APPENDIX 
 
The procedure used for optimal combination of the pulse profiles from COS and the SIN 
correlation outputs. 

In the present case, the COS and the SIN channel outputs (Ac(t) and As(t)) can be 
written as 

 

(A. 1a)  
 

(A. 1b)  
 
where g = the gain factor due to collimation error = sinc(∆θ/θ0); θ0 = separation
between the peak and the first null of the S arm beam in N–S direction; ∆θ = effective 
collimation error in N–S direction; and A0 (t) = the COS channel output when ∆θ = 0.

A0 (t), the main function of interest, can be obtained from Ac (t) and As(t) by using
the equations (la, b) as 

 
(A.2) 

 
The factor g can be estimated using the value of ∆θ obtainable as 

 
 

(A.3) 
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However, in a practical situation, i.e. in the presence of noise, the signal-to-noise ratio
obtainable for Ao(t) is worsened further, if the above procedure is used (Deshpande 
1987). Hence, we have employed a new scheme to estimate A0 (t) from the COS and
SIN channel outputs in an optimum way. 

In this scheme, the channel with better signal-to-noise ratio is selected first, As 
most of the times such a channel corresponds to the COS correlation, for further 
discussion, we will assume this channel to be the COS channel (Ac(t) such that 0   t < Ρ 
where Ρ is the pulsar period). A best fit pulse profile is obtained for this channel data. 
The best fit profile (F1(t)) takes into account the intrinsic pulse width, dispersion 
smearing, the receiver time-constant and gives estimates for the pulse amplitude 
(Amp 1) and the amount of the interstellar scatter broadening(τs).The best fit profile
can be written as 

F1 (t) = Amp1 · G (t)            (A.4) 

and 
G (t) = i (t) ∗s (t) ∗ d (t) ∗ r(t)          (A.5)

 

where i(t) = a Gaussian to represent the intrinsic pulse profile; s(t) = a truncated
exponential, with τ s as the characteristic width representing the scattering in the
interstellar medium; d(t) = the receiver bandpass converted into time function by the 
dispersion law; r(t) = the impulse response of the post-detection filter; and ∗ denotes 
convolution. 

The equivalent width of the Gaussian pulse in i(t) is obtained using the pulse width 
at 400 MHz (Manchester & Taylor 1981) and assuming that the pulse width is α
(frequency)–0·25. The best fit function, G(t), is then used to estimate the best-fit-pulse
amplitude (Amp2) for the other channel output As(t) as, 
 

 
(A.6) 

 

The effective collimation error ∆θ  is then estimated as 
 

 ∆θ  = [tan–1 (Amp 2/Amp1)]·θ 0/π (A.7)
 

Now, it is possible to obtain two independent estimates (say Ao1(t) and Ao2(t)) of 
Ao(t), as follows 
 

and Ao1 (t) = Y· Ac (t)/ Amp1 (A.8a)
 

 Ao2 (t) = Y· As (t)/ Amp2 (A.8b) 
where 

Y = (Amp1 + Amp2) ½/g (A.9) 

The r m.s. noise deviations (σ1,σ2) in the profiles Ao1(t) and Ao2(t) respectively are 
given by  

σ1 = σY/Amp1 (A.10a) 

σ2 = σY/Amp2 (A.10b) 

where σ = r m.s. noise deviation in the profile Ac(t), As(t). 
It should be noted that the errors in the determination of Amp1 and Amp2 are 

much smaller than σ and are therefore ignored here. The two independent estimates, 
Ao1(t) and Ao2(t), are combined with suitable weights, to obtain the best possible
estimate of Ao (t). The optimum weight is proportional to the inverse of the noise
power in the estimate. 

⋝ 

2
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It can be shown that, the r m.s. of the noise, σo, for the profile Ao (t) is given by 
σo — σ/g and the corresponding signal-to-noise ratio is given by 

 
 
  (A.11) 
 
where (S/N)i refers to the signal-to-noise ratio for the profile Ai(t). 

Thus, by using the above procedure, it is possible to partially recover the loss in
signal-to-noise ratio in the COS channel due to collimation errors. 
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Abstract. We discuss here the design details of an inexpensive 
programmable Sweeping Local Oscillator System (SLOS) built for use in a 
‘swept frequency dedispersion scheme’ for pulsar observations. A useful 
extension of the basic Divide-and-Add algorithm for frequency synthesis is 
developed for this purpose. An SLOS based on this design has been built 
and used for high time-resolution observations of pulsars at low radio-
frequencies. 

 
Key words: pulsars—interstellar scattering—dispersion 

 
 

1. Introduction 
 
The dispersion smearing due to the interstellar medium poses serious difficulties in high
time-resolution studies of distant pulsars at low radio-frequencies. High time- 
resolution, however, can be obtained by using some suitable scheme for dedispersion of 
the received pulsar signals. Many variations of the pre-detection and the post-detection 
dispersion removal techniques have been used at high radio-frequencies (e.g. Taylor & 
Huguenin 1971; Hankins 1971). One of these is the swept-frequency dedispersion 
procedure as used by Sutton et al. (1970) and McCulloch, Taylor & Weisberg (1979). In 
this method, the periodicity and the dispersed nature of the pulsar signals are used to 
advantage. It can be shown, that due to the dispersion, the intensity variations due to 
pulsar signals in time get mapped into the frequency domain (Fig. 1). Therefore, a pulse 
profile over one full period can be obtained, if the intensity as a function of frequency 
can be measured at any instant in time over a finite bandwidth 

 
(1) 

 
where k = a constant, f0 = centre frequency of observation, DM = Dispersion 
Measure, and Ρ = Period of the pulsar. 

Such a spectral pattern, however, sweeps across the band at an approximate rate of 
(– ∆f /Ρ). This pattern can be made to appear stationary by appropriately ‘sweeping’ 
the centre frequency of the receiver. Then the dispersed pulsar signal would result in a 
train of ‘fixed’ spectral features separated by ∆f corresponding to the dedispersed pulse 
profiles. The pulse profiles can then be measured with high resolution using a suitable 
spectrometer. This requires that the centre frequency of observation is swept at a rate 
given by the dispersion relation, the sweep being reset at intervals of integral number of
periods. The maximum time-resolution obtained in this way corresponds to the
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Figure 1. This figure shows typical intensity patterns in the time-frequency domain due to
dispersed pulsar signals. The pulse profile over one period (P) can be equivalently obtained by
measuring the intensity pattern in frequency over a finite bandwidth ∆f at any instant. The 
spectral pattern drifts across the band with time at an approximate rate (Δf/P) and repeates after 
the period interval. 
 

dispersion smearing over one spectral bin. The implementation of the above method 
requires a suitable sweeping local oscillator system. 

In this paper, we describe a design of a suitable sweeping local oscillator system. The 
specifications are based on the requirements for pulsar observations at 34.5 MHz 
(Deshpande 1987, Deshpande & Radhakrishnan 1990) with the Gauribidanur Radio 
Telescope (GEETEE) (Deshpande, Shevgaonkar & Sastry 1989). However, the basic 
design concepts have wider applicability. 
 
 

2. The Sweeping Local Oscillator System (SLOS) 
 
We note from equation (1) that the bandwidth (∆f) to be swept by SLOS is a function of 
the dispersion measure (DM) and the period (P) of the pulsar. We have considered most 
of the pulsars detected at 102 MHz (Izvekova et al., 1979), as possible candidates for 
detection at 34.5 MHz, and have indicated them on the Period vs DM plot (Fig. 2). The 
curves corresponding to different values of maximum bandwidth that can be swept by 
SLOS are indicated. For a given value of the maximum sweep width, the system can 
observe all pulsars below the corresponding straight line. The dotted curve shows the 
limit set by scattering in the interstellar medium and is obtained by extrapolating from
the scattering width measurements at 160 and 80 MHz (Slee, Dulk & Otrupcek, 1980)
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Figure 2.  A plot of pulsar periods versus dispersion measures (see text for details).

 

assuming that τs ∝ (wavelength)4. For pulsars below this curve, the scatter broadening 
(τs) is expected to be larger than the pulsar period (P). A sweep bandwidth of 1 MHz
(centred at 34.5 MHz) is sufficient for most of the pulsars indicated here. The pulsars, 
which need higher sweep bandwidths, have either very low DMs or longer periods and 
hence the effects of dispersion smearing are not so serious. 

The next requirement is that the SLOS should produce the sweep as described by the 
dispersion relation with minimum possible error. The required frequency (fr) in the 
range 34 to 35 MHZ can be computed as 
 

(2) 
 
 
where t’ = t – iP; for i = 0,1,2,...; such that 0 < t’ <P, f0s = the starting frequency of
the sweep pattern, and k’ = a constant. 

The nonlinear sweep in frequency can be approximated by a “staircase” pattern with 
a uniform step width in time. In order to avoid any significant additional smearing of 
the pulse profile, the r m.s. error in the sweep frequency should be less than the 
resolution of the spectrometer (assumed > 400 Hz in the present case). For example, an 
r.m.s. error of 400 Hz results in an additional smearing of about 8 milliseconds for 
pulsars with a DM of 100 cm–3 pc. 

We see from equation (2) that the sweep pattern can be considered as a fixed function 
of (t’/DM). This allows us to use a fixed staircase pattern for the sweep frequency, 
provided the step width (∆t, say) in the pattern is made proportional to DM. In the 
present case, we have chosen ∆t to be DM/20 msec so that the step height is 
approximately 250 Hz. The number of such steps required to span 1 MHz is about 
4000. It should be noted that any error in the value of DM used causes an effective error 
in the SLOS output frequencies. To keep the frequency error to less than 250 Hz we 
need to know the DM to an accuracy of ± 0.005 c m–3 pc. Fortunately, the DM values
for most of the relevant pulsars are available to this accuracy. 

We have used these criteria to design the SLOS shown in Fig. 3. We have assumed f 0s
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Figure 3.  A simplified block diagram of the sweeping local oscillator system.

 
 

to be 35 MHz to determine a fixed staircase pattern for the sweep. A suitable section of 
this pattern can then be used to start the sweep from any desired starting frequency fs 
such that fs < f0s and the bandwidth to be swept is less than (fs-34) MHz. The values of 
the starting frequency (fs), dispersion measure (DM) and the period (P) of the pulsar are 
set on front panel switches. A 1 MHz reference frequency is used to derive the sweep- 
reset pulses at intervals of the pulsar period (P) and the sweep-step pulses at intervals of 
DM/20 msec. The step pulses increment a step-counter which is preset by the sweep- 
reset pulse to a starting step value (ns) depending on fs. The step number n controls an 
oscillator to produce a predetermined frequency in the range 34 to 35 MHz. 

The most attractive possibility for the controlled oscillator is a commercial fast- 
switching frequency synthesiser, which can be controlled digitally. We describe an 
inexpensive design that is suitable for the present purpose and is based on the Divide- 
and-Add algorithm for frequency synthesis. In this method, one input frequency is 
divided by an integer divisor and the resulting frequency is added to another or same 
input frequency. Different output frequencies are generated by varying the divisor 
value. Apart from the programmability, one of the main advantages of this method is 
that its performance is not sensitive to variations in voltage and temperature. If we 
consider a single stage of Divide-and-Add to meet the present requirements, the input 
frequency to the divider turns out to be larger than 4 GHz which makes the hardware 
realization very difficult. However, if several such divide-and-add stages are cascaded a 
much lower frequency can be used. Fig. 3 shows a simplified block diagram of the
scheme employed by us using a 4-stage divide-and-add algorithm. The output

^ ^
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frequency, fout, given by 
 

(3) 
 
 
can be generated with suitable choices of fixed frequencies fin and fx and with 
appropriate Nj (j= 1 to 4) values in the range say Νj = Nmin to Nmax. The smallest
frequency fmin and the largest frequency fmax that can be generated, correspond to
Nj = Nmax and Nmin respectively. The range of the output frequencies, i.e. (fmax – fmin), 
is directly proportional to fin . The choice of parameters in the above equation (3) is 
based on the following requirements. 
 

i) The range (f max – fmin) should be at least 1 MHz.  
ii) Errors in the generated frequencies should be as small as possible. 

iii) The frequency adder modules involve a mixer and a filter to pass the upper
sideband, this filter should be easy to realize. Therefore, N max, which determines the 
separation between the two side bands, should not be too large. 

iv) The values of fin, N max and N min are chosen so that the mixer outputs from the first 3
stages do not have any harmonic contributions in the range 34 to 35 MHz. 

 

These constraints are satisfied if Nmax= 15, Nmin = 5, fin = 13.5 MHz and fx  =
33.023 MHz. 

The design of the programmable frequency-divider is also shown in Fig. 3. The input
to the divider module is generally the analog output of the adder module. The input is 
converted to a digital signal using zero-cross detectors (ZCD) with differential inputs. 
In order to minimize harmonics in the output signal the divider circuits are arranged to 
provide a square-wave at the output frequency. For this purpose we generate a digital 
signal at twice the input frequency before the Divide-by-N counter. The frequency 
doubling is achieved by ‘exclusive-or’ ing the two ZCD outputs produced with about a 
quarter cycle phase difference. This signal is first divided by the programmable divide- 
by-N counter followed by a flipflop configured as divide-by-2 to produce a square wave 
at the required output frequency. The differential outputs of the line drivers isolate the 
analog and the digital grounds at the module level. 

In the frequency-adder module, the two square wave inputs are AC coupled and low- 
pass filtered to obtain only the fundamentals. These signals are then mixed and the 
output is filtered to reject the lower side-band product. The output of the final adder 
module is passed through a ZCD and filtered to give + 10 dbm output level in the 34 to 
35 MHz range. 

Following the designs described above the SLOS was built successfully. Two readily 
available inexpensive synthesisers were used to provide the two inputs fin and fx. 
Spurious signals at the output were kept 30 dB below the main frequency output. 
Suitable values of Nj were made available as a function of the value of n (for n =0 to 
4095) in a preprogrammed memory block. In order to obtain the 4096 ‘suitable’ values 
of Nj, the frequencies corresponding to all the possible ((Nmax – Nmin + 1)4)
combinations were computed, sorted and scanned for suitability by comparing with a 
list of the desired frequencies. The distribution of the deviation of the final output 
frequency from the desired frequency is plotted in Fig. 4(A, B)· These deviations were 
measured by stepping through all values of n manually. The slight skew in the
distribution of the deviations is real and results in a corresponding bias in the estimates

^ ^

^
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Figure 4.  The distribution (probability density distribution with 10 Hz resolution bin) of the
errors in the final output frequency of the SLOS. 
 
 
of the time of arrival of pulsar signals. We expect this skew to depend on the starting 
sweep frequency and the band width swept. 
 
 

3. Conclusion 
 
In this paper, we have described a design of a programmable sweeping local oscillator 
system which was developed for pulsar observations at 34.5 MHz employing a swept- 
frequency dedispersion method. This design exploits the advantages of both analog 
and digital devices making the system inexpensive and reliable. Although the basic 
divide-and-add algorithm for frequency synthesis is well known, we have shown how 
the use of several such stages in cascade can reduce the frequency step-size without the 
need of a very high input frequency. This system together with a 128-channel digital 
autocorrelation receiver (Udaya Shankar & Ravishankar 1990) has been used 
successfully to study highly dispersed pulsar signals with high time resolution 
(Deshpande 1987, Deshpande & Radhakrishnan 1990). Fig. 5 shows a sample pulse- 
profile obtained for PSR 1919 + 21. The details of these observations will be discussed 
elsewhere (Deshpande & Radhakrishnan 1991). 
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Figure 5.  An average pulse profile for PSR 1919 + 21 at 34.5 MHz obtained from observations
made using the sweeping local oscillator system. 
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Abstract. Mid-ultraviolet and optical photometric analysis of helium
stars are presented. Α linear relation exists between the effective 
temperature derived from model atmospheres and (1965-V)0 index. The 
effective temperatures derived from (1965-V)0 index are somewhat higher 
than that of MK spectral type estimates especially for late B-type helium 
objects. 

 
Key words:  Helium stars—photometry—effective temperature. 

 
 

1. Introduction
 
Spectroscopic investigations of some B-type stars have shown anomalous helium 
abundances to that of normal B-type objects of similar temperatures. These anomalous 
objects are termed as ‘Helium-stars’ and are further subclassified into extreme, 
intermediate or rich or strong and weak-line stars based on HeI/H line intensity
ratios. These stars have spectral types generally in the range B0–B9 III–V and effective 
temperatures of the order of 11000–30000 K. Except in the extreme helium stars, the 
helium peculiarity in these objects is believed to be confirmed to the atmospheric layers 
as a consequence of the complex interaction of diffusion processes, a weak stellar wind 
and a strong periodically varying magnetic field (Osmer and Peterson, 1974; Vauclair, 
1975; Landstreet and Borra, 1978; Borra and Landstreet, 1979 and Michaud et al., 
1987). Recent reviews of these stars may be found in Hunger (1986) and Bohlender et al., 
(1987). Walborn (1983) showed from the line strength measurements that the majority 
of helium-rich stars do not indicate any outstanding CNO or other metal anomalies 
compared to the stars of similar spectral types and has classified this subgroup 
members as Population I main-sequence objects with some exceptions. 

So far, the classification of helium stars is being done mainly through spectroscopic 
investigations and no attempt has been made in identifying these subgroups through 
photometric investigations. In this analysis, an attempt has been made to identify these 
subgroups through photometric observations using both optical and mid-ultraviolet 
regions of the spectrum, as these stars are hot and emit a considerable amount of energy 
in the UV region and to estimate effective temperatures for a large sample, using 
calibrations based on the existing spectroscopic analysis of some of these stars.
 
 
*Now at Department of Physics and Astronomy, Lucknow University, Lucknow.
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2. Observational data and reduction
 
Around 100 stars classified as ‘Helium stars’ and for which both optical and mid- 
ultraviolet measurements are available have been selected from the literature for this 
analysis. Some of these stars are classified as weak, strong or rich and extreme, and the rest 
have no subclassification and the latter group has been treated as ‘unclassified’ in this 
investigation. The m1 and c1 indices for these stars have been taken from the Catalogue 
compiled by Mermilliod and Hauck (1979). The V, B–V, U–B values and spectral types 
have been taken from the Photometric Catalogue compiled by Blanco et al. (1968) and
Underhill et al. (1979). Table 1 gives the data for these stars. Though some other objects 
also have been classified as helium stars and for which U B V and uvby photometric 
indices are available in the literature, the non-availability of mid-uv measurements in 
Thomson et al.’s (1978) study restricts their inclusion in the present analysis. Thus, only
three EHe stars have been found in the catalogue and are not further discussed in the 
present study. In addition, Table 1 also gives data for two O-type stars, one Α-type star 
and two stars of luminosity class II which are all classified as helium stars and have both 
optical and mid-uv measurements, though these stars marginally deviate from the 
general definition of helium stars as ‘B0–Β9 III–V’. 

The ultraviolet fluxes for all these stars at 2740 A (310 A), 2365 A (330 A), 1965 A
(330 A) and 1565 A (330 A) have been taken from the Catalogue compiled by 
Thomson et al. (1978). These fluxes were recorded by the Sky Survey Telescope (S2/68) 
aboard the ESRO Satellite TD-1. The observed fluxes (F ) were converted to the visual
magnitude scale through the absolute calibration formula given by Hayes and Latham 
(1975) 
 

m(  )= –2.5 1og F  –21.175. 

Table 2 gives the details of the data and all columns are self explanatory. 
In the following analysis, we have used the reddening relations mainly applicable for 

normal stars in order to estimate various intrinsic colours for helium stars as Groote and 
Hunger (1982) have demonstrated that helium enrichment in the temperature range 
and abundance range seen in these stars has little effect on their fluxes, at least in the 
optics region. This is justifiable because of the fact that the observed colours, 
luminosities, estimated radii of these stars are consistent with normal B-type 
Population I objects. (Greenstein and Wallerstein, 1958; Osmer and Peterson, 1974 and 
Walborn, 1983). In addition, the presence of several of these stars in very young clusters
and associations and their coexistence with other normal B-type stars within a cluster 
or association and their location near the galactic plane definitely suggest that they are 
very young objects and of Population I inspite of their abnormal helium abundances 
(Odell, 1981; MacConnell et al., 1970; Nissen, 1974, 1976). In addition, satellite 
οbservations show that the flux distributions in the ultraviolet of a majority of He-weak 
objects is normal for their U Β V colours although a few He-weak stars are fainter in the 
ultraviolet than normal stars with the same U B V colours. Bernacca and Molar (1972) 
and Ciatti et al. (1978) had interpreted the flux deficiency in some of these stars to a 
possible line blocking by many spectral features. 

The estimation of colour excess, E(B – V), for interstellar reddening correction to
the observed magnitude has been made by using the following procedure: 

i.  In the case of stars for which reliable spectral types are available, the estimation of
colour excesses has been made from the intrinsic colour-spectral type relation given

λ λ

λ
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by FitzGerald (1970). The colour excess in (U – B) has been estimated through the
relation E(U – B) = 0.70 E(B – V)  

ii. The intermediate band indices, (b — y), m1 and c1 have been corrected for the effects
of reddening using the above estimated E(B – V) and also through the standard 
relations given by Crawford (1973, 1975): 

 

E(b – y) = 0.70 E(B–V), 
E(m 1)= – 0.30E(b – y) and 
E(c1) = 0.20E(b – y). 

The apparent magnitude, V is corrected using the ratio of total to selective
absorption value R = 3.0. 

iii. The mid-ultraviolet magnitudes of each star have been corrected for reddening 
effects from the relation 

 
where the values of Α(λ)/Ε(Β — V) have been given in Table 2 of Thomson’s et al. 
Catalogue for each passband as a function of spectral type and reddening. 

 
As a further check, E(B— V) values have also been computed using the relation

given in the same Catalogue for B-type stars: E(B –V) = 0.40 (m(1565) – m(2740)) – 
0.60(m(1565) – m(2365)). This relation is based on the UV colours alone without recourse 
to the spectral type and adequately represents the reddening. 

As an independent check to our earlier estimate of colour excess, E(B – V), we have 
computed the colour excesses for a sample of helium stars using the mean interstellar 
extinction (Αv) maps given by Neckel and Klare (1980) for a given 1, b and distance 
along the plane of the galaxy. In estimating these mean values, we have adopted an 
absolute magnitude, Mv ~ – 2.0 based helium stars located in the OB associations
(Drilling 1981) and also a value of R = 3.0. The mean colour excesses thus derived are: 
HD 60344 (0.06), HD 96446 (0.07 to 0.08), HD 133518 (0.14 to 0.15), HD 168785 (0.16) 
and HD 184927 (0.06 to 0.07). Inspite of different procedures used in the estimation of 
E(B — V), in the majority of cases, the values obtained agree quite well. In the event of a 
large discrepancy between these values, more weight was given to the value obtained  
through spectral type – intrinsic colour relation. In a few cases where the derived 
E(B — V) has a negative value, it is treated as zero. In Table 2, columns 6 and 7 show the 
colour excesses derived from the above procedures, and the rest of the columns give the 
reddening free parameters. Table 4 shows the data for normal B-type stars used for 
comparison in this analysis. All columns are self-explanatory. 
 
 

3. Analysis  
Figure 1 shows the position of helium stars on (ß, c0) plane, where c0 is the c1-index 
corrected for interstellar reddening. As we already know from Crawford’s work (1975),
ß-index is an indicator of gravity and c 0 is a temperature parameter for B-type stars.
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Table 3. 
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Table 3. Continued. 

 
 

The observed positions of these stars on β, c0 diagram suggest that these stars are not
too different in nature when compared to the normal stars of similar spectral types and 
luminosity classes except the ones which are sub-classified as extreme. However it is 
likely that some stars are effected by variable H β emission as seen in σ Ori Ε and HD 
64740. 

Figures 2a, b, c and d show the relation between (m2740 – V)0, (m2365 – V)0,
(m1965 – V )0 and (m1565 – V)0 against c0 -index respectively for both helium stars and
normal stars. The late-type helium stars lie considerably above the band drawn for 
normal stars indicating less flux in the uv bands relative to normal stars and show 
maximum deviation towards shorter wavelength region. These indices can thus be 
effectively used to distinguish the helium stars from normal stars. 

Further, we have defined the following indices in order to see the nature of 
mid-ultraviolet fluxes of these stars: 

∆1 = m0 (2740 – 2365) – m0 (2365 – 1965) 

∆2 = m0 (2365 – 1965) – m0 (1965 – 1565) 

∆3 = m0 (2740 –2365) + m0 (2365 – 1965) 

and 
∆4 = m0 (2365 – 1965) + m0 (1965 –1565) 

The values of Δ1, ∆2, ∆3 and ∆4 are given in Table 3 for each of the stars and Table 4
gives these values for normal stars. 
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Figure 1. The relation between ß-index and c0. 

 
Figure 3a shows the relation between ∆1 and (U – B)0 for all program and normal 

stars. Around 50 percent of the program stars lie above the band described for normal 
stars. In addition, both helium-weak and helium-strong stars are separated and the 
mean Δ1 -index of these two groups differs by 0m.2. 

Figure 3b shows the relation between ∆3 and (U — B)0. In this diagram, almost all
program stars clearly lie above the band drawn for normal stars and thus enable one to 
distinguish the peculiar stars from the normal stars. 

In the plots between ∆1, ∆2 and ∆3, ∆4 the helium stars lie within the band described
by the normal stars. 
 
 

3.1 Effective Temperatures of Helium Stars 
 
Lesh (1977) found a linear correlation between Θ and the (1910 – V)0 colour index
using OAO-2 band at 1910 A and Te values from Code et al. (1976) for stars earlier
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Figure 2a. The relation between (m(2740) – V) 0 and c0 - index. 
 

 

Figure 2b. The relation between (m(2365) – V)0 and c0 - index. 
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Figure 3a. The relation between ∆1 and (U – B)0. 
 

 

Figure 3b. The relation between ∆3 and (U – B)0. 
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Figure 4. The relation between log Te and (1965 — V)0 index for Helium stars. The solid line
represents the linear least-square relation. 
 

than A2. Malagnini et al. (1984) had derived a quantity, R = log F(1965)/F(5445),
proportional to a (U V– V) colour index, and found that to correlate with Θe for B5 to F 
non-supergiant stars. Since in the present analysis, one of the photometric passbands
(1965 A) closely matches with that of OAO-2 passband (1910 A) and since the band 
1965 A does not include any major spectral features which differ between normal and 
the peculiar stars, we tried to investigate whether the index (1965 – V)0 refers to the 
effective temperature for all the B-stars, both peculiar or otherwise. 

Figure 4 shows the relation between log Teff and (1965 – V)0 for helium stars, both 
strong-line and weak-line, irrespective of luminosity classification. The effective 
temperatures used are the estimated ones from model-atmosphere analysis. Table 5
gives the list of helium objects used for this calibration. Α linear least-square relation,

 

log Teff = (– 0.1508 ± 0.0165)(1965 – V)0 + 3.9278 ± 0.0376 
 

is obtained for B-type helium stars. From this relation, we had derived the effective 
temperatures of other helium stars from their observed (1965 — V)0 indices and are 
given in Table 3. Figure 5 shows the difference in the estimation of effective 
temperature, in the sense, T eff (1965 – V)0 – Teff (spectral type) against the spectral
type for all those stars for which spectral type and luminosity class are given. It is 
evident that the effective temperatures derived from (1965 – V)0 index are somewhat 
higher than those of MK spectral type for a majority of helium stars. Besides, the 
difference increases as we progress towards the later spectral types reaching a value of 
around 4000–6000 Κ for B8 and B9 types of helium weak objects. For strong-line stars, 
an average difference of 1000 K–1500 K has been estimated. There are a few stars, HD 
183339 (B8IV+ 9100 Κ) a helium weak object, HD 125823 (B7IIIp, + 8400K) an 
unclassified object which differ considerably from the mean differences mentioned 
above; HD 79158, a weak-line object, (B0.5II, – 10,400 K). Thus the Teff estimated 
from spectral type alone can at best be only a lower limit. 

From figure 5, it is also seen that a large dispersion exists in Teff within any given
spectral subclass and the dispersion seems to be much larger than the uncertainties
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Table 5.  Helium stars used for effective temperature calibration.

 
*From Β stars with and without emission eds. A. Underhill and V. Doazan, NASA SP-456,
p. 159 –163. 
**From this analysis 

 
 
 

 

Figure 5. The relation between ∆Te = Te(1965– V)0 – Te (sp. type) and spectral type. The 
vertical bar corresponds to the mean difference in the effective temperatures between luminosity
classes III and V. 
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associated with the individual Teff. Malagnini et al. (1984) have also noticed a similar 
kind of dispersion for B5 and later types while estimating the effective temperatures 
from UV index. For B5 stars, they had obtained extremes in Teff, around 2500 Κ apart 
and interpreted the observed dispersion in terms of the different behaviour of spectral 
energy distribution in the U V and visual regions and emphasized that the noticeable 
dispersion is not a result of the errors in E(B – V). In the present analysis, we had 
estimated the colour excess, E(B – V), for each star using two or three different 
techniques and in a majority of cases, the dispersion noticed in E(B — V) is of marginal 
nature and thus, the differences in effective temperatures reflect the behaviour of energy 
distribution between U V and visual regions. 

Finally, it is interesting to note the position of HD 61641 (B2IV–V), a weak-line star,
in the figures 2 to 4. Kroll (1987) had inferred from the IRAS data that HD 61641 has a
circumstellar dust shell on the basis of excess flux in the IRAS passbands. 
 
 

4. Conclusions
 
The following conclusions could be drawn from the above investigation:
 

1. Regarding the attempts to segregate helium stars from normal B-type objects it is
possible to separate these objects using with some care ∆3 and (U – B)0 plane and 
also (2365 –V)0, (1965 – V)0 with c0. 

2. A linear relation is obtained between (1965– V)0 index and the effective 
temperature derived from model atmosphere analysis. 

3.  The effective temperatures estimated from (1965 – V) 0 index are higher, especially 
for weak-line stars in the spectral range B6–B9, compared to the effective 
temperatures derived from spectral types. 
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Abstract. High speed photometry during the lunar occultation of a stellar
system provides an effective means of achieving high angular resolution in
one dimension at the sub arc second level which is well suited for resolving
close binary projected separations in the range of 10–100 milliarc seconds.
An optical fast photometer designed for such a purpose is described and
some results from the initial observations taken with the system including
the resolution of a projected separation of 55 milli arcsecond in one binary
system are detailed. 

 
Key words: lunar occultation—fast photometry—photomultiplier—
binaries—angular resolution. 

 
 

1. Introduction 
 

High angular resolution is one of the most challenging goals for the next generation of
large ground based telescopes. Over the last few years interferometric methods for high 
angular resolution have reached new heights of sophistication (Alloin, D. M. and 
Mariotti, J. Μ. (Eds.), 1989). While long base line optical interferometry achieves 
milliarcsecond angular resolutions the major impact of speckle interferometry has been 
in resolving close binaries in many stellar systems (McAlister, 1985). A favourable 
alternative to these sophisticated techniques for achieving high angular resolution in 
the optical and near infrared domains is offered by the relatively simpler technique of 
lunar occultation. The technique consists in recording the straight edge diffraction 
pattern of the star light produced by the sharp edge of the moon. As the moon moves to 
occult the source the diffraction pattern sweeps rapidly (~ 1 km/s) across the earth's 
surface and can be recorded by a fast photometer. The event is over, typically in about a 
hundred milliseconds—hence the need for a fast photometer. The limitations of the 
technique are that lunar occultations are fixed-time events occurring in the zodiacal 
belt. It is also a one-dimensional technique as high angular resolution is obtained 
only along the direction of occultation. The advantage is that milliarcsecond 
resolutions are achievable. 

Apart from the more challenging task of determining stellar angular diameters for
bright stars, lunar occultation high speed observations in the optical region can also 
readily resolve binary and multiple systems at the level of tens of milliarcsec. The first 
double star discovery from a photoelectric occultation trace was made as early as 1950
(O'Keefe, 1950) when the star 22B Aur was found to be double with a projected separation
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of 53 milliarcsec and 0.5 mag brightness difference between components. Subsequently 
a triple star (BD + 27°943) was discovered by this technique which was not known to be 
a double (Beavers & Eitter, 1971). Single occultation measurement of a binary system
provides only the vector separation between the components of the binary system and 
therefore multiple occultation measurements are required to get the plane of the sky
separation. A discussion of discovery and measurement of occultation doubles is given
by Nather and Evans (1971). 

A program for observing lunar occultations in the visible and near infrared (1-5µ) 
region has been initiated at the 1.2 m telescope at Gurushikhar, Mt. Abu. In this paper a 
photomultiplier based fast photometer system which has been developed for high speed 
photometry for lunar occultation in the visible region is described. Some initial results
pertaining to the binary nature of the occulted sources obtained with the instrument
are also presented. 
 
 

2. Instrumentation
 

2.1 Optics 
 
Figure 1 shows the schematic diagram of the optical system of fast photometer designed 
and fabricated at PRL. The f/13 Cassegrain beam is brought to a focus at the aperture 
(A) where the scale size (for the 1.2 m Gurushikhar telescope) is 13 arcsec/mm. The 
aperture wheel has diaphragms of various sizes (Table 1) so that different fields of 
view on the sky can be selected as required. The filter wheel (F) has UBVRI Schott 
glass filters along with a clear glass filter through which initial adjustments of centring 
and focussing the object on the aperture can be made. Object acquisition is done
through the flip mirror (M) and field eyepiece (E) arrangement. The post focal plane

 
Figure 1.   Schematic diagram (not to scale) of the fast photometer optics.
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beam can be directed into a small lens-eyepiece assembly (G) to check on the centring
of the object in the aperture whenever required. A fabry lens (focal length = 30 mm) 
images the telescope aperture on the sensitive surface of the photomultiplier. The 
optical parameters of the system are summarized in Table 1. Α special requirement
of the fast photometer used for lunar occultations is its ability to handle large light 
levels due to the scattered light from the moon. In occultation measurements what 
is of interest is not the absolute signal level but the changes in the signal level 
corresponding to fringe modulation especially during the last 50–100 millisec before 
the event (disappearance event) and corresponding time after the event in case of 
reappearance events. We have adopted a two-fold approach to tackle this problem. 
On the optical side a polariser – analyser assembly (P) is introduced at the entrance
to the photometer to adjust the light level to be within the saturation limits of the 
detector electronics. The polariser approach of light attenuation is preferred over the
step neutral density filter method as it offers a continuous smooth control of the light 
level during the crucial few minutes before an occultation. Electronic offset controls 
are used to further fine tune the signal level. 

Use of narrow band filters like the Strömgren y filter along with smaller entrance 
apertures can also significantly reduce the sky background and improve S/N ratio. It is 
proposed to incorporate these changes in future. 
 
 

2.2 Detector 
 
The detector used for optical occultation measurements is an ITT FW130 (S20) 
photomultiplier tube. The details of the detector are given in Table 1. 

In general, in the visible region, noise of the sky background from scattered 
moonlight dominates over the detector noise (at room temperature) even for 
occultation events occurring on the darklimb. Cooling the detector is therefore not 
necessary and the tube is operated at room temperature. Earlier a solid state stellar 
photometer employing a silicon PIN photodiode was used (SSP, Optec Inc.). Its time 
response was relatively poor for occultation measurements (~ 50ms), but it was
nevertheless successful in recording the first diffraction fringe of the bright star α Leo
during the occultation of 19 March 1989. 

 
 

2.3 Data Acquisition System (DAS) 
 
The data acquisition system has evolved over the years in our instrumentation starting
from an 8 bit A/D used for the α Leo occultation of 1989. Presently two modes of data 
acquisition are being used. 
 

a) An SR400 based system which has a large dynamic range but with a dead time 
of 2 millisec. 

b) A frequency to voltage converter, offset controlled output system. 

Mode a: The SR400 is a gated photon counter (Stanford Research Systems) and can 
be interfaced with a computer. It has two channels each of which can count up to a rate 
of 200 MHz. There are two independent gates which enable the counters and the gate 
width can be varied from 5 ns to 999.2 ms. The sampling intervals as well as the number
of sampling can be predefined. Analog output of the digital input is available. In this
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mode of operation, the light level is controlled optically (by polaroids) without any 
electronic offset. 
 
Mode b: In this mode, which has been more extensively used than Mode a, a pre- 
amplifier discriminator device (A-101 PAD, Amptek Inc.) is used with the
photomultiplier for a pulse output. A Frequency to Voltage converter (100 KHz/10 V) 
converts the pulses to an analog form which is then fed to a signal conditioner. The 
signal conditioner has a variable gain (0–1) and a step gain of 10,100 and also an offset 
facility by which the voltage level corresponding to the large lunar background can be 
substracted. In practice the signal due to the star in the predetermined filter is taken 
long before the event under low background conditions. Then as the background light 
level builds up with the approach of the moon, the offset is continuously adjusted to 
keep the signal (star + sky) within saturation limits. The star is drifted in and out of the 
aperture periodically to ensure that it is being properly tracked and recorded. The use 
of F/V converter and subsequent A/D conversion has so far been necessitated by the 
absence of a pulse input module which could directly record the photomultiplier pulses. 
This improvement is to be effected shortly. 

The output of either Mode a or Mode b is an analog signal which is fed to a Keithley 
(Micronics Inc.) 570 data Acquisition System. The System 570 is a Data acquisition and 
control system interfaced with an IBM like PC-AT. It can accommodate 32 channels of 
single ended or 16 channels of differential analog inputs and provides two channels of 
high speed analog outputs. The system has hardware selectable amplifier with gain 
steps of 1,10 and 100 and software controllable amplifier with gain steps of 1,2,5 and 10 
for analog input signals. The system uses a 12 bit A/D converter for analog data 
acquisition and can be sampled as fast as 33 KHz. Presently data recording at 1 millisec 
sampling rate is for 30 sec. centred on the predicted time of the event. A change in signal 
in the monitoring scope signifies a successful run. The system 570 incorporates a 
powerful graphics program which enables any portion of the 30,000 samples acquired 
during a run to be displayed and studied. Presently the data acquisition routine is 
triggered manually. It is proposed to make it an automatic start at a predetermined 
time in the near future. 

So far event time has been recorded only with about 1 second accuracy. Absolute 
time has not been recorded at the millisec level so far. The emphasis has been on 
accurate relative time samples at rates of ~ 1 KHz. Efforts are underway to record 
absolute time also with the accuracy of ~ 1 or 2 milliseconds. A few trials have been 
made to synchronise with NPL (National Physical Laboratory) time signal with 
appropriate propagation corrections. A time signal is to be derived from this
synchronised quartz clock and recorded along with the data. 
 
 

3. Observations  
All the observations reported here were carried out at the 1.2 m telescope at
Gurushikhar (72°47'E, 24°39'N). The details of the observations are given in Table 2.

Several difficulties such as sudden power failures, instrumental failures, detector 
saturation due to strong moon's background light and occasionally cloudy sky were 
encountered in occultation observations. In some cases the object was lost, at the crucial 
moments before the event and could not be centered due to the strong background



200 Τ. Chandrasekhar, Ν. Μ. Ashok & Sam Ragland 
 
 
 

 



Fast Photometer for Lunar Occultations 201
 

light. So far the efficiency factor of observing an event successfully is only about 50% 
but it is likely to improve with system tuning and experience. Further, so far only 
disappearance events at the dark limb have been recorded. For reappearance events, 
the telescope tracking must be good enough for a star to remain in aperture of 
< 10 arcsec for ~ an hour. It is to be tried out in the near future, which will then double 
our observational capability. 

Since the horizontal parallax of the moon is approximately 1°, occultation 
predictions have to be generated for particular observing sites. We generate our own 
occultation prediction for any object. These predictions agree very well with the 
predictions supplied by International Lunar Occultation Centre (ILOC, Tokyo) for 
bright stars (mv < 8). As a precautionary measure we acquire data for 30 seconds at 
1 KHz rate (1 millisec sampling) ±15 seconds centered on the event. The event is also 
visually observed at the finder telescope and analog output voltage fed to the data 
acquisition system is also monitored on a scope. 

The occultation of α Leo on March 19, 1989 was one of our earliest attempts in 
recording a lunar occultation. A Solid State Photometer (SSP–I) was used without any 
filter. The detector used was a 0.5 mm Silicon PIN diode (OPTEC Inc.). The data was 
recorded with an 8 bit A/D converter. Inspite of these drawbacks the sytem did record 
the first diffraction maximum from α Leo (Fig. 2). The fringe patterns obtained with
this relatively crude system provided the encouragement for building a more
sophisticated system for occultation measurements in the visible region using a
 

 
Figure 2.   Occultation trace of α Leo observed on 19 March 1989. The large noise level is due to
imperfect stellar image over filling the detector area. First fringe maximum can however be seen.
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photomultiplier based system. Subsequently eight other optical lunar occultation 
events have been observed successfully, the details of which are given in Table 2.
 
 

4. Discussion 
 

Observations of a single occultation event involving a multiple star produces a trace in 
which diffraction patterns of the components, separated in time, are added linearly. 
Analysis of the trace provides the difference in occultation times of the individual 
components and their relative brightness. From the geometry of occultation, knowing 
the velocity (V) of the lunar limb perpendicular to itself at the position occultation 
occurs, these time differences can be converted into angular separations. A single 
occultation provides only a projection ρ (in the direction perpendicular to the lunar 
limb) of the true separation ρ0 (Fig. 3) such that ρ0 cos(  —  ') = ρ where  ' is the
position angle defining the point of occultation and θ true position angle of the binary 
system (White, 1977). Observations of the same occultation from several sites provides 
a range of θ'. Repeated observations of occultations of a given star from a single site 
during many lunations or even during an 18.6 year nodal rotation period can provide a 
range of θ' and lead to true separation ρ0 Details of the technique are discussed in 
Evans et al. (1977). However a large number of double stars measured by lunar
occultation have been observed only once. 

In the catalogue of photoelectric occultation observations prior to 1981 provided by 
Evans (1983) out of 3074 stars observed 224 (7%) were detected as double. For stars 
brighter than V= 6.7, 17% of the 342 stars were found to be double. The mean vector 
separation of double stars was 260 milliarcsec (mas) decreasing to 150 mas for stars 
brighter than V= 6.7. Internal errors were 13 mas. 

The details of the optical occultation events observed successfully by us are as
follows: Two of them (SAO 075999, SAO 076682) are multiple systems. 

SAO 075999 is a triple star system with the fainter (10th mag) third star well separated
 

 
Figure 3.  A simplified picture of a binary occultation. V is the velocity component of the moon
perpendicular to the limb at the position angle (θ ') of occultation assumed the same for both
components of the binary. Position angle of the binary system is denoted by θ. θ and θ' are 
measured from celestial North through East. 

θθ θ
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(22.4 arc sec) from the double stars. The bright stars are almost of equal brightness, 
m1= 6.6, m2 = 6.7, m1+ m2 = 5.9, B – V= 0.13. The absolute visual magnitude is 
MV = 1.7, the spectral type is A3 V and the distance to the system is ~ 65 pc (spectroscopic
parallax). Orbital elements of the binary system suggest a period of revolution of 568 
years and a semi major axis of 650 milliarcsec in 1990. As the position angle of the 
binary system is very small presently (θ3 = 3°) the observable separation by lunar 
occultation technique is a small fraction of the actual value. The star system had been 
observed earlier by Evans (1971) [Run no. 1226 on 17 Jan 1970]. The timing for the
second star was recorded, the first having gone 1.5 sec sooner and failed to register.
 

 

Figure 4a. Occultation data along with the integral curve are given for the observations of SAO
077295 (mv = 6.5, K2). The source is not a binary as can be seen from the triangular shape of the 
integral curve. The main source of noise in the data is the sky photon noise due to the bright sky 
near the moon. 2σ error bar corresponding to this noise is shown. 
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Α sensitive method of detecting binaries in occultation traces, in the presence of

noise, involves computing the so called 'integral curve' (Dunham et al. (1973), Feirman 
(1987)). This curve is the running sum of deviations from a segment's mean raw data 
value (I), plotted against time. A point A(t) on the integral curve can be represented by

 
where t = t0 + nτ and τ is the sampling interval. The starting time t0 is chosen to be
typically several seconds before the occultation. 

 

 

Figure 4b.  Binary occultation of SAO 075999 (mv =5.9, A3 V) observed on 3 Feb 1990 in the Β 
filter. The component stars are of equal brightness and are seen clearly separated by 108 
milliseconds corresponding to 55 milliarcsec. A composite point source diffraction pattern is 
fitted to the data. 

–
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The curve exhibits a positive slope before occultation which changes sharply to a 
negative slope after occultation in the absence of a binary. Fig (4a) depicting the 
occultation of SAO 077295 illustrates this case. For a binary system, the steeply rising 
curve before occultation flattens out before changing to negative slope. The extent of 
the flat portion is a measure of the projected binary separation in the direction of 
occultation. The integral curve is plotted as calculated and is not the result of any least 
square analysis. The error involved is unlikely to exceed a few milliseconds. From the 
integral curve of SAO 075999 (Fig. 4b) we find a binary separation of ~ 108 millisec 
corresponding to 55 milliarc sec. The observed values are consistent with the known

 

 

Figure 4c. Occultation data along with the integral curve are given for the observations of SAO
076682 (mv = 6.5, F0). Integral curve clearly shows the binary with a separation of 4.4 arc seconds.
The stars are of equal brightness. A composite point source diffraction pattern is fitted to the
data, but the fringes are not evident in the figure as the time span covered is 20,000 milliseconds.
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binary separation of 650 mas, position angle of the binary system of ~ 3° and a lunar 
slope of ~ – 2°. 

SAO 076682 is a visual binary of visual magnitude 6.5 and of spectral type F0. The 
individual stars are of equal magnitude ml = m2 = 7.3. From our observation (Fig. 4c) 
it is seen that the system has a binary separation of ~ 4.4 arc seconds. This binary 
system was earlier observed by Evans (1971). 

Apart from SAO 075999 and SAO 076682 we find from the integral curves that the 
observed sources are not occultation binaries. SAO 118376 (mv = 5.1, G8I–III) (Table 
2) had been observed earlier (Eitter and Beavers (1974) and Evans (1971)). The lunar 
background noise in visible wavelengths through the 12 arc second focal plane aperture 
is large enough to mask the optical fringes except in bright sources like α Leo and hence 
the angular diameter information of the occulted optical objects could not be obtained. 
This minimum focal plane aperture size was necessitated by the optics of the 
Gurushikhar telescope. Presently the contrast factor in detecting binaries is not large 
due to the large focal plane aperture. Companions fainter than about magnitude mv ~ 8 
are unlikely to show up in the occultation traces. A significant improvement in S/N is 
likely when the telescope optics is improved sufficiently to allow us to see limited, 
smaller apertures of a few arcsec. It is also proposed to use the instrument at the 1 m 
telescope at Kavalur soon, to make use of its better optics. It is significant to note that 
even with the present limitation of the telescope optics we could obtain angular 
resolution of ~ 55 milliarc seconds in one multiple star system in the visible wavelength
which is much below the seeing limit. 

 
 

5. Conclusions 
 
A high speed photometer has been developed for occultation measurements. Initial
observations with this instrument have been encouraging and have led to the following
results. 
1. The projected observed angular separation between two close stars in the triple star 

system SAO 075999 is ~ 55 milliarc seconds and the slope at the point of occultation 
is ~ – 2°. 

2. The projected observed angular separation between the visible binary system SAO 
076682 is ~ 4.4 arc seconds. 

3. The other occulted objects do not have companions brighter than about magnitude
mv ~ 8. 

 
While the photometer has been primarily built for observations of lunar occultations of 
stellar systems in the optical region, the flexibility of the data acquisition system 
permits its use as a high speed photometer in other areas of astronomy. High time 
resolution studies of flare stars, millisec pulsars, some cataclysmic variables and optical 
counterparts of rapid varying X-ray sources are some of the other areas where the 
instrument will find use in the near future. 
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Abstract. Photoelectric radial-velocity observations, begun independ-
ently at Cambridge and at Ames by the respective authors and now
including results from no fewer than six radial-velocity spectrometers, show
that the K1 III star HR 4793 is a spectroscopic binary; it has a circular orbit
with a period of 111 days and the quite modest amplitude of 7kms–1

 
Key words: radial velocities—spectroscopic binaries—orbits—stars,
individual—HR 4793 
 
 

1. Introduction 
 
HR 4793 (HD 109519; α = 12h35m8s , δ= + 21° 5.3'. (2000)) is a late-type giant star right
in the centre of the constellation Coma Berenices; it is shown on the relevant map in
Norton's Star Atlas (Norton 1943ff, Ridpath 1989), about three-quarters of a degree 
south of 23 Comae. It is an interesting coincidence that HR 4593,4693 and 4793 are all 
spectroscopic binaries in the North Galactic Pole field; the orbit of HR 4693 was given 
in Paper 19(Griffin 1991) of this series, but that of HR 4593 will have to wait along time
yet because the period is tentatively estimated to be in the neighbourhood of 30 years.

The only photoelectric UBV photometry of HR 4793, as far as we are aware, is 
that of Haggkvist & Oja (1968) and of Guetter & Hewitt (1984). The former authors 
gave V = 5m.85, (B – V)= lm.222, the latter V = 5m.88, (B – V)=1m.26, (U – B)=
lm.33; the agreement between them is far from good, the discrepancy in Β amounting 
to nearly 0m.07, so there is a prima facie case for monitoring HR 4793 for photometric 
variability. The spectral type was classified as K0 in the Henry Draper Catalogue 
(Cannon & Pickering 1920), and as K1 III by Appenzeller (1967) on the basis of a 
slit spectrogram taken at 120 A mm–1 at the McDonald 82-inch Cassegrain. 
 
 

2. Radial velocities 
 
The radial velocity of HR 4793 was first measured by Shajn & Albitzky (1932), who 
used a Cassegrain prism spectrograph giving a reciprocal dispersion of 36 Åmm–1 at
H  on the 40-inch Grubb reflector at the Simeis outstation of the Pulkova Observatory.
Their four measurements are given in the above-cited publication only as a mean, of 
– 13.9 ± 2.9 kms–1 (the quoted 'probable error' has been converted here to a standard
error), but shortly afterwards the same authors gave the dates and velocities for the

γ   
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individual plates in a more extended account of their investigation (Albitzky & Shajn 
1933). Christie & Wilson (1938) published without any details a mean of – 14.0 ± 
1.2 km s–1 from three Mount Wilson plates; much later, Abt (1973) furnished the
individual details together with the information that the dispersion used was 
38 Å mm– l . The discrepancies within each of the published data sets were evidently not
great enough to arouse in the respective authors any suspicions of real variation of 
velocity, and the agreement of the mean values was excellent. Thus HR 4793 is one of 
the few late-type North Galactic Pole stars not to be considered a spectroscopic binary 
in the Bright Star Catalogue (Hoffleit 1982). 

HR 4793 was naturally included in the Cambridge survey of radial velocities in the 
Galactic Pole field, and the first measurement of it with the original radial-velocity 
spectrometer (Griffin 1967) was made by R.F.G.'s student G.A. Radford in 1973. 
However, it was not until 1984 that the star was recognized in Cambridge as a 
spectroscopic binary and placed under routine surveillance. Meanwhile, it had been 
independently placed on the observing programme of the photoelectric spectrometer 
(Beavers & Eitter 1977) at the Erwin W. Fick Observatory at Ames, where the first 
observations of it were made in 1978 and a regular watch on it was instituted in 1985. 
Subsequently the observers at the two places learnt of one another's interest in the star 
and agreed to write up the orbit jointly. 

The total number of photoelectric radial-velocity observations of HR 4793 now 
stands at 180, of which 68 have been made in the course of the Cambridge 
programme (all but two of them were made by R.F.G. personally, mostly at Cambridge 
but some with other instruments) and 112 by Fick observers. The first three Fick 
velocities have already been published by Beavers & Eitter (1986). The large number of 
measurements is mainly accounted for by a special effort made at the Fick Observatory
throughout one orbital cycle in the spring of 1988 and another in the following spring.

All of the radial velocities, including the early photographic ones, are set out in Table 1. 
In an effort to maintain homogeneity of the velocity scale with that of the previous 
papers in this series, an adjustment of + 0.8km s–1 has been added to the Ames
velocities and to those found in the literature. Such an adjustment represents the 
difference found in a direct comparison (Griffin & Herbig 1981) between R.F.G.'s 
velocities and those determined at Lick Observatory and forming the basis of the I.A.U. 
scale to which other velocities, including those made at Fick, are connected; it also 
represents well the zero-point discrepancy noticed in previous comparisons, e.g. Griffin 
& Beavers (1982), Griffin, Beavers & Eitter (1988), Griffin, Eitter & Reimers (1990), 
between Cambridge and Fick observatories, and indeed in this one. 
 

Table 1. Radial-velocity measurements of HR 4793. 
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Table 1.  Continued. 
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Table 1. Continued. 
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Table 1.  Continued. 
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Table 1.  Continued. 

 
* Sources of published radial velocities or descriptions of the instruments: 

Photographic: Simeis: Albitzky & Shajn 1933 
Mt. Wilson: Christie & Wilson 1938, Abt 1973 

Photoelectric: Cambridge: Griffin 1967 
Fick: Beavers & Eitter 1977, 1986 
DAO (Dominion Astrophysical Observatory, Victoria): Fletcher et al. 1982 
Coravel (Haute-Provence): Baranne, Mayor & Poncet 1979 
Palomar: Griffin & Gunn 1974 
ESO: Coravel on the Danish 1.54-m telescope

†Observed by G. A. Radford 
‡Observed by R. I. J. Griffin

 
 

3. Orbit 
 
Derivation of the orbit from the data in Table 1 was straightforward. The residuals of 
the 15 radial velocities measured with the Coravel spectrometers at Haute-Provence 
and ESO were so much smaller than the others that those measurements were treated 
as being twice as accurate as the rest, i.e. they were attributed weight 4 in the solution of 
the orbit. The Fick and Cambridge data have sufficiently similar residuals that they 
were both given unit weight; the number of observations from the other two sources is 
not great enough to warrant special treatment, so they too received weight 1. The 
question arises as to whether the old photographic observations should be included in 
the solution, since they greatly extend the time base even though they are less accurate 
than the photoelectric data. In practical terms the answer is no, as becomes clear when 
one sees where they fall on the radial-velocity curve (Fig. 1) computed from the 
photoelectric velocities alone. The Simeis measures are not only, confined to a total 
interval less than a quarter of an orbital period but show a very bad scatter, the r m.s. 
residual being 5.4km s–1, nearly ten times that of the photoelectric work. The three
Mount Wilson results have r.m.s. deviations of only 1.3 km s–1 from the photoelectric
solution; since that is already less than one could really expect, it would be unwise— 
even if it were possible — to try adjust the orbit in order to reduce those residuals
further. Moreover, the first two Mount Wilson measurements happen to fall close to

R. F. Griffin & J. J. Eitter 
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Figure 1. The computed radial-velocity curve of HR 4793, with the measured radial velocities
plotted. Coravel observations (weight 4) are represented by filled squares; Cambridge, Victoria 
and Palomar (weight 1) by filled circles; Fick (weight 1) by open circles; Simeis (weight 0) by 
crosses; and Mount Wilson (weight 0) by plusses. 
 

a node, where they have no leverage on the period, leaving only the third upon which to 
base any refinement of the period—and it already fits the orbit extraordinarily well, 
with a residual little more than 1km s–1 . We therefore have no hesitation in adopting
the orbit computed just from our own observations. Its elements are: 
 

Ρ =110.829± 0.021 days (T0)49 =MJD 47164.27 ± 0.16 

   = –18.19 ± 0.04 km s–1  a1 sin i = 10.40 ± 0.10 Gm 

Κ = 6.82 ± 0.06 km s–1 f (m) = 0.00365 ± 0.00010M
☼ 

e ≡ 0 

ω is undefined R m.s. residual (wt. 1) = 0.66 km s– l 
 
In that orbit the eccentricity has been held fixed at exactly zero. When the eccentricity is 
included as a free parameter in the solution its value turns out to be 0.012 ± 0.010, with 
ω = 248 ± 44 degrees, so there is hardly likely to be any significance in it, a conclusion 
reinforced by the fact that the sum of the squares of the deviations falls only from 78.29 
to 77.69 (km s–1) 2. 
 
 

4. Discussion 
 
In a recent catalogue (Griffin 1990) of orbital elements for a considerable number of 
binary systems all of which include late-type giants, all orbits whose periods were less
than a certain length were found to be circular. Owing to a gap in the period
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distribution just at the relevant point, the critical length was not determined exactly, 
but it must have lain between 118 days, up to which all orbits were circular, and 260 
days, the period of the shortest non-circular orbit. Since HR 4793 is a giant whose 
period is less than 118 days, it is not surprising to find that its orbit is circular, although 
exceptions to the 'rule' are known and one rather glaring one (HD 118234, thought to 
be about K1 III, Ρ ~ 59 days, e ~ 0.6) has appeared in this series of papers (Griffin 
1988). The expectation is that, up to some limiting orbital separation corresponding in 
the cases of giant stars of periods of 100–200 days, tidal effects will generally have 
circularized the orbits. It would be interesting to know the nature of the companion 
star that has raised so effectively the braking tides on HR 4793, but (as is so often the 
case, especially when the primary star is a giant) the companion is too faint relative to 
the primary to have been detected. 
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Abstract. We report a study of the kinematics of the cometary globules in 
the Gum Nebula using the J= 1 → 0 transition line of 

12CO. A 
morphological center for the system with which 60% of the globules are 
associated is identified. It is shown that the observed radial velocities of the 
heads of the globules are consistent with an expansion of the system. 
Systematic velocity gradients are present along some of the tails. The 
estimated expansion age and the tail stretching age are both ~ a few million 
years, suggesting a common origin for the expansion and the formation of 
the tails. The presence of young stars of similar ages in some of the globules 
points to star formation triggered by the same cause. Possible scenarios are
briefly discussed.  
 
Key words: Cometary globules—Gum Nebula—star formation  

 
 

1. Introduction  
 
It is now well established that many bright rimmed globules found in association with 
Η II regions are sites of low mass star formation (Dibai 1963, Sugitani et al. 1989, 
Sugitani, Fukui and Ogura 1991, Cernicharo et al. 1991, Duvert et al. 1990). The 
earliest example of such star formation is the discovery of HH 46–47 in the cloud 
GDC 1 (ESO 210-6A) in the Gum Nebula discussed by Schwartz (1977) and Bok (1978). 
GDC 1 has characteristics similar to the Cometary Globules (CGs) found earlier by 
Hawarden & Brand (1976) and Sandqvist (1976) in the Gum-Vela region. Later, Zealey 
et al. (1983) and Reipurth (1983) found a total of 38 CGs in a survey of the SERC IIIa-J 
and ESO Β plates of which 32 were in the Gum-Vela region. The Gum globules have the
following characteristics:  
 

  A compact dusty head.  
  A long faintly-luminous tail extending from one side of the head; the other side has a

sharp edge with narrow bright rims.  
  The tails of these CGs point away from a general center.  
  Sometimes the heads have embedded young stars in them.  
 

It is now known that the CGs are not restricted to the Gum Nebula. The original list
contains CGs in Orion and recently CGs have also been found in the Rosette Nebula
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(Block 1990). Carbon monoxide maps of molecular clouds in Orion show cometary 
structure with tails pointing away from the Ori OB1 Association (Bally et al. 1991). It 
is believed that the cometary globules are formed by the effects of UV radiation from
young stars, stellar winds, and supernova shocks on nearby molecular clouds. 

The globules in the Gum Nebula are in a complicated setting. This nebula is a large 
shell like structure (radius ~ 18°) seen in H  (Gum 1952; 1955). The estimated distance
of ~ 400 pc implies a radius of 125 pc (Brandt et al. 1971). In the general direction of the 
center of the nebula are the Vela SNR(age ~ 104yrs), the Pup A SNR(age ~3700 yrs), 
ζ Pup (O4f), the most luminous star in the southern sky, the Wolf-Rayet binary 
γ2 Vel (WC8 + O9), and a possible Β Association. These objects together represent a 
significant source of ionising radiation and stellar wind. Various models have been 
proposed for the Gum Nebula in which some of these objects play an important role 
(see for example Bruhweiler, 1983). Whether the Gum Nebula is expanding or not has 
been a point of controversy in the past but latest studies indicate expansion 
(Srinivasan et al. 1987). In the central region of the Gum Nebula the CGs are 
distributed non-uniformly over a rough annulus whose center is close to the place from 
which the tails point away. This center is offset from the center of the Gum Nebula by 
about 4°. The best fit circle to the distribution of CGs has a radius of ≈ 9.5°. There is 
firm evidence for star formation in some of the CGs as well as some of the other dark 
clouds in the Gum-Vela region (Schwartz 1977; Bok 1978; Reipurth 1983; Pettersson 
1987, 1991; Graham 1986; Graham and Heyer 1989).

Soon after the discovery of HH 46–47, it was suggested that low mass star formation 
in the Gum Nebula may have been triggered by external events (Schwartz 1977), quite 
possibly the events responsible for the origin of the Gum Nebula itself (Brand et al. 
1983). Stellar winds, SN shocks and shocks associated with the expansion of Η II 
regions can compress small globules into gravitational instability leading to star 
formation. Numerical studies of such processes give credence to this idea (Woodward 
1976; 1979). Reipurth (1983) has argued in favor of UV radiation from young stars 
being the cause for the origin of the CGs as well as star formation in them. There have also 
been studies of radiation driven implosion as a mechanism for star formation 
(Sandford, Whitaker & Klein 1982, Bertoldi & McKee 1990). Specifically Bertoldi & 
McKee (1990) have shown that clouds exposed to UV radiation will acquire a cometary 
structure.  

The first systematic study of the CGs in the Gum Nebula was done by Zealey et al. 
(1983) (hereafter referred to as Z83). They made 4 cm formaldehyde absorption 
observations of 9 CGs with the Parkes 210 foot telescope. Only CGs big enough to have 
a good chance of detection with the 4.4' beam were observed. Goss et al. (1980) had 
observed some of the CGs in an independent survey. Radial velocities for a total of 
10 CGs were thus obtained. Z83 concluded from this data that the radial velocities were 
consistent with rotation of the system about an axis perpendicular to the galactic plane. 
They suggested that the orientation of this axis implied that the kinematics of the CGs 
is dominated by galactic rotation. In addition they found that in an l–v plot the CGs 
lined up on a straight line parallel to the HI data for the region, but offset in l. They took 
this to mean that the observed velocities of the CG complex are wholly due to large 
scale effects of the local spiral structure. Assuming that such a line represented galactic 
rotation effects they studied the deviations from the straight line fit to look for 
expansion or rotation. Their conclusion was that the CGs may be on a shell expanding
up to 5kms–1. [We find this surprising since the residuals (i.e. the deviations from

α 
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their straight line fit) were only ± 2 kms –1]. In addition, from a study of the tails seen in
optical photographs they identified two centers from where the maximum number of 
tails pointed away.  

In this paper we wish to report 12CO J=1→ 0 observations at 115.27 GHz of the
system of cometary globules in the Gum Nebula using the 10.4 m millimeter-wave 
radio telescope at the Raman Research Institute, Bangalore (for a brief description of 
the telescope, see Patel 1990). The main objective was to make a more complete study of 
the kinematics of the system than was possible before. As was mentioned above, in 
previous attempts the velocity information was available only for 10 out of the more 
than 30 CGs. Since our beam size was 1' we could detect even the smaller clouds that 
were not detected in the previous surveys. We also measured radial velocities along the 
tails of the CGs with a view to studying gas motions. The paper is organised as follows: 
In the next section the remeasured co-ordinates and the details pertaining to our 
observations are given. In section 3 we argue that there is a well defined center from 
where more than 60% of the tails point away. After a brief discussion of the distances 
to the CGs in section 4, in the following section we discuss the observed distribution 
of the radial velocities of the heads of the globules. In section 6 we show that these 
velocities are consistent with an expansion of the system from a common center with 
an expansion age of ~ 6 Μ yrs. The radial velocity measurements of the tails and 
their implications are given in section 7. The main results are discussed and 
summarised in section 8.

 

2. Observations 
 
The CGs were observed in two separate runs in 1989 and 1990-91. The 1989 run using 
co-ordinates reported in literature detected only 18 out of the 29 CGs observed. 
Suspecting co-ordinate errors, the CG co-ordinates were remeasured from the ESO- 
SERC plates. The 1990-91 run using these new co-ordinates detected all the CGs 
except CGs 23 and 34. In addition to the heads, a few points along the tails were 
observed. An analysis of the statistics of detections and non-detections in the 1989
observations showed that the primary cause for non-detections during the 1989 run
 
Table 1. Co-ordinates of the Cometary Globules in the Gum Nebula.
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Table 1. Continued.  
 

 
 
References: 
Ζ· Zealey et al., 1983  
R: Reipurth, 1983  
S: Sahu et al., 1988  
M: Our measurements from ESO plates. 
Notes:  
1. For CGs 31B, C, D, E and 38 tail co-ordinates are not available.  
2. The Gum Dark Clouds (GDCs) have been included for completeness.
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 Figure 1. Α sample spectrum from observations made during 1990–91. A fourth order 
polynomial has been subtracted to remove the baseline curvature due to frequency switching. 
The back-end was an AOS with 100 kHz resolution.  

 
was the wrong co-ordinates used, combined with the small sizes of the heads of the CGs. 
The new measured co-ordinates of the heads and tail-ends along with the tail lengths 
are listed in Table 1.

Frequency switching by 15.25 MHz was used for all the observations. An ambient 
temperature chopper-wheel was used for calibration. The back-end was an 
acousto-optic spectrometer with 50 kHz resolution and 30 MHz coverage. The data was 
later bunched in frequency to get better S/N, giving spectra with 100 kHz resolution. 
Pointing was checked by beam switched continuum scans on Jupiter (See Patel 1990 for 
details). Fourth order polynomials were fitted to remove baseline curvature. Α sample 
spectrum is shown in Fig. 1. Table 2 lists the noise levels, measured antenna 
temperatures and the LSR velocities found by fitting gaussians to the lines from the 
heads of the CGs.  

 

3. The center of the distribution of the CGs
 
For any assumed center, the tail position angle θTΗ with respect to the line joining the 
head and the center can be calculated using spherical geometry. The center and the
head of a CG can be joined by a great circle on the celestial sphere. The tail forms a part
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Table 2  1990–91 observation  

 
of the great circle. θTH is angle between these two great circles.To identify a centre 
for the system of CGs we associate with every point in the central region a fraction f, 
defined as the fraction of CGs with θTH (calculated using the points as the centre) within
± 10°. We evaluated f over a 15° × 15° area in the central region with grid points 
separated 0.5° in both α  and δ. Figure 2 shows a contour plot of f .Only these CGs have
been used for which we have measured the co-ordinater. CGs 24 has not been included

circles with tails and the unused CGs are shown as open circles with tails For clarity the
tail length shown have been scaled up to 10 times.The counter spacing is 0.05 with

because of its anomalous tail direction. The CGs used in the analysis are shown as filled
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Figure 2. The figure shows contours of constant f  where f is the fraction of the cometary 
globules with position angles of their tails  10°. The position angles are measured with respect
to the line joining the head of the globule and any particular point in the region. The inner most 
contour bounds the region where for at least 60% of the globules the position angles of the tails 
are   10°. The contours are drawn in steps of 0.05 in f and were evaluated with a grid spacing of
0.5° × 0.5°. Every third contour is shown as a thick line. We designate the central maximum as 
the morphological center of the system. The globules used for evaluating the contours are shown 
as filled circles with tails and those not used as open circles with tails. For clarity, the tails have 
been scaled up 10 times. In addition the figure shows several other interesting objects such as the 
Pup A SNR, the Vela SNR, ζ Pup, γ2 Vel and the open clusters TR 10 and NGC 2547.
 
 
every third contour drawn as a solid line. One can see that there is a central maximum
with which 60% of the CGs are associated. The locations of the various interesting 
objects such as ζ Pup, γ2 Vel, the Vela SNR etc. are marked in the figure. There are no 
strong local maxima associated with any of these objects. This indicates that most of the 
CGs are affected by a combination of objects rather than a particular object. The 
co-ordinates of the central maximum are α = 8h 17m and δ = – 43°. We will refer to this 
point as the center hereafter. The center deduced by us is 1.5° north of center1 of Z83. 
Reducing the limiting θΤΗ from ± 10° to ± 5° for calculating f  merely results in 
increased noise on the contour plot. The apparently anomalous CG 24 tail can be 
understood by noticing that it is so close to center that even small errors in the location 
of center can make the tail direction look anomalous.

⋝ 

⋝ 
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In view of the remarkable near coincidence of the deduced center with the SNR Pup A 
it is worth briefly discussing whether the two may be causally connected. Zarnecki 
et al. (1978) estimate a distance of 1 kpc for Pup A from X-ray absorption 
measurements. The Σ — D distance to Pup A is 2 – 2.5 kpc (Milne 1979, Casewell & 
Lerche 1979) although it should be emphasised that this method has been severely 
criticised in the literature (Srinivasan & Dwarakanath 1982; Green 1984). The latest 
estimate based on the kinematic distance to molecular clouds interacting wih Pup A 
gives 2.2 kpc (Dubner & Arnal 1988). We will therefore adopt a distance of 2 kpc to Pup A. 
At this distance it would be very difficult to detect the CGs, especially the ones close 
to the galactic plane. If the CGs are placed at the estimated distance to Pup A, then they 
will be ≈ 200 pc away from the SNR. From the size of the SNR it is clear that the SN 
shock has not reached the CGs. So the only way Pup A may be associated with the 
formation of the CGs is through the photon pulse at the time of the explosion or 
alternatively the UV radiation and stellar wind from its progenitor. The age of Pup A 
has been estimated to be ~ 3700 yrs (Winkler et al. 1988). From the measured electron 
density of ~ 100 cm–3 for the bright rim of CG30 (Pettersson 1984) we estimate a 
recombination lifetime trecomb = (neα )–1 ~ 1200 years. So it is difficult to see how the 
presently observed bright rims can be due to the initial excitation by the supernova 
flash. There is a further argument. Both the expansion age of the system of CGs and the 
age of the tails estimated in later sections are ~ a few million years, thus making a
causal association between Pup A and the CGs very unlikely. We therefore conclude

 
 

 

Figure 3. The distribution of the position angles θTΗ of the tails relative to the line joining the
center and the respective heads for 24 CGs.
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that the coincidence of Pup A and the center is a chance superposition. On similar 
grounds we rule out any role for Vela SNR in the formation of the CGs.  

Figure 3 shows the distribution of θΤΗ . We see that apart from the central peak there 
is a peak at 35° consisting of four globules, viz. CGs 26,27,29 and 33. Although the peak 
is not statistically significant, the directions of their tails suggest that they may be 
associated with ζ Pup alone. It is possible that they are closer to ζ Pup in the direction 
perpendicular to the plane of the sky. Even though we cannot associate a single object 
of any importance with the center, we will use it as the center of the distribution of the
CGs for further analysis. The other objects in Fig. 2 are discussed in the next section.

 

4. Distance to the CGs  
 
The most important objects in the region of the CGs from the point of view of 
momentum and energy are ζ Pup, γ2 Vel, and the clusters NGC 2547 and TR 10. All 
these objects are at a distance of ~ 450 pc (Eggen 1980; Claria 1982). As seen in Fig. 4, a 
histogram of the distances of the early type stars towards the Gum Nebula used by 
Wallerstein, Silk & Jenkins (1980) to study gas in the nebula shows a peak at 450 pc. In 
an earlier study of the Gum Nebula, Brandt et al. (1971) had identified a possible Β 
Association at 450 pc distance which has been later named Vela OB2. So it is clear that 
at a distance of 450 pc there exists a significant population of early type stars. The

 
 

 

Figure 4. The distribution of the distances to the early type stars towards the Gum Nebula. The 
distances are from Wallerstein, Silk & Jenkins (1980).  
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location of some of these objects are shown in Fig. 2. The point to note is that these 
objects, some of which have to be necessarily invoked to explain the CGs, are at about 
the same distance and are centrally located with respect to the distribution of the CGs. 
So we assume that the CGs are at the same distance as these objects, viz. at ~ 450 pc. 
Further, Pettersson (1987) has estimated a lower limit for the distance to CG 30–31 
complex to be 420 pc using a foreground star, and the distance to the young star in the 
head of CG 1 has been estimated to be ~ 500 pc (Brand et al. 1983). Adopting a distance 
of 450 pc would imply that the distribution of the CGs extends to about 150 pc 
perpendicular to the line of sight.

 

5. Radial velocities  
 
From the observations described in section 2, we have radial velocities for all the CGs
except CG 23 and CG 34 which were not detected. The radial velocities were obtained 
as the center velocity of the best fitting gaussian to the lines. As CG 10 and CG 30 show 
two components, we take the velocity of the stronger component.

The Columbia CO survey of the third galactic quadrant (May et al. 1988) covered a 
part of the region over which the CGs are distributed. Since this survey was done at 0.5° 
resolution we do not expect to see the small CGs because of beam dilution. But any 
larger scale distribution of CO along lines of sight to the CGs will show up. We can use 
these to check if our detections are contaminated by molecular gas not associated with 
the CGs. We see from the published survey data that CGs 1–6, 8–10, 13–16 and 25 are 
outside the region covered in the survey. This therefore leaves one with some 
uncertainty. But the CGs 1–4, 6, 13–16 and 25 have b < – 12 and so their detections 
are unlikely to be confused by more widespread gas. CGs 5, 8, 9 and 10 have b ~ –9 
and have nearby dark clouds distributed over larger spatial scales. These dark clouds 
show signs of being affected by ζ Pup and γ2 Vel. These four CGs show more or less the 
same radial velocities. All the other CGs are in a region covered by the survey. The 
GDC complex of which GDCs 1 and 2 show CG features is extended consisting of 7 
clouds and has been detected by the survey. The velocities are consistent. Similarly the 
CG 30–31 complex, which is extended with more dark clouds in the same region, and 
the largest globule CG 22, have been detected by the survey with velocities consistent 
with our values. All other CGs which are small and isolated have not been detected. So 
it is clear that the radial velocities we have obtained are reliable and do not suffer from 
contamination from other line-of-sight material. In addition, the fact that the 1989 
observations using co-ordinates with errors resulted in a lower detection rate supports 
this conclusion. The survey detected strong CO emission from what is called the Vela 
Molecular Ridge (VMR), but it has been shown that this emission arises from GMCs at 
distances 800–2400 pc (Murphy 1985).  

A comparison of our velocities with those of Z83 shows general agreement except for 
CG 17, for which we measure a velocity of +3.7 kms–1 as against the value of
–6.5 kms –1 due to Z83. The radial velocity we measure for CG 18 ( ≈1o away from 
CG 17) is + 2.0 kms–1. The velocities of the clouds in the GDC 1–7 complex which is 
nearby are again in the range + 5 to +6 kms–1  GDC 1 and GDC 2 have a windswept 
appearance with tail-like structures pointing in the same general direction as the other 
CGs and bright rims facing the center. The rough agreement between the velocities of
CG 17, CG 18 and the GDCs suggests that the value reported by Z83 for CG 17 may be
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in error. As they have not published their spectra, nor mentioned their S/N, we are not 
in a position to comment any further.  

We now wish to discuss the implications of these radial velocities. First, we briefly
touch upon the suggestion made by Z83, viz. that the velocity distribution can be 
understood in terms of the large scale galactic rotation effects. In Fig. 5 we have plotted 
the radial velocities against the position angles of the CGs measured with respect to the 
center with zero towards north and increasing through east. The sinusoid fitted by Z83 
which led them to suggest a rotation of the system of CGs is also shown. Clearly, the fit 
is very poor. There are two reasons why the sinusoid is a poor fit to the new data: (i) the 
revised value of the radial velocity of CG 17, and (ii) velocities of the CGs not detected 
earlier. Our main conclusion from this figure is that the model of the system of CGs 
rotating about an axis perpendicular to the galactic plane is untenable. In Fig. 6 we 
have plotted the radial velocities against galactic longitude. Again, the new data does 
not permit a simple straight line fit as suggested earlier (Z83), and therefore an 
explanation based on galactic rotation effects is hard to reconcile. Nevertheless, the 
contribution due to galactic differential rotation will be present and should be removed 
before attempting to interpret the velocities.

Before one can correct for the galactic differential rotation one must assume a mean 
distance to the CGs. Based on the discussion given in section 4, we will adopt a distance
of 450 pc. The dashed line in Fig. 6 represents the expected radial velocities for different

 
 

 
Figure 5. The velocities of the globules in the Gum Nebula with respect to the Local Standard 
of Rest. The horizontal axis is the position angle of the globules: zero is north and the position 
angle increases through east. The sinusoid shown is the fit made by Zealey et al. (1983) for their 
data.  
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Figure 6. The velocities of the globules in the Gum Nebula with respect to the Local Standard 
of Rest versus the galactic longitude. The broken line shows expected velocities due to galactic
differential rotation for an assumed heliocentric distance of 450 pc and b = 0.
 
galactic longitudes from the well known formula

 

vr = A r sin (2l )cos2 b                                                         (1)
 

with the heliocentric distance r=450 pc and b = 0. We have assumed a value of
14.5 kms –1 kpc-1 for Oort’s constant A (Kerr & Lynden-Bell 1986). The significant
deviations of the observed radial velocities from the expected value given by the dashed 
line suggests local motions in the system of CGs. Fig. 7 shows the residuals after 
galactic rotation effects have been subtracted out using Equation 1. It should be 
remarked that the differences in the line-of-sight distances to the various globules
(~ 150 pc) can only account for a scatter of — 1.4 kms–1

 

6. Expansion of the globules
 
In  this section we wish to argue that the velocity residuals can be easily understood in 
terms of an expansion of the system of globules from a common center. If the COs are 
distributed over a shell expanding with uniform velocity then, as can be seen from 
Fig. 8(a) the expected velocities are given by 

 

v rad=±v exp(1—sin 2θ / s in 2θ max) 1/2 (2 )
 

where vexp, is the expansion velocity of the shell, vrad is its line-of-sight component, and 
θmax. is the angular distance of the farthest CG from the center. In this case one would
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Figure 7. The residual velocities of the globules in the Gum Nebula after removing the
contribution of the galactic differential rotation. A mean distance of 450 pc to the globules has
been assumed.  

 

 
Figure 8. (a) Schematic diagram for deriving expected velocities from an expanding shell of
objects. Vexp is the expansion velocity whose radial component is Vrad and θ is the angular 
distance to any point on the shell from the center of the shell, (b) The expected velocity plotted, 
against (1 – sin2θ/sin2θmax)1/2.  
 
expect the residual velocities, when plotted against (1 – sin2θ/sin2θmax )1/2, to fall on 
two straight lines as shown in Fig. 8(b). If the CGs are not on a shell but distributed 
throughout the sphere, then the region between the lines will be filled up provided the 
inner CGs move slower than the outer CGs. If the distribution of the CGs within the 
sphere is not uniform one will find an incomplete filling of this region.
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Figure 9. The absolute values of the residual velocities of the globules plotted against (1 — sin2θ / 
sin2θmax.)1/2 where θ is the angular distance to the globule from the center. The line shown 
corresponds to a shell expanding at 12 kms–1.
 

Figure 9 shows the absolute value of the residual velocities plotted against
(1— sin2 θ /sin2θmax)1/2 for all the CGs and the GDCs. We have taken θmax to be 12.5°, 
corresponding to CG 13. It is clear that there is an upper limit to the velocities which 
increases as one goes closer to the center (abscissa = 1) implying an expansion of the 
system. A contraction of the system will also have the same signature, but is very 
unlikely. The two straight lines shown correspond to expansion velocities of 15 kms-1 

and 9 kms–1. We will adopt an expansion velocity of 12 kms–1. The figure further 
shows that the CGs are distributed over a volume rather than in a shell, and that the 
distribution is not uniform. Finally, the inferred expansion velocity of 12 kms–1 implies 
an expansion age of ~ 6 M yrs.

 

7. Radial velocities along the tails
 
In addition to measuring the radial velocities of the heads of the cometary globules, we 
also measured the velocities along the tails. In this section we discuss these 
observations. The results of the observations of the tails are listed in Table 3. The 
velocities were obtained by fitting gaussians to the lines. We estimate the error on the 
velocities to be 0.15 kms-1 from several observations of the head of CG 22 spread over
two months. We will regard this rms as the error on all radial velocity measurements.

Out of 21 CGs for which at least three points along the tails were observed, seven
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Table 3. Observation of the tails. 
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Table 3. Continued. 
 

 
 
 

Note: CG 33 H, for example, refers to the bead of the globule CG 33. Similarly, T refers to the tail. 
T4, T2, T3, T1 represent the sequence of points along the tails moving away from the head. The numbers in 
parenthesis are estimated errors in the velocity gradients (see text).
 
 
 
show very pronounced and systematic velocity shifts. In Fig. 10 the measured velocities 
are plotted against the distance from the head for some of these. The velocity gradients 
Δυm in kms–1 arcmin-1 were obtained by fitting straight lines which are also shown in 
the figure. These gradients are also listed in Table 3, along with the estimated errors in
the gradients. In Fig. 11 the velocity difference between the head and the extreme end of
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Figure 10. The velocity gradients along the tails for 6 out of 7 CGs which show pronounced
gradients. The straight lines are least square fits to the data points.
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Figure 11. The difference in velocities between the ends of the tails and the respective heads
plotted against velocities of the heads of the CGs.
 
 
 
the tail is plotted against the velocity of the head for all the 21 CGs. More precisely, the 
ordinate is calculated as the product of the velocity gradient along the tail and the tail 
length. The velocity differences so calculated are affected less by errors in the individual 
measurements. As may be seen, the data points fall approximately on a straight line 
passing close to the origin. This implies that the gas at the ends of the tails is moving 
faster than the heads and in the same direction as the heads.

If we assume that the tails are formed due to the stretching effect of these velocity 
differences over the course of time, one can calculate an age for the tails as the time 
taken for the presently observed velocity difference to result in an elongation equal to 
the measured tail length. Since we have only the radial component for the velocity 
differences and the transverse component of the tail lengths, the calculated ages suffer 
from projection effects. Figure 12 shows the distribution of the estimated apparent ages 
of the tails in millions of years; a distance of 450 pc has been assumed. The apparent age 
is related to the real age through the relation

 

tapparent = treal × tan                                                  (3)
 

where θ is the angle between the tail and the line of sight. Since most of the CGs are 
towards the periphery we believe that most CGs have θ >  45°. So the apparent age 
represents an over estimate of the real age. We feel that ~ 3 Μ yrs is a reasonable 
estimate for the ages of the tails.

θ 
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Figure 12. A histogram of the apparent tail stretching ages as the time required for the 
velocity difference between the heads and the tail-ends of the CGs to stretch the globules to their 
observed lengths. 
 

8. Discussion and summary 
 
The main results obtained in the previous two sections are the following:  
 

(i) The system of cometary globules in the Gum Nebula appears to be expanding from 
 a common center. The expansion age is ~ 6 Μ yr.  
(ii) The observed velocity gradients along the tails of the globules suggest a stretching 
 age for the tails of ~ 3Μyr.  
 

We now wish to discuss several scenarios that may have a bearing on the above two 
results. The rough agreement between the expansion age and the ages of the tails 
suggests that both the formation of the tails and the expansion of the globules may be 
due to a common cause. The presence of young stars in this region with estimated ages 
ranging from 105 to a few 106 years is an important clue. Some of these are embedded in 
the heads of the CGs, while others are isolated. CG 1 has an embedded star with age 
~ 106 yrs (Brand et al. 1983, Reipurth 1983), and the embedded IR source CG 30IRS4 
in CG 30 has an age ~ 106 yrs (Pettersson, 1984). The dynamical ages of the bipolar 
outflows associated with HH 46–47, HH 120 and HH 56–57 are ~105 yrs (Olberg 
et al. 1988). All these strongly point to the possibility that the processes responsible for the
expansion of the globules as well as their cometary appearance have also triggered star
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formation in some of them. The various possible mechanisms are (i) supernova 
explosion(s), (ii) radiation from massive stars found in the central region, and (iii) stellar
wind from these massive stars. Before discussing each of these scenarios it would be 
useful to have an estimate of the kinetic energy of a typical globule and its momentum. 
Assuming a typical CG mass ~20Μ  (Harju et al. 1990; Sridharan 1992) and an 
expansion velocity of 12 kms–1 the kinetics energy is ~ 3 ×1046 ergs per globule and 
its momentum ~5 ×1040gm cms–1 We now proceed to make simple estimates for 
energy and momentum that can be imparted to globule from each of the processes 
mentioned above.  

 

8.1 Supernova Explosion(s)
 
According to prevalent opinion the Gum Nebula is an old supernova remnant with an 
age ~ 106 yrs (Reynolds 1976; Leahy, Nousek & Garmire 1992). Therefore it is natural 
to ask if the original explosion that created the Gum Nebula could itself be responsible 
for the observed properties of the system of CGs. Assuming an ejected mass of 8M , 
and an energy of explosion 5 × 1051 ergs and a typical CG size of 0.5 pc, we estimate 
that a typical CG has to be not more than a few pc from the explosion center in order to 
intercept sufficient momentum. This is a plausible scenario but it should be pointed out 
that the center of the Gum Nebula shell is 4.5° north of the center derived from the tail 
directions of the CGs. However, we would not like to over-stress this point because of 
the inherent difficulties in determining the center of explosion of such an old SNR. A 
more serious difficulty is the following: Although the original explosion could have 
caused the expansion of the system of CGs and the observed tail structures, the 
presently observed ionised bright rims cannot be attributed to it, as argued before in 
section 3 in a similar context.

 

8.2 Radiation Pressure  
 
The most massive star in the region is ζ Pup (O4f) and therefore is the most significant 
source of photons for exerting radiation pressure. Its luminosity is 9 × 105 L  
(Bohannan et al. 1986). The CG closest to ζ Pup is at a distance of 40 pc from it. For a 
typical CG size of 0.5 pc, we estimate that over 6 million years (the expansion age) the 
total kinetic energy and momentum acquired by a CG would be 3 ×1048 ergs and 
1038 gmcms–1, respectively. Even if we assume that the CG was much bigger to start 
with, and include the radiation from the other stars as well, the momentum imparted 
will fall short of the required 5 ×1040 gmcms–1. In this estimate we have assumed 
100% efficiency of momentum transfer from the photons to the CG. We therefore 
conclude that radiation pressure cannot be the sole cause for the expansion of the
system.  

 

8.3 Stellar Wind
 

Both Wolf-Rayet stars and Ο type giants are known to have strong stellar winds
reaching terminal velocities upto 3000 kms–1 with mass loss, rates as high as 10–5 
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Μ yr–1. The stellar wind from ζ Pup has a velocity of 2600 kms–1 and the mass loss 
rate is 5 × 10–6 M  yr–1 (Bohannan et al. 1986). We estimate the energy and 
momentum intercepted to be 6 × 1047ergs and l038 gm cms–1, respectively, over 
6 million years. Stellar wind from γ2 Vel will merely double these numbers and the 
momentum available will be less by an order of magnitude even given the assumed
100% efficiency of conversion of the stellar wind momentum to cloud momentum.

 

8.4 Rocket Effect  
 
Finally, we consider the rocket effect resulting from the anisotropic expansion of the 
hot ionised gas from the bright rims first proposed by Oort and Spitzer (1955) for 
accelerating interstellar clouds. Reipurth (1983) has estimated that ζ Pup alone can 
easily account for observed ionisation level (ne ~100 cm–3) at the bright rims. Using 
mass loss rates derived by Reipurth (1983) and an expansion velocity of the hot gas of 
10kms–1 (velocity of sound in the bright rim) we estimate the total momentum 
acquired by a typical globule due to the rocket effect operating for 6 million years to be 
~ l042 gm cms–1 the required momentum being ~5 ×l040 gm cms–1. If we include
γ2 Vel and the other Β stars, the clouds can be easily accelerated to the observed velocities 
even with larger initial masses. From the above discussion it appears that the only 
plausible mechanism which can explain both the bright rims and the expansion 
velocities is the heating caused by radiation (and possibly stellar wind) from the stars in 
the central region and the consequent rocket effect. In this paper we do not intend to go 
into the details of the energetics or the mechanism of formation of the tails. This we 
propose to do in a subsequent paper. We mention in passing that Bertoldi and McKee 
(1990) have shown that UV radiation and stellar wind can result in molecular clouds  
developing tail-like structures.

If one accepts this scenario, viz, that the expansion of the system and all the other 
features of the CGs are due to the luminous stars in the region, then one has to explain 
why there is a common center of expansion. This is because the sources causing the 
rocket effect are distributed around the center. This suggests that the center of 
expansion may be associated with event(s) which may have triggered the formation of 
the massive stars themselves.

 

9. Summary
 
We shall now summarize our main findings. Our objective was to study the kinematics 
of the system of cometary globules in the Gum Nebula.Towards this aim, we measured 
the radial velocities of 38 globules using the J = 1→0 line of 12CO. In addition we 
measured the radial velocities at a few points along the tails for 21 globules. This was 
done to study gas motions in the tails. As argued in section 5, our observations clearly 
show that the kinematics of the CGs cannot be interpreted in terms of a model where 
galactic rotation effects dominate, as was claimed by Z83 based on their study of a 
smaller sample of CGs. Our study points to two clear interpretations:
 

1. The distribution of the radial velocities of the heads of the cometary globules, after
galactic differential rotation is subtracted, is best understood in terms of an
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expansion of the system about a common center. The data is better fit by a model in
which the globules are non-uniformly distributed throughout the interior of a
sphere, rather than in a shell. The expansion velocity of the outermost globules is
~ 12 kms–1. The implied expansion age of the system is ~ 6 M yr. 

2. Some of the cometary tails show systematic velocity gradients. It is interesting that 
the estimated age for the formation of the tails inferred from these velocity gradients
is about the same (~ 3 Μ yr) as the expansion age.

 

The presence of young stars with ages ~105–106yr embedded in the heads of some of 
the globules suggests that their formation was triggered by the same mechanism 
responsible for the expansion and the formation of the tails. Regarding the underlying 
mechanism, whereas the supernova explosion whose remnant is the Gum Nebula 
might have had an important influence on the dynamics of the system of globules, it is 
extremely unlikely that the bright ionized rims of the CGs can be understood in terms of 
an event that occurred ~ 106yr ago.In our opinion, the origin of the motions is due to a 
rocket effect resulting from an anisotropic evaporation of gas as envisaged a long time 
ago by Oort & Spitzer (1955). The most likely cause for this is the UV radiation from 
ζ Pup, γ2 Vel and the other early type stars in the central region.
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Abstract. This paper presents observations of SiO maser emission from 
161 Mira variables distributed over a wide range of intrinsic parameters 
like spectral type, bolometric magnitude and amplitude of pulsation. The 
observations were made at 86.243 GHz, using the 10·4 m millimeter-wave 
telescope of the Raman Research Institute at Bangalore, India. These are 
the first observations made using this telescope. From these observations, 
we have established that the maser emission is restricted to Miras having
mean spectral types between M6 and M10. The infrared period-luminosity 
relation for Mira variables is used to calculate their distances and hence 
estimate their maser luminosities from the observed fluxes. The maser 
luminosity is found to be correlated with the bolometric magnitude of the 
Mira variable. On an H–R diagram, the masing Mira variables are shown
to lie in a region distinct from that for the non-masing ones.
 
Key words: stars–SiO masers—stars–long period variables—star–slate 
type—masers–SiO—radio lines–molecular  

 
 

1. Introduction  
 
It is well known for more than a decade now, that many oxygen-rich Mira variables 
exhibit the SiO maser phenomenon. This emission has been observed in rotational 
transitions of excited vibrational states upto ν = 3, (Alcolea, Bujarrabal & Gallego 
1989; Jewell et al. 1985). One of the basic questions that has remained poorly 
investigated is that of the relationship between the maser emission and the intrinsic 
properties of the Mira variables. This question has a bearing on the understanding 
of both. So far, about 190 late-type stars have been observed by millimeter wave 
telescopes, and about 40 per cent of them have shown maser emission (Engels & Heske 
1989). Preliminary attempts at studying the correlation of the maser power with 
spectral type were made by Cahn (1977) and Spencer et al. (1977).

Cahn (1977) reported a correlation between the absolute maser luminosity and the 
spectral type at maximum light and concluded that a Mira variable of any mean 
spectral type attains maximum value of maser power on approaching the zero phase
of pulsation corresponding to the maximum light. Then, knowing the spectral type
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and the pulsational phase of the star, one can predict its maser power, and use its 
measured value to obtain the distance to the Mira variable. The range of spectral 
types covered by Cahn was from M6 to M10, and 15 sources were considered in his 
study. No negative detections were included. Subsequently, Dickinson et al. (1978), 
found seven new Mira variables to be masing, and noted that all of them had spectral 
types later than M4. Two of these, i.e. Υ Cas and RT Aql, were observed at near zero 
phase and allowed easy confrontation with the above mentioned correlation. While 
Υ Cas fitted with the correlation, RT Aql did not. The dependence of maser luminosity 
on spectral type earlier than M6, not considered by Cahn, remained unanswered due 
to lack of adequate observations.

Spencer et al. (1977) noted that at spectral types near M8, the probability for a 
Mira variable to show SiO maser emission is greater than 40 per cent. Their sample 
consisted of 81 stars with very few objects earlier than M6. Their detection limit was
30 Jy and their conclusions were based on fluxes, without taking distances into account.

In this paper, we report observations of 161 (mostly Mira) variables made at 
86.243 GHz corresponding to the J:2→ 1, v=1 transition in SiO. One of the 
motivations of these observations was to study the dependence of the SiO maser 
luminosity on intrinsic properties of Mira variables. Therefore, we selected the sources 
to cover a wide range in spectral type. These observations are the first ones made 
using the Raman Research Institute (RRI) 10.4 m telescope at Bangalore, India. The 
method of observation and the instrumental characteristics are briefly described in 
section 2, (for more details see Patel 1990). In section 3, we present the list of sources 
we have observed, and the results of our observations. The integrated fluxes are 
converted to luminosities in section 4. The correlations between the maser luminosity 
and the intrinsic properties of Mira variables, that have emerged from our observations, 
are described in section 5. Finally, in section 6, we discuss these results and attempt 
their interpretation.  

 

2. Observations and results
 

2.1 Observations using the RRI 10.4 m Telescope  
 

The 10.4 m millimeter-wave telescope at the Raman Research Institute in Bangalore, 
is a Cassegrain type antenna on an altitude-azimuth mount, with the receiver at the 
Nasmyth focus. This telescope is located on campus, at a latitude = 13° 00' 44.46", 
longitude = 77° 34' 59.67", and at an elevation of 930 meters above mean sea level. 
The front-end receiver is a wave-guide mounted Schottky-barrier diode mixer followed 
by an IF Amplifier at 1.4 GHz, both cooled to about 20 K. The radiation is coupled 
by a lens to a quasi-optical diplexer which is closely attached to the dewar containing 
the mixer and the IF amplifier. The local oscillator is a Gunn-oscillator tunable from 
85 to 120 GHz. The back-end used for the SiO observations consisted of a synchronous- 
detector for continuum measurements (for pointing and gain calibrations) and the 
following spectrometers: a 256 channel filter-bank having a resolution of 250 KHz
(0.87 km/s at 86 GHz), and an acousto-optical spectrometer having an effective 
resolution of 210 KHz (0.71 km/s at 86 GHz), over a total bandwidth of 120 MHz.

The observations reported here were made during three seasons in 1988, 1989 and
1990. The typical values of double side-band system temperatures at zenith were
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between 400 and 500 Κ. The observations were calibrated using a chopper-wheel 
positioned between the diplexer and the lens. The zenith optical depth τ0(z), frequently 
monitored by taking dip scans on the sky, had typical values between 0.1 and 0.5. 
The r.m.s. pointing error was about 5 arcsec, as found from continuum scans of 
Jupiter and 5-point grids made on strong SiO sources. The aperture efficiency ηΑ, 
was calculated from continuum scans taken on Jupiter and Venus. The mean value 
of ηA was 0.45, during 1988 and 1989; for the 1990 data, ηΑ was found to be a function 
of elevation, due to a possible misalignment in the feed-horn inside the dewar. The 
value of ηA during this season was between 0.3 and 0·4. The measured fluxes of sources 
observed during this season, have been corrected for this effect. Furthermore, all 
observations made between IST 12 hrs to 18 hrs have been corrected for a drop in 
the gain of the telescope, due to the differential heating of the dish by the Sun. The 
reduction in the sensitivity of the telescope during daytime is about 20 per cent.

The variations in the detected power due to the inhomogeneous and varying 
atmosphere, and due to gain variations in the receiver, were cancelled by beam-switching 
which was achieved by tilting the tertiary mirror. The amount of beam thrown on 
the sky was about 80 arcsec (± 40 arcsec about the center of the beam).

Observations were made using a dual beam switching method. In this method two 
beam switched spectra are acquired, in which the respective reference positions straddle 
the source in azimuth. Α residual ripple with a peak to peak antenna temperature of 
about 0.5 to 1K, which was present in each of these spectra, can be cancelled by 
averaging, leading to a very flat baseline as seen in Fig. 1.

 

2.2 Selection of Sources
 
The observed Mira variables were selected mostly from The General Catalogue of 
Variable Stars (Kholopov 1985, henceforth GCVS) and in a few cases from Gezari, 
Schmitz & Mead (1984). Since one of our aims was to check the hypothesis that SiO 
masers exist only in very late-type Mira variables (with mean spectral type greater 
than M6), we included a substantial number of objects at spectral types earlier than 
M6. We also attempted to select those objects which have been well studied at near 
infrared wavelengths, so that we can obtain information about the variation of spectral 
types during pulsation, and its relation to the maser emission. Thus, we had many 
objects which are common to the catalogue of Lockwood (1972). To avoid very long 
integrations, an attempt was made to exclude objects that are at a distance greater
than 1 kpc from the Sun, by restricting the visual magnitude to lie below 15 magnitudes.

The list of selected objects along with their intrinsic properties is given in Table 1 
in cols. 2–7. Among these, period was available for 143 objects. Fig. 2 shows their 
distribution in period. For 28 sources the spectral type was either unknown or not 
M. The distribution of the remaining 133 sources in the mean spectral type is shown 
in Fig. 3. The similarity of these histograms with the corresponding ones for the 
galactic Mira variables (Ikaunieks 1975), shows that the sample we have selected is 
unbiased.  

The phases of pulsation (φ ) and the visual amplitude of pulsation (Δmv) for some 
of our sources were provided by the American Association of Variable Star Observers
(AAVSO). These occur in cols. 8 and 17 of Table 1.
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Figure 1. Beam-switched spectra acquired with offsets in azimuth, to one side (top panel), to
the opposite side (middle panel) and their average (bottom panel). 
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Figure 2. Distribution in pulsation period of the observed sources.
 
 
 
 

 
 

Figure 3. Distribution in mean spectral-types of the observed sources.
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2.3 Results 
 

The results of our observations are presented in cols. 10–14 of Table 1. Of the 161 
sources observed, 37 showed SiO maser emission. The fluxes ranged from 0.2 to 11Κ 
(16 to 880 Jy) and the full width at half maximum from 1 to 10km/s. The 1σ noise 
level was 0.04 to 0.11 Κ (about 3 to 9 Jy).

Among the positive detections, the following seven sources are new detections at 
86 GHz not found in the compilation of Engels (1979), or Engels & Heske (1989): 
R Cae, Τ Cnc, R Crt, R Hor, RU Hya, S Vir and SW Vir. Note that Τ Cnc is a C 
type star (Vardya 1989). In these stars the oxygen to carbon ratio is < 1 and one 
expects SiO to be a less dominant Silicon species compared to say SiS (Sahai 1987); 
thus the presence of SiO maser emission in Τ Cnc is surprising (see also Lloyd Evans 
1990). The spectra of some new detections, and of one negative detection baseline are 
shown in Fig. 4(a) & (b). The parameters listed in cols. 9–14 of Table 1 are obtained by 
fitting gaussians to the line-profiles. In case of multiple peaks within the profile, we have 
fitted gaussians to the individual peaks, where we could discern the peaks to be 
separate. In blended features, we have not fitted more than one gaussian. To obtain 
upper limits on fluxes and luminosities for non-detections, we have used a mean value 
of 5 km/s for the line-width, and 3σ, for an upper limit in antenna temperature, where 
σ is the r.m.s. noise in the baseline.

 

3. Distances of the Mira variables   
As a first step towards knowing the relationship between the maser phenomenon and
the properties of the Mira variables, we convert the observed maser fluxes into
luminosities.  

To calculate the true maser luminosity, one needs to know or assume something 
about its isotropy. According to Alcock and Ross (1986), the maser emission is likely 
to be highly anisotropic. VLBI observations indicate emission from spots located 
around the star over a region of angular dimensions about 5 times the stellar radius 
(Moran et al. 1979; Lane 1984, McIntosh et al. 1989). It is likey that the emission is 
beamed and some of it is aimed towards us appearing as spots. However, at present 
there is not enough data (e.g., time-monitoring with VLBI), to conclude anything 
about the geometry of the total emission from the source. We can do no better than 
to assume that no matter from which direction one is looking at the Mira variable, 
one would see more-or-less the same fraction and that the filling factor is the same 
for all Miras. We have determined the distances to the Mira variables in our sample 
and obtained the maser luminosities from the observed integrated fluxes under the 
spectral lines by assuming isotropic emission.

Currently, the best available period-luminosity relation for Mira variables is in 
terms of the K-magnitudes, and is given by,  

 

MK = 0.53 – 3.291 log P (1)
 

with r m.s. of about 0.1 magnitude (Feast 1984). We have used this relation to derive 
distances to Mira variables in our sample. Following Feast et al. (1982), we have 
corrected the apparent magnitudes for interstellar extinction, i.e.,  
 

 
(2) 
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Figure 5. Comparison of our distances with the “Calibrator” distances (see text).
 

 
where r is the distance in kpc and b is the galactic latitude. The apparent Κ magnitudes 
were obtained from Catchpole et al. (1979) and from Gezari, Schmitz & Mead (1984).
These derived distances, when plotted against the eight ‘calibration’ distances of 
Robertson & Feast (1981) in Fig. 5, are in good agreement. IR distances are reliable 
due to their relative insensitivity to extinction corrections and we have therefore 
adopted them. These calculated distances and luminosities of the observed sources are 
listed in cols. 15 and 16 of Table 1.  

A correlation between distances and some intrinsic stellar property is not expected 
unless there is a hidden bias in our distance determination method. A check confirmed 
no correlation.  

 

4. The SiO maser luminosity and intrinsic properties of Mira variables
 

4.1 Determination of Effective Temperature  
 
The spectral type of a Mira varies during its pulsation. The spectral types listed in 
column 6 of Table 1, are from the General Catalogue of Variable Stars (Kholopov 
1985), and represent the extreme values during the pulsation cycles. The spectral types 
for several Mira variables at optical maximum are given by Keenan, Garrison & 
Deutsch (1974), and throughout the pulsation period by Lockwood & Wing (1971). 
The calibration of the spectral type with effective temperature for the Mira variable 
is full of uncertainties (Bessell et al. 1989).

Dyck, Lockwood & Capps (1974) have obtained colour temperatures from 
black-body fits to their measured fluxes at 1.04 and 2.5 microns and have calibrated
these colour temperatures with the effective temperatures of seven cool stars whose
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Figure 6. Dependence of effective temperature on the spectral-type of a Mira variable (from 
Dyck et al. 1974). 

angular diameters have been measured. Their sample of stars contain Mira variables and 
IRC stars. The effective temperatures determined by this method, are shown in
Fig. 6, which also shows a fitted polynomial. We have used this relation here. These
temperatures appear in col. 18 of Table 1. One must note that the measured points 
are accurate to about half a division in spectral type. Since most of the energy is 
emitted at infrared wavelengths, it seems reasonable to adopt these temperatures
which are obtained by measurements of fluxes and diameters at these wavelengths.

4.2 The H–R Diagram for Mira Variables 

The absolute bolometric magnitudes from the P-L relation (Equation 1), and the 
effective temperatures obtained from spectral types as mentioned above, are used to 
plot an H–R diagram for the Mira variables in our sample. This  is shown in Fig. 7. 
This figure may be compared with the H–R diagrams for Mira variables obtained
previously by Keeley (1970), Scalo (1976) and Tsuji (1981). The H–R diagrams given 
by these authors are mainly for M-giant stars, including a very few Mira variables. 
As far as we know, Fig. 7 shows for the first time, the evolutionary status of the 
masing and non-masing Mira variables. From this we see that the masing sources lie 
in the region Mbol  – 4.8 magnitude and Log(Teff)  3.47. The four `#' symbols
indicate supergiants, i.e. S Per, AH Sco, μ Cep, and VX Sgr. The three SiO maser 
sources with Mbol ≅  – 4.2 are R Crt, RT Vir and SW Vir whose variable types are 
SRB or unknown (i.e. not Mira). The SiO luminosities of these are ≈ 0.03 photons 
s-1 which are about 5 per cent of the typical values observed for Mira variables. The
cutoffs in Mbol and Teff mentioned above are only for Mira variables. A similar

 

⋝

 

 

⋝
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Figure 7. H–R diagram for the observed masing and non-masing sources. 'X' = maser, 
'o' = non-maser and '#' = supergiant star.  
 
conclusion for supergiants or variables of different types can be made only after more 
such stars are observed.  

The limiting values of Mbol and Teff may be indicating that a Mira variable has 
to attain a certain age before the onset of the SiO maser emission. On the other hand, 
using  

 
(3) 

 
the limiting values of Mbol and Teff imply a lower limit on the stellar radius of 
≈ 300R , below which the SiO maser emission is suppressed. A large value of radius 
may simply allow a larger path length for the gain of the maser, and hence a greater 
maser luminosity. It also implies the density of gas in the envelope to be low, a 
condition which is favourable for non-LTE.

 

4.3 Correlation of Maser Luminosity with Spectral Type 
and Bolometric Magnitude  

 
In Figs. 8 and 9, we have plotted the maser photon luminosity, and the maser flux 
as a function of distance. These figures show that the maser sources are not equally 
luminous, and the variation in the luminosity is intrinsic to the source. Fig. 10 shows 
the SiO maser photon luminosity as a function of the mean spectral type (MST). The 
intrinsic properties of super-giants represented by ‘#’ are expected to be different from 
those of the regular M-giant Mira variables. But for the three super-giants, all the 
masing Mira variables have MST later than M6. As a Mira variable approaches the
maximum visual brightness during its pulsation (i.e. the zero phase), its spectral class



258                  Nimesh A. Patel, Antony Joseph & R. Ganesan
 

 
 

Figure 8. The SiO luminosity of maser sources versus their distances.
 

 
 
Figure 9. The SiO flux of maser sources versus their distances.

 
 
approaches an earlier type (corresponding to a hotter temperature). The limiting spectral 
type below which there is no maser emission is therefore expected to be even earlier in 
terms of the zero phase spectral type (ZPST) than the MST. In a plot similar to 
Fig. 10, instead of MST we used ZPST which was available for some sources from
Keenan, Garrison & Deutsch (1974). The limiting value in terms of ZPST was found
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Figure 10. A plot of the SIO maser luminosity versus the mean spectral-type of the star. 
‘X’ = maser, ‘o’ = non-maser and ‘#’ = supergiant star. 

 
 

 

Figure 11. Same as Fig. 10 except the stellar spectral-type is the pulsation phase at he epoch 
of observation. 
 
to be M5. Some of the sources for which we could find both, the distance as well as the 
phase of pulsation at the time of observation, are plotted in Fig. 11. Although this 
plot has a much smaller number of sources, we see that the masing Miras do not 
show a preferred value of spectral type in the range M6 –M10. The range of spectral
types for which the maser emission occurs is thus not smaller than that for the MST.
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There are a substantial number of non-masers even in the spectral range M6-M10, 
as listed in Table 2. To check if they are at phases which correspond to the minimum 
SiO luminosity, we have plotted their distribution with phase (see Fig. 12). Although
the number of sources in this histogram is rather small, there is no indication of a 
preferred phase implying that being at the phase of minimum SiO emission cannot
 

Table 2: Non-detections among Mira variables with mean spectral-type > M6.
 

 
 
 

Notes: a: Previous detection at 43 GHz.  
 b: Previous detection at 86 GHz.  
 c: Previous non-detection at 86 GHz.  
 *: Benson et al. (1990).



SiO masers and Miras  261 
 

 
Figure 12. Distribution in the pulsation phase of Mira variables in which SiO maser emission 
was not detected. 
 
 
be the sole cause behind their non-detection. Other possibilities are discussed in 
section 5.  

Thus, spectral type later than M6 is a necessary but not a sufficient condition for 
masing. Fig. 13 shows that the masing Miras are brighter than – 4.2 in bolometric 
magnitude. Thus, another limiting factor is the bolometric magnitude. In fact, many 
of the non-masers in the spectral type range M6–M10 have bolometric magnitudes 
fainter than – 4.8m. Fig. 13 also shows a tendency for the maser luminosity to
decrease with increasing bolometric magnitude; this is discussed in Patel & Shukre 
(1992).  

 

4.4 Dependence of Maser Luminosity on the Amplitude of Pulsation  
 
Another possible intrinsic property of Mira variables to which the SiO maser may 
be related, is the amplitude of pulsation. Mira variables show very large changes in 
the visual magnitude. The amplitudes of pulsation at infrared wavelengths on the 
other hand, are much smaller (about 1 magnitude at infrared, for an amplitude of 
about 5 magnitude at visual). This is expected due to variation in the temperature 
between 2000 Κ to 2500 Κ during pulsation, for a typical Mira variable. Apart from 
changes in temperature, the amplitude of pulsation will reflect changes in the diameter 
of the star; and since the SiO maser exists very close to the photosphere, we may 
expect a physical connection between the maser process and the amplitude of 
pulsation. To investigate this relation, we have plotted the SiO maser photon 
luminosity versus the pulsational visual amplitude Δmv . Fig. 14 shows a tentative
anti-correlation between the maser luminosity and Δm v obtained from GCVS. In
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Figure 13. A plot of SiO maser luminosity versus the bolometric magnitude of the source, 
‘X’ = maser, ‘o’ = non-maser and '#' = supergiant star.

 

 
Figure 14. A plot of SiO maser luminosity of Mira variables versus their visual amplitude of 
the pulsation. The amplitude in magnitude units are from GCVS (Kholopov 1985. ‘X’ = maser 
and ‘o’ non-maser. 
 
GCVS (Kholopov 1985) a value of Δmv is available for almost all the sources in our 
list. These are recent values of Δmv where as the AAVSO Δmv (and the ‘notes’ in the 
third edition of GCVS) represent mean values which were not available for all the 
sources in Fig. 14.  
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This result needs to be confirmed by observing more sources and using the mean 
values of Δmv. It may also be useful to check for this anti-correlation by plotting the 
ratio of SiO maser and thermal (v = 0) emission against Δmv . We expect such a 
comparison to be free of distance uncertainties and independent of SiO abundance 
variation from source to source. Further, the visual amplitude has severe molecular 
blanketing effects (Lockwood & Wing 1971, Whitelock 1990); hence it is perhaps 
more reliable to use infrared amplitude where molecular absorption is minimal.

It is important to note that the correlations we have discussed are independent of
each other. The bolometric magnitude, spectral type and amplitude of pulsation for 
stars in our sample, do not show any correlation with each other.

 

5. Interpretations  
 

5.1 Non-detections  
 
There are a large number of Mira variables with no detected SiO maser emission. In 
Table 2, we see that there are several Mira variables in the range of spectral types 
M6–M10, for which we only have upper-limits on the SiO maser luminosity. The 
limits for several of these are much below the luminosities for the masing sources 
detected in our sample. This raises the question— Why are these Mira variables such 
weak masers if they are masing at all? In Table 2, we find that there are many sources 
which have been detected previously, at 43 and 86 GHz. These sources are marked 
by ‘a’ and ‘b’ respectively, in column 7. Generally, the 43 GHz emission is expected 
to be about twice as strong as the 86 GHz (Snyder & Buhl 1975). Therefore, those 
sources which are already weak at 43 GHz should be even weaker at 86 GHz and 
thus will not be detectable with our sensitivity. On the other hand, there are many 
sources previously detected at 86 GHz, which we have failed to detect. We look at 
these and other non-detections in the light of the dependence of the maser power on 
intrinsic stellar properties discussed above.

For those sources for which data is insufficient, obviously, no statement can be 
made. Of the remaining, those which have Mbol > — 4.8 are expected to be weak 
masers.  

The dependence on the phase of pulsation φ affects the maser emission in two 
ways. Because the spectral type varies with φ, for some stars (e.g. R Com, R Tau) the 
spectral type at the phase of our observation would have been earlier than M6, 
suppressing the maser emission. Secondly, the maser output is expected to vary with 
φ such that it will be low in the range 0.5 < φ < 0.9. This of course will be of more 
significance for those sources whose stellar parameters have values close to the cut-offs 
or are at a large distance (e.g., Τ Lep, RW Lyr).

The coordinates used for our observation of Υ Cas were not precise. For some 
other sources (e.g., TCep, UUCen), the data is noisier than average (σ ≅0.10Κ). In 
a few cases, just the large distance could push the flux level below our sensitivity 
limit, e.g., comparing W Cnc and R Hya we see that the flux for the former would be 
≈ 1/30 of that for the latter.

The non-detection of the maser emission from sources in Table 2 can thus be 
understood in terms of the factors discussed above. It lends indirect support to the
conclusions of previous sections. Only two sources (RT Aql and S Ori) cannot be
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understood in these terms. It should be noted that at least a few of the sources are 
expected to show maser emission if observations are made with better sensitivity 
(e.g. W Cnc, W Eri) or at a proper phase (e.g. S CMi, X Hya).

 

5.2 Dependence of Maser Power on Spectral Type
 
The SiO maser power clearly must depend on the molecular abundance of SiO in 
the atmosphere of the Mira variable. As seen earlier, one of the main results that has 
emerged from our observations is that the masing Mira variables have spectral types 
later than M6. Indeed, this dependence of the maser power on the spectral type could 
simply be due to a lower abundance of SiO in stars having spectral types earlier than 
M6. Such an abundance variation was in fact predicted by Johnson, Beebe & Sneden 
(1975). Rinsland & Wing (1982)1 observed the vibrational-rotational transitions in 
SiO, at 4 µm from several M-giants and a few Mira variables of various spectral types. 
They found that the equivalent width of the absorption band increased with the 
spectral type, showing that above a temperature of ~ 3000 K, there was a steep decline 
in the value of the equivalent width which could not be due to the dissociation of SiO. 
A similar effect is also expected for the abundance of water (Tsuji 1978). We therefore 
suggest that a reduction in the abundance of SiO in earlier spectral types is the cause 
for the observed dependence of the SiO maser power on effective temperature (spectral 
type). This can be tested by future observations of SiO in thermal rotational transitions 
from Mira variables covering a wide range of spectral types.

 

6. Conclusions  
 
There seem to be two criteria which may inhibit a Mira variable from giving rise 
to SiO maser emission at 86 GHz: They are: (1) Spectral type earlier than M6 
(or log T eff   3.48) and (2) Bolometric magnitude fainter than — 4.8 magnitudes.
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Abstract. Photopolarimetric observations of comet Austin with the 
IAU/IHW filter system were obtained on the 2.34 m Vainu Bappu Telescope 
(VBT) of the Indian Institute of Astrophysics, at Kavalur, India, during 
pre-perihelion phase on February 20,1990 and on the 1.2 m telescope of the 
Physical Research Laboratory at Gurusikhar, Mount Abu during post- 
perihelion phase on May 2 and 4, 1990. The comet appeared bluer than a 
solar analog during post-perihelion phase on May 2 and 4. The percent 
polarization shows a sharp increase towards the red on May 2 and 4. The 
dominant sizes of the dust particles appear to lie in a narrow range of 0.1 to 
0.5 µm. Regarding the molecular band emission, CN and C2 bands are quite 
strong; C3 emission was also found to be strong though the observations on 
May 2 and 4 show significant variation as compared to C2 emission. 
Molecular band polarization for CN, C3, C2 and H2 O+ have been
calculated. It has been found that emission polarization in CN, C2 and C3 is 
between 1–7% (phase angle between 107.4–109 degrees). For CN and C2 
the polarization values are close to the theoretically predicted values, but 
for C3 the polarization value falls much below the theoretically predicted 
value. A similar result was found for comet Halley.
 
Key words: comet—polarization—molecules—dust  

 

1. Introduction  
 
Comets are generally known to have high degrees of polarization caused by two 
mechanisms: (1) scattering of sunlight by cometary particles and (2) fluorescence 
emission by cometary molecules. The molecular band polarization in comets is due to 
resonance fluorescence emission (Ohman 1941; Blackwell & Willstrop 1957; Bappu 
et al. 1967; Kharitonov & Rebristyi 1974; Bastein et al. 1986; Dobrovolsky et al. 1986; 
Le Borgene et al. 1987; Sen et al. 1988,1989) but our knowledge on this subject is very 
scanty. High precision photopolarimetric observations in continuum wavelengths and 
molecular bands are essential to compare observations with theoretically predicted 
values. Polarimetric observations in continuum and molecular bands were made in 
detail by various groups on comet Halley (Dollfus & Suchail 1987; Kikuchi et al. 1987; 
Le Borgene et al. 1987; Sen et al. 1988, 1989). Our observations (Sen et al. 1989) on 
comet P/Halley show that the polarization values for CN and C2 agree with the 
theoretically predicted values, but for C3 the polarization value falls much below the 
theoretically predicted value; emission from the ionic molecules: CO+ and H2 Ο + show
much higher polarization, though the errors were large (Sen et al. 1989). Comet Austin
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has given us another opportunity to study the polarization behaviour of continuum 
and molecular bands. Comet Austin is perhaps a new comet (Sekanina 1990) in the 
Oort sense. If this is the case, we have an excellent opportunity to study and compare 
comet Austin with a dynamically older comet P/Halley. In the present paper we present 
results based on our photopolarimetric observations on comet Austin.

 

2. Observations and analysis  
 
Observations during pre-perihelion phase were taken on the 2.34 m Vainu Bappu 
Telescope at Kavalur of the Indian Institute of Astrophysics, Bangalore and during 
post-perihelion phase observations were taken on the 1.2 m telescope at Gurusikhar, 
Mt. Abu, of the Physical Research Laboratory, Ahmedabad. Observations were taken 
with the IHW (International Halley Watch) filter system which contains three narrow 
band continuum filters (UC: 3650/80A; BC: 4845/65A; RC: 6840/90A) and five narrow 
band interference filters covering different molecular bands (CN: 3871/50; C3:
4060/70A; CO+: 4260/65A; C2: 5140/90A; H2O+: 7000/175A). UC, BC, RC: represent
ultraviolet, blue, and red continuum respectively and the numbers after the slash 
are FWHM for the filter bands. A photopolarimeter which is discussed elsewhere 
(Deshpande et al. 1985) was used for observations. Data reduction and analysis has 
been done in the same way as was done earlier by us for comet P/Halley (Sen et al. 1988,
1989). Instrumental polarization was determined by observing zero percent 
polarization stars. In the case of the 1.2 m telescope the instrumental polarization was 
negligible (less than 0.05% in all the bands) and, therefore, neglected. However, when 
observations were made on the 2.34 m telescope, the instrumental polarization was 
found to be 2.25% in ultraviolet decreasing to 0.50% in the reddest wavelength. The 
necessary corrections for instrumental polarization were made to the Polarimetric 
observations with the IHW filters. We present here observations made on February 
20, 1990 (pre-perihelion phase) and May 2 and May 4, 1990 (post-perihelion phase). 
The comet coma was observed with an aperture of 60 arcsec on the 1.2 m telescope 
while on the 2.34 m telescope the aperture used was 24 arcsec. Polarimetrie data along 
with the error in the degree of polarization (Ep) are listed in Table 1. Error estimation 
is discussed in section 3.

The solar type stars HD29461 and HD 191854 were observed for photometric 
calibration. These stars have been chosen from a list of seven IHW solar analogs (given 
in IHW, Photometry and Polarimetry Net, Circular 8, November 1985). The observed 
magnitudes of comet were converted to the standard scale of IHW, using the method 
discussed in our earlier paper on comet Halley (Sen et al. 1989). These magnitudes were 
converted into flux by adopting the flux conversion formulae given in IHW 
Photometry and Polarimetry Net, circular 3 February, 1986. On February 20, 
observations could not be made in UC filter as the comet was quite faint in the 
ultraviolet continuum and also the altitude of the comet at the time of observation was 
very low.  

Observed polarization in molecular bands is contaminated with continuum flux 
which has been estimated in the same way as discussed by us earlier (Sen et al, 1989) and 
polarization due to resonance fluorescence has been calculated.

Photopolarimetric data on comet Austin in continuum and emission bands are listed 
in Table 1 and Table 2. Results are discussed in section 4.
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Table 1. Photopolarimetric data of comet Austin in the emission bands and the continuum 
bands (underlined). Observed degree of polarization (%P), error in polarization (%EP), angle 
of polarization vector and magnitude are listed. Flux values for the continuum bands are also 
listed. Observations on February 20, 1990 are done on 2·34 m VBT; other two sets of 
observations are done on l·2 m telescope.  
 

 

3. Error analysis  
 

3.1 Error in Polarization Measurements  
 
The Polarimeter works on a rapid modulation principle, the sampling rate being 1 ms 
and the data are processed on line with an IBM–PC. The error in polarization 
measurement is estimated from photon statistics using a least square solution. The 
error in position angle is estimated by the relation given by Serkowski (1962):  

 

(1) 
 

where Eθ and Ep are error in position angle (θ) and degree of polarization (P) 
respectively. Error in degree of polarization is listed in Table 1; Εθ may be computed 
using the above relation (1).  

 

3.2 Error in Flux Measurement  
 
The error in observed magnitude (including the error in extinction values and error in
transformation to standard magnitude system) on May 2 and 4 is ~ 0.05 mag. At the 
time of observation, the comet was quite high in the sky (more than 30 degrees above 
the horizon). All continuum filters are free from cometary molecular emission except
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Table 2. Flux in different emission bands due to molecular emission along with the background 
continuum contribution in the entire band in ergs/cm2/sec is given for different dates. Estimated 
value of percent polarization due to molecular emission is listed for some molecules. Pmax 
values (theoretically calculated) are also given.
 

 

the blue continuum filter which has a small contamination due to C2 molecular 
emission. The blue continuum band (effective wave length: 4845 and half width: 65A) 
falls between the two C2 bands at 4745A and 5165A. The effect of the tail of C2 emission 
band starting at 5165A, on the continuum band at 4845A is of the order of 1%. The 
expression for estimating the corrected magnitude at λ=4845A is:  

 

CM = m(4845) – 0.012{m(5150) – m(4845)} (2) 
 

where CM is corrected magnitude (refer IHW Photometry and Polarimetry Net 
circular No. 3, February 1986). Thus the total error, in flux measurement of the blue 
continuum, including the error in observed magnitude, is 7% and in other two 
continuum bands, which are nearly free of molecular emission, the error is 5%. The 
continuum flux at the molecular emission bands has been calculated using the 
expressions given in the IHW Photometry and Polarimetry Net, Circular 3,1986. The 
estimated error in flux in molecular bands is ~ 9%. For all practical purpose, we have 
considered the error in flux to be less than 10% in all the bands.

On February 20, the comet was very low at the time of observation (about 15 degrees 
above the horizon). The error in magnitudes due to errors in extinction and 
transformation to standard magnitude is found to be 0.15 mag. There are some other 
sources of error as discussed above. The total error in flux in continuum bands (BC and 
RC) and molecular bands (C 2 and H2O+) is evaluated to be 20%.
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4. Results and discussions 
 

In the following we discuss the results on: (i) continuum energy distribution and 
polarization, (ii) molecular band emission and (iii) molecular band polarization.

 

4.1 Continuum Energy Distribution and Polarization
 
Table 1 lists the observed magnitudes and polarization values in the IHW filter system 
for comet Austin on February 20, May 2 and May 4, 1990. The error in polarization 
measurement is also given. Fluxes in three continuum filters have been calculated as 
discussed above and are given in Table 1. In Fig. 1, we have plotted the observed flux in 
the continuum bands normalized by a solar analog HD 191854 on May 2 and May 4. 
We have not plotted in Fig. 1 the flux values on February 20 since observations could 
not be made through the UC band and because the errors in observations in the 
other two continuum bands (BC and RC) are large (20%). Fig. 1 shows that on May 2 
and May 4 the comet is bluer than the Sun. The error in flux measurement on May 2 
and May 4 is less than 10% and the observed bluing is much higher (refer Fig. 1). The 
bluer color than a solar analog is not a common feature in comets; although bluing has 
been observed in the case of comet Ikeya-Seki (1967n) (Gebel 1970).

Figure 2a shows the wavelength dependence of the degree of polarization. There is a 
sharp increase in the degree of polarization towards the red wavelength in post- 
perihelion phase. Observations obtained on February 20 also show increase in the
degree of polarization towards the red wavelength, though the rate of increase is

 
 

 
Figure 1. Plot of flux values (in unit of 10 –12 ergs/cm2/sec/A), normalized with respect to a
solar analog HD 191854, in different continuum bands for comet Austin on May 2 and May 4.
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Figure 2a. Wavelength dependence of linear polarization for comet Austin as measured on 
different dates. Polarization values for continuum wavelengths are joined with different types of 
dashing. Observed values of polarization for molecular bands are also plotted for comparison. 
Error bars (two sigma) are also plotted.
 
relatively less compared to that on May 2 and May 4. The maximum polarization, Pmax 
(polarization value at phase angle 90 degree) is related to the albedo A of the surface, by 
the classical so-called Umov approximate relationship Pmax·A = const. (Dollfus 1989). 
The present observations on comet Austin have been made on May 2 and 4 when the 
phase angle is 109 and 107.4 degree respectively. Assuming that the observed 
polarization on May 2 and 4 is close to Pmax (since the phase angle at the time of 
observation is not very much off from 90 degree), the above relation shows that for 
comet Austin the albedo in ultraviolet wavelength is 3 to 4 times higher than for the red 
wavelength which imply the brightness of comet Austin to be more in blue wavelength 
compared to that in red wavelength. This is consistent with the observations.

The steep rise of polarization towards longer wavelengths and bluing of the 
continuum flux in comet Austin indicate that the size of the dust particles in comet 
Austin lies in a narrow range and the imaginary part of the refractive index may be 
small i.e. close to zero (refer Greenberg 1978; Martin 1978). Comparison of the various 
curves for scattering efficiency and polarization due to dust particles, given by 
Greenberg (1978) and Martin (1978), with the present observations of flux and 
polarization help to put a limit on the sizes of the cometary dust particles; the sizes of 
the dominant dust particles appear to range between 0.1 µm to 0.5 µm. Calculations 
based on Mie scattering theory were carried out by us to match the observed 
polarization data in the Β and R bands with the theoretical predictions and to find out 
the characteristics of the cometary dust. This analysis, published elsewhere (Sen et al. 
1991) also shows that the relative abundance of smaller dust particles is more in comet 
Austin as compared to comet Halley and a large fraction of them are smaller than 
0.62 µm.  
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Figure 2b. Wavelength dependence of position angle as measured on different dates; error bars 
are plotted.  
 

Figure 2b shows the wavelength dependence of position angle of the polarization. 
Within the errors of measurements, the polarization angle for continuum and 
molecular bands is constant (except for BC on February 20 and for UC on May 2) 
and is found to be perpendicular to the scattering plane. During pre-perihelion phase 
on February 20, the BC shows a flip of about 80 degrees in the position angle. Since 
observations could not be made on February 20 in other shorter wavelengths due to 
low flux level and high atmospheric attenuation as the comet was very low at the 
time of observations, it is difficult to infer whether the flip in position angle observed 
in BC extends to other shorter wavelengths. A flip of 90 degrees is possible for shorter 
wavelengths which again depends on the Sun-comet-Earth phase angle and charac- 
teristics of dust particles. The error in polarization measurement in BC on February 20 
is large (refer Table 1) and expected error (one sigma) in position angle is also large 
(Eθ ~ 14 degrees). Therefore, it is difficult to say whether the flip in position angle 
observed in BC corresponds to a 90 degree flip. The flip observed in UC on May 2 
appears genuine as the error in polarization measurements are very low (refer Table 1). 
In general the flip in polarization angle has been noticed in most of the comets at 
low phase angle (phase angle < 22 degree) (Dollfus 1989). Weinberg & Beeson (1975, 
1976) have made extensive polarization measurements on Ikeya-Seki (1965 VIII) for 
different scattering angles. The most interesting result of their observations is the 
change in polarization from positive to negative values for λ=0.53 µm as the scattering 
angle changes from 116 to 135 degrees. Polarization reversal is present in planetary 
atmospheres including the Earth’s atmosphere and has been found in zodiacal light 
also (Wolstencroft & Rose 1967; Weinberg & Mann 1968; Frey et al. 1974). Of 
particular interest in the zodiacal light is the possibility of positive and negative 
polarization at small elongation in the vicinity of 0.43 µm (Weinberg & Mann 1968).
The steep change in the degree of polarization and the large amount of negative



274  U. C. Joshi et al.  
 
polarization are characteristics of a narrow range of small particles having a small 
imaginary part in their refractive index which is again consistent with the inference 
made earlier on the basis of continuum flux distribution and the wavelength 
dependence of the polarization.  

The polarization reversal may arise as a result of (i) the segregation of different size 
grains in the tail of the comet due to the effect of radiation pressure; (ii) alignment of the 
non spherical grains in the cometary atmosphere (Swamy 1978; Kiselev & Chernova 
1981). The second mechanism does not seem to fit the present observations of May 2 as 
both the positive and negative polarizations are present at different wavelengths. 
Segregation of the grains in the tail is one possibility or that comet Austin has a narrow 
range (0.1 to 0.5 µm) in the dust distribution in reality. Due to projection effects 
radiation from a larger area of the comet is reaching us on May 2 (phase angle 109.0 
degree) as compared with May 4 (phase angle 107.4 degree). Therefore, segregation of 
the grains cannot be ruled out.  

 

4.2 Molecular Band Emission  
 
Flux in the emission bands of CN, C3, CO+, C2, H2 O+ are given along with the
background solar continuum flux in Table 2. The data in Table 2 show that C2 is always 
strongest whether it is pre- or post-perihelion phase. A similar trend has been observed in
the case of comet Halley (Sen et al. 1989). The flux in C3 relative to C2 shows significant 
variation between May 2 and May 4. Regarding the emission from the ionic molecules: 
H2 Ο+ is quite weak whereas CO+ could not be detected.H2 Ο+ has not been detected
in our observation on February 20 (pre-perihelion time), while the observations made 
in the post-perihelion phase show the presence of ionic water molecule; the flux value 
shows an increase of about 30% on May 4 as compared to the flux on May 2. The 
increase in H2 Ο+ flux is three times the estimated error and, therefore, it is significant.
In comet Austin CO+ is perhaps below our detection limit (lower than 1.0Ε-
11 ergs/cm2/sec) on all the observing dates; this molecule was found present in comet 
Halley on March 19, 1986 (Sen et al. 1989).

The present observations show that there is some correlation among the molecular 
emissions from the molecules: C2, C3, CN and H2 O+. C3 emission shows an
enhancement (on absolute term) on May 4 by a factor of 2 as compared to the emission 
on May 2 and at the same time H2 O+ is enhanced by about 30%. If we look at the
emission flux from CN and C2 on May 2 and 4, we find an anti-correlation with C3 

emission; C3 emission decreases with the enhancement of CN and C2 (refer Table 2). 
There are some ideas published in the literature on the production mechanism of C3 

molecule (Stief 1972) though the scenario is not clear. The present observations indicate 
that the enhancement of H2 O+ is related with the enhancement of C3. Perhaps one
may explain the above observations as follows:

It is believed that most of the H2 O+ is produced during an eruption. The higher
mobility of the ionic water molecules causes them to travel farther out than the neutral 
molecules and can produce a halo around the comet nucleus which may prevent UV 
radiation from the Sun reaching inside the halo. This will reduce the dissociation rate of 
C3 molecule and enhance C3 emission. The possibility of sudden enhanced formation of
C3 molecule by chemical combination of some other carbon containing molecules,
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released during eruption, cannot be ruled out. The formation mechanism of C3 

molecule is not well understood at present and its parent molecule is not known 
definitively.  

 
 

4.3 Molecular Band Polarization  
 
The observed degree of polarization and position angle in continuum filters and in the 
molecular bands are listed in Table 1. Flux in different emission bands are given along 
with the background continuum in Table 2. The polarization observations show that the 
polarization vector in the emission and continuum is in the same direction i.e. 
perpendicular to the scattering plane. The exception to this are the polarization vector 
in the Β and U bands as observed on February 20 and May 2 respectively. However, the 
observed polarization vector for molecular bands redwards of the B-band on February 
20 and of the U-band on May 2 are nearly perpendicular to the scattering plane. This 
means that the polarization vector due to the background continuum at the molecular 
band emission is also perpendicular to the scattering plane. This situation simplifies the 
procedure of separating the polarized flux due to the fluorescence emission from the 
observed molecular band polarization. In such a case the observed polarization flux in 
a molecular band is the scalar sum of emission and continuum polarization flux which 
can be expressed as:  

 

(3) 
 

where Po is the observed degree of polarization and PE and Pc are respectively the 
degree of polarization due to the molecular emission and continuum; FTot is the total 
flux and FE and Fc are respectively the flux due to molecular emission and the 
continuum. In different emission bands, the contribution to the degree of polarization 
due to the background continuum has been found by interpolating the flux values 
between continuum values (using Fig. 2a). The continuum polarization at the position 
of molecular bands thus found is used to calculate the value of PE using relation (3). The 
values of PE are listed in Table 2.

The molecular band polarization values (Table 2) for C2, C3 , CN and H2 O+ 

molecules measured on May 2 are close (within the error bars) to the values obtained on 
May 4. This is expected as the phase angle has not changed much during the observing 
run in May (phase angle at the time of observation on May 2 and 4 was respectively 
109.0 and 107.4 degrees). We have theoretically calculated Pmax (maximum polarization 
at phase angle 90°) as discussed by Sen et aL (1989) and the values thus obtained for
May 2 and 4 are listed in Table 2. We have not calculated the value of Pmax for February 
20 as the error in flux measurement is relatively large. From the theoretical calculations 
by Ohman (1941) a value of 7.7% for Pmax is expected for CN and C2 molecules. The 
Pmax values obtained for CN and C2 in the present work are in agreement (within the 
error bar) with the theoretically expected values. The estimated value of C3 band 
polarization on May 2 and 4 matches within the error bars. However, the Pmax value 
(Table 2) is much below the theoretically expected value. In the case of comet Halley 
also (Sen et al. 1989) the polarization value was found to fall much below the 
theoretically predicted value based on the theoretical relation given by Ohman (1941). 
At present we have no satisfactory explanation.
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The mean value of Pmax for H2 Ο+ emission in comet Austin on May 2 and May 4 is:
PH2O~ 0.8 ± 1.4% (refer Table 2). In case of comet Halley the estimated polarization 
value of H 2 O+ is quite large (PH2O+ ~ 29%) (Sen et al. 1989). However, in case of Halley
the error was large (comparable to the observed polarization value) and therefore the 
estimated value of polarization for H2 O+ molecule in Halley should be taken
cautiously. The main reason for large errors in p/Halley is very low flux level for the 
ionic water molecule. In case of comet Austin the polarization of ionic water molecules 
has been found to be low. Future Polarimetric observations on ionic molecules in
bright comets will be useful.  

 

5. Conclusions
 
1  The flux distribution of comet Austin as observed through the three IAU/IHW

continuum filters is bluer on May 2 and 4 compared with the solar flux distribution.
2  Wavelength dependence of polarization in comet Austin on May 2 and 4 shows that

the polarization decreases sharply with decreasing wavelength. Polarization vectors
in continuum and emission bands are perpendicular to the scattering plane.
However, some measurements deviate significantly from it.  

3.  The steep wavelength dependence of the degree of polarization and the bluer flux
distribution compared to a solar analog indicate that the dust size distribution lies in
a narrow range and the sizes of the dominant particles are expected in the range of
0.1 µm to 0.5 µm.  

4.  Neutral molecular bands: C2, CN and C3 are strong. The flux values for C3 molecule 
show (Table 2) significant variation on different dates; H2O+ was present on May 2 
and 4 (post-perihelion phase).  
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Abstract. Photometric data, covering a span of two and a half years, have 
been analysed for the chromospherically active giant star HD 86005. It was 
found to undergo light variations and a photometric period of 89.0 ± 0.3 
days was determined. Evidence suggests that these brightness variations are 
due to the rotation of unevenly distributed starspots. 

 
Key words: chromospheric activity—late type giant—starspots— 
HD 86005 

 

1. Introduction 
 
HD 86005 has been observed at the Mt John University Observatory over a period of
two and a half years as part of an extended photometric observation programme of 
possible active chromosphere stars. It was initially selected for observation due to the 
presence of several features characteristic of chromospheric activity, and was chosen 
for analysis because of the clear variability found in its photometric data.

The Michigan Spectral Catalogue (Houk 1975) lists it as spectral type K2 IIIp where 
the p indicates weak Ca II Η and Κ line core emission. Bopp and Hearnshaw (1983) 
detected Hα emission above the continuum and Verma et al. (1983) measured a high 
infrared excess, which could partly be attributed to the presence of starspots. However, 
no radio emission was reported by Mutel & Lestrade (1985).

UBV photometric studies have been carried out by Grenier (1974) on one night, and 
by Bopp et al. (1986) over a period of nine nights. Udalski & Geyer (1984) conducted 
UBV (RI)C photometry over twelve nights, as did Cutispoto (1991) over fifteen nights.  
Bopp et al., Udalski and Geyer, and Cutispoto found no variation in light levels over
the span of their observations, although their values are different, suggesting some sort 
of long-term variability. 
 

2. Observations
 
Differential photometric observations were carried out at the Mt John University
Observatory between 1988 November and 1991 April, during which time 79 sets of
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BV(RI)c data points were obtained (Table 1). The comparison star used was HD 
86034, while the check star was HD 85966. 

Two telescopes were used for these observations, the 0.6 m Optical Craftsmen 
reflector (with an EMI9558B S20 photomultiplier tube) and the 0.6 m Boller & 
Chivens reflector (with an RCA C31034A GaAs photomultiplier tube). During each 
 

Table 1. Mt John University Observatory photometric data 
for HD 86005. 
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Table 1. Continued. 

 
 
observation, integrations lasting 5 or 20 seconds were repeated 3 or 2 times respectively, 
depending on the pass-band, with the integrations then being averaged. Two 
observations were obtained for each observing night and these were then averaged to 
give a nightly mean, which typically had a standard deviation error of 0m.005. The 
check star, however, had a standard deviation for all of the V data of 0m.011, so that one 
would expect the scatter in each data point of HD 86005 to be of this order.

It was found that the star exhibited variability over a time scale of around 100 days, 
with a peak-to-peak amplitude of approximately 0m.07 in V. This variability would 
not have been detected by the previous groups, assuming it was present during their 
observations, as their data spanned periods of two weeks or less.
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3. Photometric period determination
 
Photometric periods in each pass-band were determined through the use of a 
FORTRAN program (Lawson 1990 et al.) based on the Lomb-Scargle method of 
applying a Fourier transformation to unevenly spaced data (Lomb 1976, Scargle 1982). 
The program produces a power spectrum in a specified frequency range, using a fixed 
frequency increment. Residual and phase data are also produced, as is a synthetic curve 
of the strongest frequency, and a facility is available to subtract this synthetic curve 
from the data so that a search for secondary frequencies can be made.

For HD 86005 significant power spectra peaks were identified for each of B, V,R and 
I, using the minimum possible frequency increment of 0.00001 cycles per day, and the 
results are given in Table 2. The average of these frequencies gives a photometric period 
for HD 86005 of 89.0 ± 0.3 days. Fig. 1 shows, as an example, the V data phased with its 
89.6-day period, while Fig. 2 shows the power spectrum produced in V. Fig. 3 shows the 
power spectrum in V for the second harmonic (solid line), and the power spectrum in V 
after the second harmonic has been removed (dashed line).
 
Table 2. Fundamental and second harmonic frequencies for HD 86005, with, their phases and 
half-amplitudes. 

 

Phase, on a 0 to 2π basis, is the phase occurring on 1988 November 24 = HJD2447490.1056. 
 

 

Figure 1. V data for HD 86005, phased with an 89.6-day period.
 



Analysis of active chromosphere stars 283 
 

 

Figure 2. Power spectrum in V for HD 86005.  

 

Figure 3. Power spectrum in V for HD 86005 obtained after the removal of the 89.6-day period 
(solid line), followed by removal of the second harmonic (dashed line). 
 

The scatter in Fig. 1 has a standard deviation of 0m.017, which is larger than that 
expected from the observational errors. This is mainly due to the presence of a 
significant second harmonic. The residual in the data after the fundamental and second 
harmonic frequencies have been removed, has a standard deviation of 0m.013, which is 
much closer to the expected value. Additional scatter may be due to slight changes in 
period, amplitude or phase over the 9 cycles observed. Consideration of the first 36 data 
points in V resulted in a period of 87.3 days and a half-amplitude of 0m.029, while the 
final 43 points in V gave a period of 89.2 days and a half-amplitude of 0m.020. The mean 
V values were 7m.325 and 7m.319 respectively. It should be noted, however, that in each 
of the two cases the standard deviation of the scatter in the data was not significantly 
less than that resulting when all of the data was analysed together.

The peak-to-peak amplitudes of the light variations in each pass-band were 
measured from the synthetic curves composed of the fundamental and second 
harmonic sinusoids. The resulting amplitudes and error estimates are given in Table 3, 
along with the average values of B, V, R and I over the period of the Mt John 
observations.
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Table 3. Average magnitudes of the Mt John data 
for HD 86005 and the amplitudes of the synthetic 
curves. 

 

4. Discussion
 
The observed light variations of HD 86005 can be well explained by the application of a 
starspot model. If cool starspots were present on HD 86005 one would expect the 
amplitude of variation in the light curve to increase for shorter wavelengths, where the 
spots should radiate less light. This is indeed the case, as can be seen from Table 2. 
Furthermore, Fig. 4 shows a correlation between brightness and colour, with the star 
becoming bluer as it brightens. 

The Mt John observations must have been carried out during a phase of high spot 
activity, such that at no time was an unspotted hemisphere facing Earth. This is 
supported by the fact that the light curve in Fig. 1 is not flat topped, as would be the case 
if no spots were visible over a time scale of several days. It is possible that the values 
obtained by Grenier (1974) and Bopp et al. (1986) correspond to the unspotted colour 
indices of the star, as their observations are the brightest of the five photometric studies, 
and their values agree remarkably well despite being obtained approximately 15 years 
apart. It is unfortunate that no (V – R) or (V – I) values are given by Grenier or Bopp 
et al., since known unspotted colour indices for HD 86005 would have enabled a 
quantitative starspot model to be applied. 

The results of Grenier (1974), Udalski & Geyer (1984), Bopp et al. (1986) and 
Cutispoto (1991) are all significantly brighter than any of the Mt John observations. It 
is thus clear that for this to be due to starspots a change in the number of spots, or a 
redistribution of spots, must have occurred at least in the couple of years prior to the Mt 
John observations, if not at other times. It may be that an activity cycle is present, such
as that observed for other chromospherically active stars (Baliunas & Vaughan 1985).

Comparison between the colour indices obtained by the various groups reveals some 
anomalies. The colour indices are given in Table 4 and it can be seen that they are 
remarkably constant in colour as the star becomes fainter. Using a simplistic starspot 
model with no energy redistribution, one would expect a star to become redder as it 
becomes fainter if the area of the photosphere covered by starspots is increasing. This is 
not the case for HD 86005. Indeed, at the Mt John light maximum the (B – V) colour 
index is bluer than that of Bopp et al. (1986), although this could lie within the error bars, 
as is the (V – I)c index for all of the Mt John observations. If a starspot model were 
applied at the Mt John light maximum, where ∆ V  between the Mt John value and the 
Bopp et al. value is marginally greater than ΔR, then hot spots would result.

In addition, there appears to be an excess of UV light. The (B— V),(V— R)c and 
(V–I)c indices correspond roughly to a K3.5III star (Bessell 1979), whereas the
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Figure 4. Colour correlation with brightness for HD 86005. 

 
(U – B) index is that for a K1 III star (Johnson 1966). As Cutispoto (1991) notes, this could 
be due to the presence of an early type companion, but in view of the fact that UV excess 
is a well known feature of chromospherically active stars (Hall 1976) this is probably 
not the only plausible explanation. 

Chromospherically active stars with periods greater than that of HD 86005 have 
 

Table 4. UBV(RI)c photometry of HD 86005. 
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been observed (Fekel et al. 1986; Hall et al. 1990) but even so HD 86005 has an
exceptionally slow rotation period compared to most other active chromosphere stars 
(Hartmann 1980; Baliunas & Vaughan 1985; Fekel et al. 1986). It may be that this is 
why only weak Ca II Η and Κ core emission is present, and why the amplitude of light 
variation is at the lower end of that observed in other active chromosphere stars, where 
the amplitude can range up to 0m.5 in V (Hartmann 1980).

It is possible that HD 86005 may belong to the group of FK Comae stars, which are 
single late-type giants exhibiting strong chromospheric activity (Bopp & Stencel 1981). 
However in this case the star should be a rapid rotator, which is not observed for 
HD 86005. It seems that HD 86005 perhaps best belongs to the group, identified by 
Fekel et al. (1986), of medium to rapidly rotating single G8–K2 giants which exhibit 
moderate chromospheric activity.
 

5. Conclusion 
 
The analysis of a two and a half year span of photometric ΒV(RI)c data has resulted in 
evidence that suggests that starspots are the cause of the observed 90-day light 
variations of HD 86005. The detection of this 90-day period demonstrates the 
desirability of long term photometric observations, as short term observations may 
result in a star being classified as non-variable when in fact that is not the case. The 
colour variations predicted by a starspot model were observed in the Mt John data. 
However, a simplistic starspot model is inadequate to explain the observed constancy 
of the colour indices of HD 86005 as the star brightens and modifications to the model 
would be required to explain this feature.
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Abstract. There are indications now that globular clusters contain a large 
number of low magnetic field millisecond pulsars. Since millisecond pulsars 
are expected to emit γ-rays due to curvature radiation, it is likely that 
globular clusters will themselves be sources of γ-rays bright enough to be 
detectable by present day instruments. Using the expression derived by 
Scharlemann, Arons & Fawley (1978) of the energy acquired by the 
electrons moving along the open magnetic field lines of the pulsars we have 
calculated the likely luminosity of γ-rays from globular clusters. We discuss 
our results in the light of the calculations reported in the literature based
on some of the other models.
 
Key words: globular clusters—pulsars—resurrected neutron stars—γ-rays

 

1. Introduction 
 
In the last few years a new population of pulsars, namely the millisecond pulsars, 
has been discovered. The short period of rotation makes them good candidates for 
emitting γ-rays. Efforts are being made to detect high energy gamma rays from these 
pulsars and there are already hints that very high energy γ-rays from two of these 
pulsars have been observed (Chadwick et al. 1985, 1987).

These millisecond pulsars having typically magnetic fields of the order of 108 G,
which is characteristic of slow-rotating old pulsars, are thought to be the spun-up 
neutron stars. The detection of binary companions of many of these pulsars has 
already been confirmed. This has supported the view that the old neutron stars are 
spun up by mass accretion from their respective companions over a long period of 
time. In this way an old neutron star with a low magnetic field (~ 108 G) gets spun 
up to a resurrected period given by the mass accretion relation (Radhakrishnan & 
Srinivasan 1981; Alpar et al. 1982)
 

(1) 
 

where M  is the mass accretion rate and the maximum value of Μ is the Eddington 
rate given by M   /108 per year. 

It has been suggested that there may be of the order of a thousand millisecond 
pulsars in one globular cluster (Kulkarni 1990; Manchester et al 1991). Already 28 
millisecond pulsars have been discovered in globular clusters (Chen 1991). Though 
the distribution of these millisecond pulsars with period is not exactly known yet a 
reasonable relation has been given by Chen, which is a power law distribution:

 

(2) 
 

⊙ 

.
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where period is in millisecond, α = 1.4 for pms >pmin and the minimum value of period
pmin is 1.6 ms. 

A globular cluster containing a large number of resurrected millisecond pulsars 
which emit gamma rays is likely to be itself a source of gamma rays. In this paper 
we discuss a model which gives an estimate of γ-luminosity of a globular cluster. In 
section 2, we present the model and an estimate of the luminosity of a globular cluster 
which contains the millisecond pulsars. In section 3 we compare our results with 
those derived on the basis of some other models.
 

2. Model and its prediction 
 
The magnetic field far from the surface of a neutron star is basically due to the star’s 
own dipole field. Field lines which originate very close to the polar caps of a pulsar 
do not close within the light cylinder and go across it. These field lines are called 
open field lines. According to the model of Goldreich & Julian (1969) there is an 
electric field E1 =  E·B/B parallel to the magnetic field Β along these open lines. When 
charged particles move along these lines they get accelerated to very high energies. 
These accelerated charged particles emit γ-rays by curvature radiation and are subject 
to radiation reaction. It has been shown by Scharlemann et al. (1978) that radiation 
reaction is important when the period of the pulsar is given by the relation,
 

(3) 
 

The radiation reaction limited Lorentz factor for the electrons is given by (Scharlemann 
et al. 1978) 
 

(4) 
 

where pms is the period of rotation in millisecond, R6 is the radius of the star in units 
of 106cm, B8 is the star’s magnetic field in units of 108 G and r is the distance from 
the star’s surface to the point where the radiation is emitted. It has been assumed, 
while arriving at the above result, that most of the work done in accelerating the 
charged particles is converted into γ-emission due to curvature radiation. In passing
we note that if the period of the pulsar is longer than that given by Equation (3), the 
energy of the electron is given by (Scharlemann et al. 1978)
 

(5) 
 

Data regarding the periods and magnetic fields of the spun-up millisecond pulsars 
is rather scanty. Periods and magnetic fields of four millisecond pulsars in the galactic 
disc (Bhattacharya & Srinivasan 1991) and a few millisecond pulsars in globular 
clusters (Chen 1991) are known. From this limited data we can reasonably assume 
that the millisecond pulsars of this variety have a minimum period of about 1.6 ms, 
which is the value we have used in Equation (2). For a magnetic field of the order 
of 108 G and a star of radius 106cm, Equation (3) gives us the limiting value of the
period below which the energy gained by an electron will be limited by radiation 
reaction. The limiting value of the period is p ≈ 10 ms. This is also the order of the 
period which any rotating neutron star with initial rotation period of 1.6 ms would 
acquire as a result of its slow down during the age of the galaxy (Bhattacharya & 
Srinivasan 1991).
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The curvature photons will escape the pulsar magnetosphere without any absorp- 
tion enroute (Scharlemann et al. 1978). The typical energy of a curvature photon is 
(3/2) hcye

3 \Rc, where RC ≈ (cr/Ω)1/2 is the radius of curvature of the field lines at a 
distance r from the star’s surface and Ω is the angular frequency of rotation of the 
pulsar. For periods between 1.6 ms and 10 ms and γe given by Equation (4), the photon 
energies lie in the range 5×103 MeV to 2×102 MeV. The curvature radiation power 
is given by, 
 

(6) 
 

The Ε|| field causes the charged particles to flow away from the stellar surface. The 
density of the charged particles coming out of the polar cap is according to Goldreich & 
Julian (1969), 
 

(7) 
 

If Δs ≈ π (ΩR/c)R2 denotes the area of the polar cap then the net rate at which the 
particles are emitted by the neutron star is 
 

(8) 
 

The total power radiated at a distance r from the star’s surface is ≈ IN(r/c). Thus, 
 

(9) 
 

Using now the expression for γe from Equation (4) we get an expression for the 
luminosity at a distance r from the stellar surface as
 

(10) 
 

Since r increases along the magnetic field lines, we assume that the dominant contribu- 
tion to the total power comes from the vicinity of the light cylinder whose radius is 
given by r ≈ (c/Ω). Since most of the curvature radiation is in the form of γ-rays, the 
luminosity L(r) of a millisecond pulsar at the light cylinder can be written as Lγ and 
Equation (9) can be written as
 

(11) 
 

Since γ-emission forms a substantial fraction of the total spindown rate of a pulsar, 
we expect the γ-luminosity to be not much smaller than the spindown rate. This 
provides a reasonable basis for the present model. Equation (11) gives the γ-luminosity 
of individual millisecond pulsars. We now apply the above expression to find the 
luminosity of a globular cluster containing np millisecond pulsars. This is given by
 

(12) 
 

Substituting Equation (11) and Equation (2) in Equation (12) we get 
 

(13) 
 

The integration is to be performed with limits from pmin to pmax
, that is, between 1.6 

to 10 in our case. In view of Equation (1) and the data for millisecond pulsars given 
in Bhattacharya & Srinivasan (1991), it seems safe to assume that pms = kB6\7 where
k is of the order of unity. Substituting pms = B6\7 in Equation (13) and integrating it, 
we arrive at the following result:
 

(14) 

8

8



290 V. Β, Bhatia, S, Mishra & Ν. Panchapakesan 
 
where n500 is the number of millisecond pulsars in a globular cluster in units of five 
hundred. While carrying out the integration we have taken the stellar radius to be 
106cm and in Equation (12), as is the practice, there should have been a beaming 
factor whose value varies between one and two. Here we have assumed it to be unity.

The assumption that pms∝B6\7 amounts to the expectation that during spindown 
the pulsar stays close to the spin-up line. Alternatively, following Chen (1991), we 
could assume that pms ∝B. In that case the luminosity of the globular cluster becomes
 

(15) 
 

which is not much different from the estimate of Equation (14). Therefore, it is reasonable 
to expect that on the basis of the present model the γ-luminosity of a globular cluster 
will be of the order of these estimates.
 

3. Discussion 
 
It may be said that the millisecond pulsars in the globular clusters do not all have 
periods in the range 1.6 ms to 10 ms. However, the pulsars with periods in this range 
seem to be the most prolific emitters of γ-rays by the process discussed here. If the 
period of a pulsar is longer than that given by Equation (3) then the energy acquired 
by the electron after acceleration in the magnetosphere of the pulsar is given by 
Equation (5). To produce γ-rays with this energy by curvature radiation the magnetic 
field of the pulsar will have to be > ~ 109 G. If we assume this to be so, then its 
γ-luminosity can be shown to be proportional to B8

5 Pms
–11 . The rapid fall in luminosity 

with period of these pulsars makes them unimportant in comparison with the short 
period millisecond pulsars considered here. The globular clusters may also contain 
pulsars of the ordinary variety (which are not spun up). These may emit γ-rays 
by the Ruderman-Sutherland mechanism involving the polar gaps (Ruderman & 
Sutherland 1975). We have shown elsewhere (Bhatia, Chopra & Panchapakesan, 
1987) that their γ-luminosity is much smaller than that given by the estimate in 
Equation (11). All in all, millisecond pulsars of periods between 1.6 ms and about 
10 ms seem to be the dominant contributors to the γ-luminosity of globular clusters. 
There are indications (Manchester et al. 1991; Kulkarni 1990) that the globular clusters 
are very rich in millisecond pulsars, many of which are likely to have periods less 
than about 10 ms (all the eleven pulsars observed by Manchester et al (1991) have 
periods in this range). The case for the globular clusters as sources of γ-rays with 
estimated luminosities of the order of Equation (14) seems, therefore, well argued.

In addition to present calculation, there are two more models available in literature 
from which one could estimate γ-ray luminosity of a globular cluster which has. 
millisecond pulsars in it.

The first model is due to HTE (Harding, Tademaru & Esposito 1978). Though the 
model does not talk about pulsars having low magnetic fields (~108G) yet an 
extrapolation has been made from high (~ 1012 G) to low magnetic fields. With this 
extrapolation the THE model predicts a luminosity given by 
 

(16) 
 

This luminosity is much less than what we have obtained from our calculation
and makes the globular clusters rather faint γ-ray sources. The second model is by
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CHR (Cheng, Ho & Ruderman 1986) as adapted by Chen (1991). This also involves  
the extrapolation from high to low magnetic fields. Their resulting luminosity is not 
much different from ours. It must, though, remain a moot point whether the models 
developed for high magnetic field pulsars can be applied to pulsars with low magnetic 
fields since some of the physical processes possible in one regime may not be possible in 
a different regime. Our calculations do not, however, suffer from any such conjecture.

Our results show that globular clusters containing millisecond pulsars may be bright 
sources of γ-rays. They are well within the reach of modern γ-ray detectors and we 
hope that greater effort would be made to detect these sources. Their detection would 
serve as a support for our ideas. 
 

4. Conclusions 
 
We have shown that if globular clusters contain a large number of resurrected neutron 
stars of millisecond periods, of which there is some evidence, then the collective 
emission of all the pulsars will make globular clusters sources of γ-rays. The estimated 
luminosities are such that these sources may be within the range of detection of the 
present-day instruments. We hope that the observers will make an effort to detect 
γ-rays from globular clusters and measure the luminosities of these sources. This 
data will, hopefully, help refine theories. 
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Abstract. We present the results from CCD photometry in the V, R and 
I bands, of the ‘Dipper Asterism’ region of the open cluster Μ67 based 
on observations carried out at the prime focus of the 2.3 m Vainu Bappu 
Telescope of the Vainu Bappu Observatory, Kavalur. The CCD parameters 
like the system gain and the readout noise are measured using several 
flatfield frames taken through the standard I filter. The CCD chip is 
calibrated using the photometric standards in the field and linear colour 
transformation relations are derived. Also a few new VRI photometric 
measurements are reported for the members of the cluster.
 
Key words: Open clusters, M67—photometry—CCD calibration

 

1. Introduction 
 
The use of a Charge Coupled Device (CCD) for optical photometry in astronomy
allows a simultaneous definition of external variables such as the seeing, the sky 
brightness, and star positions on the detector along with the measurement of apparent 
intensities of an ensemble of stars. This involves the measurement of the photometric 
response of the detector which leads to a set of transformation equations to convert 
the Analog to Digital Units (ADU or sometimes called as Digital Numbers, DN) 
read from the CCD to apparent magnitudes. To calibrate the photometric response 
of a CCD, it is ideal to observe standard stars in a cluster having similar visual 
magnitudes and possessing as broad a spread in their colour indices as possible. M67
(NGC 2682) is an ideal open cluster for this purpose for the following reasons:
 

 (i) In a small region covered by a single CCD frame it contains stars with a wide 
range of colours; 

 (ii) many of the stars are of similar brightness (V = 10 – 12), but very faint (mv ~ 20) 
and very bright (mv ~ 9.7) stars are also available in the same cluster; 

(iii) the cluster is at a high galactic latitude (l = 216°, b = 32°) and the background 
stars do not interfere with the brightness measurements; and 

 (iv) it is an open cluster where individual stars can be easily resolved. The ‘dipper 
asterism’ region of the cluster is at α1950 = 8h48m36s.6 and δ1950 = + 11°57'33" 
which is easily accessible from the Vainu Bappu Observatory (VBO), Kavalur 
(λ= + 12°34'.58 and l = – 78°49'.58). 

The exposures required on a 2.34 m Vainu Bappu Telescope (VBT), Kavalur, using 
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Figure 1. Finding chart of the CCD field of M67 centred around the ‘dipper asterism’. The 
identifications follow Gilliland et al. (1991), Racine (1971) and Eggen & Sandage (1964). The 
whole field is about 6 arcmin × 4 arcmin. North is to the top and east is towards the left.
 
 
the CCD at its prime focus, were in the range 10–300s for V, R and I broadband 
filters. Fig. 1 is a finding chart of the region of M67 covered in our observations, 
centred around the ‘dipper asterism’ region. The stars are numbered following 
Gilliland et al. (1991) and Racine (1971). Previous photometric measurements of this 
cluster available in the literature are by Johnson & Sandage (1955); Eggen & Sandage 
(1964); Schild (1983, 1985) and more recently by Ram Sagar & Pati (1990); Joner & 
Taylor (1990); Chevalier & Ilovaisky (1991) and Mayya (1991). Time-resolved CCD 
photometry of the core region of M67 has recently been carried out by Gilliland 
et al. (1991) 

In this paper we present the results from observations of M67 cluster using VRI 
broadband filters. The data from these observations are used to calibrate the CCD 
and also to obtain new photometric measurements. We have also used the flatfield 
images to derive CCD parameters like the readout noise, the system gain and the 
spatial noise component. The paper is organized as follows: In section 2 we describe 
the observations followed by data analysis and results in section 3. The conclusions 
are presented in section 4.
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Table 1. Summary of filter characteristics.

 
 
Table 2. Summary of exposures through different broadband filters.

 

2. Observations 
 
The data acquisition system for the TIFR CCD is based on a GEC P8603/B (B-grade 
with a few bad columns) front illuminated chip which was commissioned sometime 
back (Bhat et al. 1990). The details of filters used for VRI photometry are summarized
in Table 1. The observations were carried out during 1990 January 27–28, at the 
prime focus of VBT. The CCD consists of 576 × 385 pixels each of size 22 µm. This 
pixel size corresponds to a plate scale of 0.6 arcsec per pixel at the F/3.25 prime focus 
of VBT, at an image scale of 4.5 arcmin per cm. The total field of the CCD is 
5.7 × 3.8 arcmin. Only one filter could be used per night since remote control of the 
filter wheel was not yet operational. A minimum of three frames of the dipper asterism 
were obtained with three different exposures in order to detect the faintest stars 
(mv ~ 20) with a good statistical accuracy. The full width half maximum (FWHM) 
of the point spread function was ~ 3.0 arcsec. The sky brightness and the seeing were 
reasonably steady during these two observing nights. The cluster was close to the 
zenith during our observations. Several flatfields were taken using each filter. The 
details of the exposures are given in Table 2.
 

3. Data analysis and results 
 

3.1 Determination of the CCD Characteristics 
 
Two important characteristics of a CCD are its readout and spatial noise. The former 
determines the minimum detectable signal for situations with a small number of 
 

–
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Figure 2. The typical variation of CCD pixels along a row in the centre of the chip through
V. R and I filters. A bad pixel is seen at around column no. 123 showing a systematic dip in 
all the three filters. The rms variation in the flatfield counts along a row are less than 2% for 
each of the filters. 
 
 
collected photons per pixel such as in spectroscopy and speckle interferometry, while 
the latter sets the limit for a large number of collected photons such as the detection 
of faint features superimposed on a night sky background. Although spatial noise 
can be corrected by dividing by a flatfield exposure, the variation in the quantum 
efficiency with wavelength from pixel to pixel is sufficiently large that differences 
between the spectrum of the signal and that of the flatfield become important at 
roughly the level of a few parts in 1000, for wavelengths near bright night sky lines 
(Gudehus & Hegyi 1985). Fig. 2 shows a typical variation of the counts in the CCD 
pixels along a central row for three different flatfields through the three filters. The 
root mean square fluctuations in the ADU along a typical row as shown are 1.9, 1.6 
and 1.8% respectively for V, R and I flatfields. 

The system gain, gain factor, or transfer factor of a CCD can be determined by 
studying the noise statistics of a uniform exposure or the flatfield (see e.g. Prabhu, 
Mayya & Anupama 1991). For a signal of Ν photons, the shot noise is √Ne. Since
the electrons generated in a pixel are proportional to Ν through the scale factor of 
quantum efficiency of the pixel, it is generally assumed to a first degree of approximation 
that Νe electrons stored in a pixel have a noise component of √Ne. For a system 
gain of G DN/electron, the observed counts would be S  =  GNe and the corresponding 
noise σ =  √Ne. One thus obtains σ2 = GS, and G can be determined through the 
observables S and σ. 

In practice the rms noise in counts is also affected by the readout noise R  and 
the rms variations in the sensitivity of the pixels which is proportional to the signal 
itself. Any nonuniformity in the flatfield exposure also adds to the rms variation 
proportional to the signal. Thus the total variance of the counts is 
 

(1) 
 
where f is the rms value of a normalized flatfield due to pixel-to-pixel variations and 
the nonuniformity of illumination of the CCD. It may appear that a least squares fit 
to the observed values of S and σ can yield estimates for G, Re and f. However, since 
 

–

–

–
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the magnitudes of observables increase from the first term to the last term at the 
right hand side of Equation (1), the errors of conventional regression analysis pr

e. Horne (1988) suggests a recipe for the determination
opagate 

in the direction of f2 →G→G2 R
of G and Re which was adapted here after some modifications. The following analysis 
were carried out using the PCVISTA software (Treffers & Richmond 1989). 

Nine flatfleld images were obtained through the I  band on January 29, 1990 with 
mean counts ranging from 2000 DN to 21,700 DN above bias. These were trimmed 
to remove the overscan area and also the first row and columns at either ends which 
generally showed high counts. A mean bias value was subtracted from trimmed 
images. The bias was estimated in three different ways:
 

(a) Mean of bias frames obtained before and after the series of flats; 
(b) mean of row overscan region; 
(c) mean of column overscan region. The difference in the different mean values was 

~ 5%, and its effect on the final results is <1%. 
 

The three flatfield exposures with highest counts were stacked to produce the master 
flatfield image. These images had together ~ 55000 DN per pixel implying that the 
field had an accuracy of ~0.4% at a system gain G ~ 1. The master flatfield was 
normalized to unity by dividing by the mean value over the frame. The remaining 6 
flatfields were corrected using this master flatfield. A window of 100 × 200 was chosen 
on these frames in an area that was relatively free from defects. The remaining few 
defects were iteratively removed by comparing with adjacent pixels in a 5×5 window 
and rejecting pixels that deviated by > 3σ. The remnant rms noise was due to readout 
and photon statistics.

If two exposures are of similar DN, the ratios of the two will also be free of 
contribution to the rms by the variation due to flatfield and nonuniform illumination 
(Mackay 1988). One set of nearly equal flatfields was found among the six used in 
the above measurements, and another set was found in the three used for the master 
flatfield. The ratio images of these two sets were also used to obtain two more sets 
of estimates of noise. 
 

3.2 System Gain and Readout Noise 
 
The bias frames for this CCD used in our analyses had an rms value of 11.63 counts. 
Hence we added a value of variance 135 at zero signal to the set of (variance, signal) 
estimated from the flatfield, The resulting 9 Pairs of data were used to determine G 
and R using least-squares regression analysis. The SIXLIN routine developed by 
Isobe et al. (1990) was employed. The data has a regression coefficient of 0.9986.The 
mean of six different regression lines yields
 

(2) 
 

The Standard error of the fit is 337 counts. The negative value for the γ-intercept 
implies that there is a quadratic component still present in the data. The highest 
point in the data will be affected the most, particularly since the two flats used in 
arriving at the results were dissimilar at 10% level. Deleting this last point we obtain,

 
(3) 

2
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Figure 3. A plot of the total variance in units of square of ADUs as a function of the mean 
signal level. The data points have been computed from the flatfield frames taken with varied 
exposures using the I band filter. The straight line is a linear fit to the data points. The 
coefficients of the fit are used to derive the readout noise and the system gain.
 
 
The regression analysis also yields a correlation coefficient of 0.9984 and a standard 
error of fit 244 counts. The derived values are thus G = 0.888 ±  0.016 DN per electron 
and Re= 13.5 ± 13.0 electrons. Fig. 3 shows a plot of σ2 versus the mean and the 
regression fit to the data points.

The error on the derived value of Re is rather high. This can be improved only by 
including a larger number of measurements with low values of S. On the other hand, 
the derived value is consistent with the mean value of 13.1 electrons derived from 
the rms of the bias frames. This value, in itself, is higher than the value specified by 
the manufacturers. On a closer inspection of the data, it was found that the last few 
bits of data had a significant probability of getting lost in the process of digitisation, 
possibly due to insufficient time delay between two successive data transfers. The 
rms of counts due to this fact had a value of 6 as seen from the flat frames. This 
does not have much effect at high count rates, but introduces extra noise at lower 
levels. Correcting the constant in the regression curve for this contribution, one 
obtains Re = 11.6 electrons, which is only slightly higher than expected for the chip.
 

3.3 Measurement of the Instrumental Magnitudes of Stars in Μ67 
 
A bias frame was subtracted from each of the observed frames. The analysis was 
carried out using the standard IRAF software package and the DAOPHOT (Stetson 
1987) package on our SUN Sparc station. The star images were flatfielded using the 
twilight and the dawn sky flats. The cosmetic corrections and removal of the cosmic 
rays were done by applying a median filter with a 3 × 3 kernel. Since the CCD field 
is fairly crowded because of the poor seeing, we carried out the photometry of the 
stars in all our frames by simultaneous profile fitting using the DAOPHOT package. 
The relatively bright and isolated stars were used for getting the point spread function 
(psf) in the images. The psf radius was kept as 13 pixels and the fit radius was the 
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FWHM of the stars. The stars were identified using the ‘daofind’ program. The 
detection threshold was kept at 4σ counts above the sky. The sky values were 
determined from an annulus starting from a radius of 15 pixels and extending to a 
radius of 25 pixels. The measuring aperture was kept equal to FWHM of the psf (see 
Table 1). The minimum data value used for photometry was 3σ below the sky. The 
zero-point was kept equal to 23 mag for the R and V frames and 22 mag for the I 
frames. The final instrumental magnitudes ri vi and ii were determined by carrying 
out the simultaneous psf-fitting to all the identified stars. The residual images after 
the removal of the simultaneously fitted stars were examined and results from badly 
fitted stars were ignored. 

The instrumental magnitudes are then given by the following expressions.
 

(4) 
 

(5) 
 
 

(6) 
 

where ADU represents the integrated counts per sec in the psf of the star. Very bright 
stars that were close to saturating the CCD were ignored. An average of the 
magnitudes was taken where good multiple exposures were available in the same 
filter. These magnitudes were also used to derive the instrumental colours (v — r)i 

and (r —i)i. The derived magnitudes and colours were then calibrated against the 
standard stars by carrying out regression analyses. The standard stars and their 
magnitudes and colours used for comparison and calibration of our CCD are listed 
in Table 3, and have been taken from the most recent CCD measurements by Gilliland 
et al. (1991) and Chevalier & Ilovaisky (1991). We used 15 stars with good 
measurements in all the three bands (and an additional one in the V and R only) as 
calibrators. Seven of these are in common with the ten calibrators used by Chevalier & 
Ilovaisky (1991). Three calibrators from their list had to be dropped because one 
(G8) was saturated, another (F81) was on the edge of the R frames, and third (G12) 
had a poor measurement. The list was, however, supplemented by additional stars 
from their list which had no previous record of any variability. The regression analyses 
were carried out for V–vi and (v–r)i as a function of V–R and for (r  i)i, R – ri 

and I–ii, as a function of R–I respectively. The standard magnitudes were taken 
from Chevalier & Ilovaisky (1991). The linear fit was performed by the task in the 
STSDAS package. The points were given weights according to their measurement 
errors (e.g. standard deviations for V listed in Table 3) while deriving the best fit 
linear relations. 

One normally images the same star at various zenith angles so that one can use 
the data to compute the extinction correction on the estimated magnitudes due to 
the atmospheric absorption of light in a given waveband. The first order atmospheric 
extinction corrections for the site have been measured and given in Mayya (1991). 
Our observations were carried out very close to the zenith (see Table 2 for air-mass). 
We did not apply the air-mass correction explicitly and absorbed it in our zero point 
correction during the regression analysis. The correction due to differences in the 
air-mass for different exposures in the same filter were negligible compared to the 
Statistical errors. 
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3.4 Photometric Performance and the Colour Equations 
 
The regression analysis of the measured magnitudes and colours of the standards 
resulted in the following linear transformation equations. 
 

(7) 
 

(8) 
 

(9) 
 

(10) 
 

(11) 
 
Although normally the first three relations are sufficient for data obtained with the 
three filters, because the CCD frames with different filters did not cover the same set 
of stars we derived the last two relations also so as to be applicable when only the 
(r -i)i colours had been measured. The data points used for the regression analysis 
and the resultant linear fits are shown in Fig. 4. The deviations of the measured data 
points around the best fit linear relations are also shown in Fig. 5. The spread in the 
data points represents the accuracy of the magnitude estimations using the above 
transformation equations. The residual rms scatter of the data points is 0.022 mag 
for Equations (7) and (8), 0.017 mag for Equation (9), 0.013 for Equation (10), and 
0.022 for Equation (11) for the standard stars in Table 3.
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Figure 4(a–e). (a) Difference between the ‘standard’ V magnitudes published by Chevalier & 
Ilovaisky (1991) and our instrumental magnitudes vi plotted as a function of the Standard
colour index (V—R) for the 16 stars used as calibrators (see Table 3).The solid line represents 
the linear least-squares fit. Frames (b) through (e) show similar diagrams for (v – r)i and (r – i)i 
against (V—R) colours, and R—ri and I — ii against (R—I) colours, respectively. 
 

In Table 4 we list the magnitudes and colours derived using these transformation 
equations for a few additional stars in M67 imaged in at least two contiguous filters. 
The I magnitudes have been derived using data from all three filters wherever available, 
else only the (r–i) i colours have been used. For comparison we also show previous
measurements of these stars from the literature taken mostly from Gilliland et al. 
(1991). The stars G38 and G84 have significantly discrepant magnitudes. The V 
magnitude of star 38 is, however, consistent with the measurements by Racine (1971) 
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who also reported it to be a resolved double and somewhat blue in nature. It is 
probably a variable star. The V  magnitude estimated by us for star 84 is consistent 
with the measurement of Chevalier & Ilovaisky (1991) who on the basis of its 
discrepancy with the value given by Gilliland et al. (1991) suspected it to be variable.
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Figure 5. Residual differences between the fitted line and the data shown in Fig 4.
 
Table 4. Measurement parameters for stars in M67.

 
a Refers to numbers and measurements by Gilliland et al. (1991), except for R–I which are from Chevalier &

Ilovaisky (1991). 
b Using R and I data (See equations 10–11 in the text) where V data is not available. 
c Cross-reference is I-242 (Joner & Taylor 1990). 
 

4. Conclusion 
 
CCD photometry of the stars in the ‘dipper asterism’ region of M67 has allowed us 
to obtain the colour transformation equations for the VRI  standard bands. The 
typical residual rms scatter of measured quantities and therefore, the accuracy of the 
CCD photometry is ~ 0.02 mag for this particular CCD and filter combination used
for observations in the 1990 season. The system gain is found to be 1.126 electrons 
per count and the readout noise is about 11.6 electrons. We conclude that stars G38 
and G84 may be variable. 
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Abstract. A detailed spectroscopic investigation of LR Sco which was 
earlier misclassified as R CrB star is made. Atmospheric parameters and 
elemental abundances are determined using detailed depth-dependent 
model atmospheres and line synthesis technique. Most of the elements 
show near solar abundances.

The strength of circumstellar components seen in Na D lines are used 
to derive the mass loss rate. Another independent estimate of mass loss 
rate is made using the observed infrared flux from 1–100µm. These two
approaches lead to nearly the same value of mass loss rate when Mv is 
assumed to be – 4.5 for this star.

 
Key words: Semi-regular variables—abundances—infrared flux—mass
loss 

 

1. Introduction
 
LR Sco has been listed as an SR variable in the General Catalogue of Variable Stars by 
Kukarkin et al. (1969). This classification is based on photometric observations of 
Shapley & Swope (1934) who estimated a period of 104.4 days using 202 observations 
covering 145 epochs. Stephenson (1978) examined a low dispersion (580 Å mm–1)
objective prism spectrum of this star in the blue spectral region and remarked that 
the spectrum resembled that of R CrB stars at light minimum. His remarks appear 
to have persuaded Bidelman (1979) to list this star with other R CrB stars.

Feast (1979) showed that the observed infrared excess of LR Sco is very similar to 
that of other R CrB stars i.e. the location of LR Sco in (J–H) vs (H–K), and (H–K) 
vs (K–L) diagrams is similar to that of other R CrB stars; J, Η, Κ and L photometry 
of LR Sco was published by Carter, Roberts & Feast (1979). Later IRAS observations 
showed the infrared excess as prominent at 12, 25, 60 and 100 µm indicating that 
cold dust surrounds the star (Table 1). The infrared photometry lent further support 
to the classification of LR Sco as R CrB type star (Walker 1986). Drilling & Hill 
(1986) included this star in their list of cool hydrogen deficient stars. However, our 
high resolution spectra reveals that LR Sco is not a R CrB type star but a normal 
yellow supergiant of spectral type near G0Ib (Giridhar et al. 1991).
 
 
*Visiting Observer, Cerro-Tololo-Inter-American-Observatory, National Optical Astronomical Observa-
tories, operated by the Association of Universities for Research in Astronomy, Inc., under cooperative
agreement with U.S.A. National Science Foundation, La Serena, Chile.
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Table 1. Basic observational data for LR Sco.

 

J, Η, Κ, L magnitudes are from Carter et al. (1979) 
The IRAS fluxes are from Walker (1986) 
Radial velocity from Giridhar et al., (1990) 

 

2. Observation and data analysis 
 
High resolution spectra with a GEC CCD detector were obtained using the cassegrain 
echelle spectrometer of the 4-m reflector of the Cerro-Tololo-Inter-American-
Observatory. The spectral regions covered are 4200–4900 Å and 5450–6850 Å. The 
instrumental profile in the adopted configuration has a width (FWHM) of 0.34 Å in 
red and 0.32 Å in the blue spectral region. Three exposures were taken for each region 
to get better S/N ratio and identify cosmic ray hits. The exposure times were 20 
minutes both in the red and in the blue. A xenon lamp was used for the flatfield images.

Our spectra were reduced using the spectroscopic data reduction package RESPECT 
(Prabhu, Anupama & Giridhar 1987) in its upgraded version (Prabhu & Anupama 
1991). The extraction of the echelle spectrum follows the algorithm of Home (1986, 
1988). The background level due to thermal noise and mean scattered light in the 
spectrograph is estimated using the counts in interorder rows after removing the 
effect of cosmic ray hits. Flatfielding was done using a normalized flatfield image. 
A Th + A hollow cathode lamp was used for wavelength calibration. The extracted 
spectrum orders were linearized in wavelength using a third degree polynomial for 
wavelength as a function of position. The standard error of the fit was around 0.02 Å. 
The pseudocontinuum for each order was determined using the highest points in 
spectrum known to be free of stellar lines. The spectra were then reduced to normalized 
continuum using spline interpolated values between these points. The accuracy of 
equivalent widths measured here are of the order of 10% for weak lines in equivalent 
width range 10–30 mÅ, 5–10% for lines in 50–200 mÅ range and 5% for lines in 
200–350mÅ range. The S/N ratio was in the range of 60–80.
 

3. Description of the spectrum 
 
LR Sco was observed alongwith 12 R CrB type stars and 5 Hdc stars during an 
observing run from 17–18 July, 1989, When the spectrum of LR Sco was compared 
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with well known R CrB stars like RY Sgr it was obvious that LR Sco did not belong
to R CrB group (Giridhar, Rao & Lambert 1990). The CI lines that are a principal 
characteristic of R CrB stars are conspicuous by their absence. We could measure a 
few very weak CI lines at, for example, 4770 Å and 6587 Å, but these lines are seen 
at comparable strength in the spectra of normal F-G supergiants. Other differences 
were also striking. R CrB stars have numerous NI lines in 6400-6700 Å region but 
LR Sco spectra does not show them.

By contrast, the line spectrum of LR Sco is very similar to that of a normal 
supergiant of spectral type near G0. We have compared the equivalent widths of
unblended FeI and FeII lines with those of µ Per (G0Ib) measured by Harris &
Pilachowski (1984) and with δ C Ma (F8Ia) measured by Castley and Watson (1980). 
It is apparent from this comparison that LR Sco is slightly hotter than µ  Per (Teff 

5500, log g = 1.5, as estimated by Luck 1982), but marginally cooler than δ C Ma 
(Teff = 6250K, log g = 0.6, as estimated by Luck & Lambert 1985).

The observed (B–V) given in Table 1 corresponds to spectral type G0I (Fitzgerald 
1970; Flower 1977). When this colour is compared with the colours computed from 
model atmospheres of Kurucz (1979) it indicates a T eff = 6000K. 
 

4. Abundance analysis 
 
Since we had a large spectral coverage, we could measure equivalent widths for a 
large number of lines and therefore estimate abundances for several elements. We 
have calculated theoretical equivalent widths for lines of interest using model atmos- 
pheres based on the usual assumption of local thermodynamic equilibrium (LTE) in 
a plane parallel atmosphere in hydrostatic equilibrium. A model atmosphere grid 
calculated using the MARCS code (Gustafsson et al. 1975) was kindly supplied by 
R. E. Luck. Since the line spectrum is very similar to normal population I supergiants, 
we have used solar abundance models. The line equivalent widths are calculated 
using a program originally written by Sneden (1973) and revised by us. Details of 
our method of deriving abundances are described in Giridhar (1983). We have 
proceeded by first determining the atmospheric parameters Teff (effective temperature), 
g (gravity) and Vt (microturbulence) using a set of iron lines comprising of 189 FeI 
and 26 FeII lines. The sample of FeI lines covering a range in excitation potential 
of (0.8–5.5 eV) and in equivalent widths of 20–450mÅ was used to determine Teff

and Vt. The comparison of FeI and FeII lines then gives the gravity. The atmospheric
parameters could be estimated with an accuracy of 200 Κ in Teff, 0.5 in log g, and
0.5 km s–1 in microturbulence velocity.

Oscillator strengths used in the present analysis were taken mostly from Führ, 
Martin & Wiese (1988) and Martin, Führ & Wiese (1988) for Fe-peak elements. For 
CI lines the gf values were taken from Luo & Pradhan(1989).

The gf values for the remaining elements were taken from the complilation of Luck 
(1991). We have used solar abundances tabulated by Grevesse (1984) to estimate 
relative abundances. The atmospheric parameters estimated for LR Sco are given 
below. 

Teff = 5500K 
 

g =100 5 cms–2 
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Figure 1. Hα line profile of LR Sco (shown by continuous line) with that of a G0 supergiant 
HD 6474 (shown by dotted line). The figure also contains Hα profiles calculated by Kurucz 
(1979) for model atmospheres with (Teff = 5500K, log g = 0.5) and (Teff = 6000K, log g = 0.5) 
shown by dash-cross and dash-dot pattern respectively.
 
 

Vt=5.5 km s–1 
 
The red wing of the observed Balmer alpha profile is consistent with the red wings 
of the profile computed by Kurucz (1979) for the model with Teff = 5500K and 
log g = 0.5 as demonstrated in Fig. 1. The sensitivity of the abundances to the changes 
in the model parameters are as follows. A change of Teff = 300 Κ results in a change 
of 0.3 in log (abundance) (eg. Fe), a change of Vt= 1 kms– 1 results in a change of
0.3 in log (abundance) (effects the singly ionised metals), a change in log g of 0.5
results in a change of 0.15 in log (abundance).
 

4.1 C, Ο Abundances 
 
Our abundances of light elements C, and Ο are based on very few lines. In the case 
of C, we could measure and use 5 lines and the gf values of Luo & Pradhan (1989) 
were used. All the five lines give a consistent value. In case of oxygen, the [OI] lines 
at 6300 Å and 6363 Å are weak and blended and therefore could not be used. We 
have used the OI line in the 6150 Å region, synthesized the 6152Å–6163Å region 
and compared with the observed spectrum (see Fig. 2). C and Ο are of approximately 
solar abundance. No convincing identification of NI could be made. Two possible 
candidates yield an upper limit [N/H] > 1.5, which exceeds the expected abundance 
of a supergiant. 
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Figure 2. The agreement between the observed spectrum (continuous line) and the synthesized 
spectrum (dashed line) in 6153–6163 Å region that contains OI lines. The calculations are 
made for Ο abundance of 7.58, shown by dash dot line, 7.88 shown by dashed line and 8.18 
shown by dotted line. 
 

4.2 Na–Ca Abundances 
 
Three NaI lines used in present analysis are of weak to moderate strength (NaI D 
lines were excluded), and the derived abundances are consistent (see Fig. 2 for 
comparison with synthetic spectrum).

The available Mg I lines were quite strong (Wλ ≅ 140–300 mÅ). Silicon is well 
represented by 13 neutral and 2 singly ionised lines. Although SiII lines are strong, 
they give an abundance value that is consistent with that estimated from the SiI lines. 
Sulphur is represented by 5 neutral lines of moderate strength and the scatter in the 
derived abundance is very small. We could measure 17 CaI lines and this element 
appears to be deficient compared to other elements (use of Teff = 6000 Κ would result 
in a solar abundance for CaI but this is inconsistent with FeI, FeII). Na, Mg and AI 
indicate mild deficiencies, whereas Si and S show a mild excess.
 

4.3 Fe-peak Elements 
 
Scandium and Vanadium were represented by just a few lines of one ionisation state. 
We could measure a few TiI and TiII lines, but the TiII lines were very strong and 
the TiI lines weak and susceptible to blending effects. We had good coverage for 
CrI and CrII lines and the derived abundances are quite consistent. We could measure 
a large number of FeI and a reasonably good number of FeII lines and hence the 
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derived abundance are of better accuracy. A reasonably good number of neutral Mn 
and Ni lines were available and scatter in derived abundances is very small. All these 
Fe-peak elements show mild deficiency (by a factor of almost 2 relative to the Sun). 
 

4.4 s-process Elements 
 
We could estimate the abundances for Υ and Ba. The YII and BaII lines show an 
underabundance of the same magnitude as shown by Fe-peak elements.
 

5. Sodium D lines 
 
The strong sodium D lines show somewhat asymmetric profiles with long wavelength 
side being steeper indicating clearly the presence of blue-shifted components (Fig. 3). 
We have separated out these components by reflecting the longer wavelength part 
of each profile to the shortward side. The symmetrical profile generated this way was 
subtracted from the original line profile (point-by-point subtraction). We have plotted 
the separated D1, D2 components and the original D1 and D2 line in Fig. 3. We 
are interested in ascertaining the origin of these line components.

The central wavelengths for these components are found to be 5888.79 Å and 
5894.72 Å indicating a radial velocity shift of – 47 kms–1 and – 50 kms–1 respectively
with respect to the stellar lines. The corresponding equivalent widths are 177mÅ and 
 
 

 

Figure 3. The lower portion of the figure shows observed profiles of NaI D1, D2 lines. The
upper portion shows the circumstellar components extracted from the observed line profiles.
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75mÅ for D1 and D2 respectively. The equivalent widths ratio is effectively 2:1 
corresponding to the ratio of their gf values, and implies that the lines are optically 
thin. The column densities can then be estimated using the gf-value of 0.327 for D2- 
N(NaI) = 7.4 × l0l1cm–2.

The question arises whether the observed line components are interstellar or of 
circumstellar origin. We believe they are of circumstellar origin for the following 
reasons. The radial velocity of the star VLSR = – 17.4kms–1 indicates a distance of 
around 2 kpc if it follows the galactic rotation (Pottasch 1984). If the cloud producing 
the NaI components is interstellar and also follows the galactic rotation then the 
cloud distance turns out to be about 6 kpc, hence the identification of the components 
as interstellar matter is unlikely. Further evidence comes from the fact that published 
21 cm HI spectra taken closest to the location of LR Sco (1 = 345°, b = – 3°; Sinha 
1980) do not reveal any gas at the velocity of the NaI components. There might be 
interstellar components in the velocity range 10 to – 10 kms–1 which blend
with the strong stellar line itself. Finally, there is a strong absorption component in 
the hydrogen alpha line profile which is blue shifted and corresponds to a velocity 
of – 60 kms –1 (see Fig. 1 where the component is indicated by an arrow). The 
– 60 kms –1 component is probably the deep absorption part of a P-Cygni profile.
We, therefore, consider that the NaI absorption components are most likely of 
circumstellar origin.

We do not have sufficient information to estimate the degree of ionisation of Na 
in the circumstellar envelope. We assume that initially the physical situation in LR 
Sco is similar to that prevailing during the shell episode of ρ Cas studied by Sargent 
(1961) when the star (a F8Ib supergiant) showed shell lines including NaI D lines 
with an expansion velocity of about 40 kms–1 and emission in the Hα line. We use the 
parameter log(ne/w) which is the ratio of the electron density and the dilution factor 
estimated for ρ Cas, and proceed to calculate the column density of N(Na) for LR 
Sco. We obtain N(Na) = 2 × 1017cm–2, and for a solar Na abundance derive the 
column density of hydrogen N(H) = 7 × 1022cm–2. Extending the analogy with ρ 
Cas further and assuming Mv =  –8 for LR Sco, the stellar radius wiil be around
390R    Sargent (1961) estimated that the shell is situated at 2R from the star for ρ
Cas. With this estimate we can calculate mass loss rate of the, star as given by 
Μ = 4πµmHNHRi V, where µ  is the mean molecular weight, mH is the mass of the 
hydrogen atom, NH is the hydrogen column density, Rt is the inner radius of the shell 
(assumed as 2R*) and V is the expansion velocity. We obtain Μ = 7 × 10–6 M  yr–1.
On the other hand, if LR Sco is like a Ib supergiant with Mv= –4.5 then the
corresponding radius would be 81R   and M  =1 × 10–6M   yr–1. 

The Hα profile of LR Sco is rather complex. A comparison with another G0 Ia 
supergiant HD6474 (illustrated in Giridhar et al. 1991; see Fig. 1) shows that there 
is a P-Cygni kind of profile superposed on the normal absorption line. The deepest 
part of absorption seems to occur at –60kms–1 with respect to the neighbouring 
FeI lines. The emission is not very pronounced; the comparison star HD6474 may 
also have weak emission component. A comparison with the predicted Hα line profile 
(Kurucz 1979) brings out the Ρ Cygni feature quite clearly (see Fig. 1). The absorption 
wings of Hα profile in LR Sco seem to extend more and are slightly deeper than 
those in HD6474 indicating a slightly hotter temperature for LR Sco. 

⊙

          ⊙⊙ 

⊙ 
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6. The observed infrared excess 
 
As mentioned earlier, LR Sco shows an infrared excess extending upto 100µm as 
illustrated in Fig. 4. The infrared flux shows a peak near 3.5 µm. The observed flux 
cannot be characterised by a single blackbody. One needs a combination of black- 
bodies at different temperatures (ranging from 1400 Κ to 100 K) to explain the observed 
flux distribution between 1 µm to 100 µm. The observed infrared excess between 
1–100µm is 7 × 10–9 ergs cm–2s–1 and the infrared luminosity is 20d2L
where d is the distance in kpc. The observed (B–V) colour is quite consistent with 
the model atmosphere and does not indicate a significant reddening for the star. If 
we assume no reddening, then taking the bolometric correction from Kurucz (1979), 
the stellar luminosity comes out to be 120d2L  i.e. about 14 percent of stellar flux is
radiated in the infrared. 

Detailed modelling is necessary to be able to estimate the mass of the circumstellar 
dust. The photosphere is apparently oxygen–rich and hence the grains are probably 
silicates. An estimate of the dust mass can be made by assuming that the mean 
blackbody temperature of the dust is 830 K; this temperature corresponds to an 
infrared excess peak at 3.5µm. If we assume the dust shell to be optically thin, the 
dust mass following Barlow (1983) and Hildebrand (1983), is given by
 
 
 
where ρ is the grain density (3.4gm cm–3 for silicates), Fv is the observed flux at a 
given frequency, Qv is the absorption efficiency, a is the grain radius, and Bv(Td) is 
 

 

Figure 4. Observed infra red flux is plotted as a function of wavelength. The figure also shows 
theoretical fluxes for a stellar model atmosphere with Teff =5500K, log g = 0.5 taken from 
Kurucz (1979). 

⊙

⊙
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the Planck Function for the dust temperature. We have taken the Qv/a value from 
Draine (1981) for the astronomical silicates. The estimated dust mass is 4×1024d2gm 
where d is in kpc. If we assume a distance of around 2 kpc, the dust mass is about 
7×10–9Μ   

Although the observed (BV) index is consistent with the intrinsic value for a star 
of this spectral type, it is conceivable that neutral extinction is present possibly caused 
by an optically thick dust envelope or due to the presence of larger grains in the 
envelope or both. The presence of neutral extinction is indicated from the following 
argument: the kinematical distance estimated from the radial velocity of the star is 
about 2 kpc. If LR Sco is considered as a Ia supergiant with Mv = –8, then the 
neutral extinction Av turns out to be 6.2 mag. If Mv is assumed to be –4.5 (similar 
to Ib supergiant), then Av is around 2.7 mag. Since τv/τ3·5µ is proportional to 
Qabsv/Qabs3 5µ, the τ3.5 is ~0.6 (see Draine 1981), and thus, even at 3.5 µ  the dust 
might still be optically thick. 

At the IRAS band of 12, 25, 60 and 100µ the dust is optically thin and leads to a 
more reliable estimate of mass loss (particularly at 60µ). Several methods of estimating 
the mass loss based on the modelling of circumstellar dust envelopes using IRAS 
band fluxes have been proposed for oxygen rich AGB stars with silicate dust. Herman 
et al. (1986) and Jura (1987) have obtained relations for mass loss rate based on 60µ 
IRAS flux densities (see also van der Veen & Olofsson (1990)). If we use the expression
of Herman et al. (1986)
 

Μ= 0.66µV15d2 L4
–0·47  Fv(60µ)Kv       M   yr–1 

 
where µ is gas to dust mass ratio, V 15 is the expansion velocity in terms of 15kms–1,
d is the distance in kpc, L4 is the stellar luminosity in terms of 104 L  , and Fv(60) is 
the flux density in Jy. If we assume µ= 100, V15 is around 3 (estimated from NaD 
line components) d = 2, and assuming that the Mv = – 4.5, L4 = 0.5, Fv(60) observed 
is = 3.4 Jy and kv = 240 cm2/gm leads to a mass loss rate ~4×l0-6M   yr–1. If we 
use a similar expression given by Jura (1987), we obtain mass loss rate of 
2×10–6M   yr–1. 

Another expression for estimating the mass loss uses the ratio of flux densities at 
12 and 25µm IRAS bands (van der Veen & Olofsson 1990). This expression is derived 
for circumstellar envelopes of oxygen rich AGB stars with continuous mass loss, 
assuming a radiation pressure driven wind with perfect coupling between the dust and 
the gas: 

M  = 1.3× 10–5V –1
15  L4(Fv[25µm]/Fv[12µm])2 9 M    yr–1. 

 
For LR Sco with the values mentioned. above the mass loss rate obtained is 
1 × 10-6M    yr–1 

Thus all these three relations using 12,25 µm and 60 µm flux densities give consistent 
value for the mass loss rate (i.e. gas + dust ≅ 2 × 10–6M   yr–1) for LR Sco from the 
dust which is in surprisingly good agreement with mass loss derived from the NaI D 
component lines (i.e. 1 × 10–6

 Μ     when we assume M v = – 4.5). 
 

7. Discussion 
 
By luminosity and location, LR Sco appears to be a massive star. Luminous massive 
supergiants are known to be semi-regular variables with periods of the order of 100 
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days. Identification of LR Sco as a massive young star is not immediately supported 
by two observations: (i) the infrared excess, and (ii) the nonsolar values of certain 
elemental abundances ratios X/Fe. 

Supergiants of spectral type earlier than about mid-G generally do not show an 
infrared excess (Stickland 1985; Jura & Kleinman 1990). We have argued that LR 
Sco is feeding a circumstellar shell that is presumably the site of the infrared emitting 
grains. Such mass loss and mass ejection is episodic; Jura & Kleinman argue that ρ 
Cas (spectral type F8 Ia) has recently developed an infrared excess as a result of mass 
shed during the star’s deep minimum in 1946–1947. 

The chemical composition of LR Sco is not exactly that of a massive supergiant. 
In Table 2, we show the expected abundance of a massive supergiant as derived from 
observations presented by Luck & Bond (1989) and adjusted to [Fe/H] = –0.3 by 
assuming [X/H] = 0. The most striking difference between LR Sco and the representa- 
tive supergiant are seen for Ca and Sc which appear underabundant in LR Sco. Other 
large differences are seen for Si and Mn.

A competing identification of LR Sco would suppose it to be a post-AGB star. A 
pronounced infrared excess is a characteristic of post-AGB stars. Certainly LR Sco’s 
composition resembles that of 89 Her, a well known high galactic latitude supergiant 
of (presumably) low mass (see Table 2). Note the similar Ca/Fe and Sc/Fe ratios of 
 
 
Table 2. Elemental abundances for LR Sco and other supergiants.

 

*Mean abundances for 65 supergiants from Luck & Bond (1989) 
† Abundances taken from Luck, Bond & Lambert (1990). 
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the two stars. A careful determination of the CNO abundances may provide the 
evidence to distinguish the competing identifications of LR Sco’s evolutionary status.
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Abstract. A dynamical model composed of a disk galaxy with an elliptic 
companion, moving in a circular orbit, is used in order to study the stellar 
orbits in a binary galaxy. Using the Poincare surface of section we study the 
evolution of the stochastic regions in the primary galaxy considering the 
mass of the companion or the value of the Jacobi’s integral as a parameter. 
Our numerical calculations suggest that the regions of stochasticity 
increase, as the mass of the companion or the value of the Jacobi’s integral 
increase. An interesting observation is that only direct orbits become 
stochastic. 
 
Key words: interacting galaxies—surface of section—stochastic orbits 

 
 

1. Introduction 
 
In many problems in stellar dynamics it is usual to consider galaxies without a nearby 
important companion. Schwarzschild (1981) calls these galaxies unperturbed galaxies. 
What in reality happens is that galaxies often appear in pairs, small groups or clusters. 
This galactic sociality suggests that they interact with their environment. Among these 
interactions gravitationally-induced collision and mergers of galaxies are possibly the 
dominant mechanism for their evolution (Schweizer 1986).

A well-known system of interacting galaxies is the Galaxy together with the Large 
and Small Magellanic Clouds. Information on the dynamical evolution of this triple 
system can be found in many interesting papers (see Kerr 1957; Avner & King 1967; 
Fujimoto & Sofue 1976 and references therein).

On the other hand it is worth mentioning the interesting work of Miller & Smith 
(1980) on the properties of individual encounters between pairs of interacting galaxies. 
Miller (1986) also discusses a spiral galaxy falling into a galaxy cluster and small 
galaxies in the potential field of larger galaxies.

Signs of galactic interactions come also from the study of elliptical galaxies with dust 
lanes. It is believed that the dust lanes are the result of a capture of a gas-rich system by 
the elliptical galaxy. This idea is strongly supported by recent observations (Bertola & 
Bettoni 1988) showing that the angular momenta of gaseous and stellar components 
are antiparallel. This fact supports the acquisition hypothesis and indicates that the 
dust lanes are a second event in the history of these galaxies.

In an earlier paper (Caranicolas & Vozikis 1988) we have studied the evolution of the 
families of periodic orbits in a pair of interacting galaxies. The main result of the above 
work was that the disappearance of the Lagrange points was followed by the
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disappearance of the majority of the periodic orbits. This suggests that a change in the 
topology of the potential affects drastically the behaviour of the periodic orbits.

The purpose of the present paper is to study the regular and stochastic motion in the 
primary galaxy under the influence of the companion. In fact in the absence of 
the companion all orbits in the primary galaxy are quasi-periodic while, when the 
companion is present, stochastic regions appear in the Poincare surface of section. We 
shall try to connect the degree of stochasticity with the value of the mass of the 
companion or the value of the Jacobi’s integral. Our model is described in section 2. 
The main results of this work are given in section 3 while a discussion and the 
conclusions of this research are presented in section 4.
 

2. Description of the model 
 
The primary galaxy in our model is described by Bottlinger force law
 

(1) 
 

where r is the distance to the centre while a, b are adjustable parameters. The 
companion galaxy is described by a homogeneous spheroid with a potential law
 

(2) 
 
where Mc is the mass of the companion, rc is the distance to its centre while ε2 = α2 – γ2; 
α, γ are the two semiaxes of the spheroid. Further information on Bottlinger’s model 
and homogeneous spheroids can be found in Perek (1962).

The companion galaxy moves in a circular orbit of radius R about the primary 
lying on the plane of the disk, with constant angular velocity Ω p > 0 given by 
 

(3) 
 
In our study we use a rotating system with the origin at the center of the primary galaxy 
which rotates clockwise at the angular velocity of the companion Ωp. The position of 
the companion in this system is fixed at xc =R, yc= 0. The total potential VT 
responsible for the motion of a star, with a mass m = 1, in the disk of the primary 
galaxy is 
 

 VT = Vg(r) + Vc (s), (4)
 

where 
 
 
 
with 

r2 = x2 + y2, s2 = (x–R)2 + y2 .
 

The equations of motion are 
 

 
 

(6) 

(5)
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where Fg = – dVg/dr, Fc = – dVc/ds and the dot indicates derivative with respect to 
the time. There is one exact integral of motion, the Jacobi’s integral, given by the 
relation 
 

(7) 
 

where h is the numerical value of J, The units of length, mass and time are 20 kpc, 
1.8 × 1011 M   and 0.99 × 108 yr respectively. In this system of units the velocity unit is 
equal to 197 km/sec while the constant of gravity G is equal to unity.

For large values of r the force given by equation (1) must be that of a point mass. This 
gives the mass of the primary galaxy as a function of a, b which is
 

(8) 
 

For all the numerical experiments, in the adopted system of units, we take a = 9.1, 
b =  5.14 so that Mg= 1.77 = 3.2 × 1011M  . The values of α, γ are 0.15 and 0.075 
respectively so that ε = 0.06495. Furthermore, from the series in equation (2) we take 
only the first four terms. 
 

3. Regular and stochastic orbits 
 
Figure 1 shows the contours of constant effective potential V eff = h, where 
 

(9) 
 

 

Figure 1. Contours of constant effective potential Veff when Mc = 0.1 Mg, R= 1.5. 
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The values of Mc, R are 0.1 Mg, and 1.5 respectively. The four points L1, L2, L3, L4 

are the Lagrange equilibrium points at which both ∂Veff/∂x, ∂Veff/∂y vanish. L1 is a 
maximum, L2 is a minimum while L3, L4 are saddle points of Veff. The curves in 
Fig. 1 are often called the zero velocity curves. 

In order to study the regular and stochastic motion we use the (x, x) (y = 0, y> 0) 
Poincare surface of section. In the absence of the companion all orbits in the primary 
galaxy are regular. Of course this is natural for an integrable system, where all orbits 
are quasi-periodic. Fig. 2 shows the x, x phase space portrait when R = 1.5, 
Mc = 0.1 Mg, h = – 3. As one can see there are only well-defined invariant curves and 
the motion is regular. The two stable invariants points D and R represent the direct 
(i.e. in the same direction as the rotation) and retrograde 1:1 periodic orbits respectively. 
The outermost curve is the limiting curve defined by J(x, x) = h.

In the phase space portrait shown in Fig. 3 the values of Mc, R are the same as in 
Fig. 2 but the value of h is now equal to – 2.3. We can see that the two periodic points D
and R are still stable while two new stable periodic points P, Q have appeared. These 
belong to a stable periodic orbit shown in Fig. 4 together with the direct and retrograde 
1:1 periodic orbits. But the most important characteristic is that almost half of the 
surface of section appears stochastic. It is interesting to notice that all stochastic orbits 
are direct orbits. This can be easily found if we compare Fig. 3 with Fig. 5, where the 
shaded area represents the region of starting positions, on the surface of section, of 
all orbits that are direct.

In order to see whether the companion affects the retrograde orbits we began 
gradually increasing the value of the mass of the companion up, to 0.5 Mg, taking the
appropriate value of the Jacobi’s integral so that the corresponding zero velocity curves 
 

 

Figure 2. The x–x surface of section when M c = 0.1 Mg, R = 1.5, h = –3.0. 
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Figure 3. Same as Fig. 2 when h= – 2.3. 
 

Figure 4. The direct and retrograde 1:1 periodic orbits together with a loop orbit. The values of 
the parameters are those of Fig. 3 while further details are given in the text.
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Figure 5. Area of direct orbits when M c = 0.1 Mg, R = 1.5, h= –2.3. 
 
 

 

Figure 6. The x -x surface of section when M c = 0.5 Mg, R=1.5,h= –3.47 
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be closed and computing the corresponding surface of section. Our numerical 
experiments always showed that the corresponding retrograde motion is regular. Fig. 6 
shows a surface of section when Mc =0.5Mg, R = 1.5, h = – 3.47. One can see that 
almost all the direct orbits are stochastic while the retrograde orbits are regular. We did 
not feel it was necessary to go to larger masses for the companion, because then, due to 
the shape of the zero velocity curves, the majority of the orbits would escape. Thus, our 
numerical calculations strongly suggests that, in the case of stochastic motion induced 
by a companion galaxy, this motion is present only in the direct orbits.
 

4. Discussion  
The present work was devoted to the study of regular and stochastic orbits in the 
primary galaxy of a binary system. It is evident that, for a companion of a given mass, 
the motion in the primary galaxy is regular when the value h  of the Jacobi’s integral is 
small. As the value of the Jacobi’s integral increases part of the orbits become
stochastic. Our numerical calculations show that only direct orbits become stochastic.

In order to check this we computed a large number of surfaces of section using the 
mass of the companion as a parameter which was increased up to 0.5Mg. For all these 
numerical experiments the value of h was chosen properly so that the test particle 
would be able to cover nearly all the galaxy while the corresponding curve of zero 
velocity was closed. The results of this experiment showed that, even when nearly all 
direct orbits were stochastic, the retrograde orbits were still regular! 

It is natural then to ask: why do only the direct orbits become stochastic? To answer 
this question we could say that, as the star in the direct orbits rotate at the same 
direction as that of the companion, it suffers a greater perturbation, because it is closer 
to the companion during its motion. Therefore, it seems reasonable to expect these 
orbits to display stochastic behaviour, rather than the retrograde ones, where the star 
spends only a small amount of time near the companion.

Furthermore, it is well known that, the interaction of a companion with the direct 
orbits produces spiral structure (see for instance Sundelius et al. 1987; Noguchi 1988). 
In order to relate the spiral structure with the stochasticity found in the present work, 
one needs a self-consistent model. Since our model is not self-consistent, it is not 
possible to make such a comparison.

All numerical calculations were made by means of a Bulirch-Stoer method in double 
precision while the accuracy of the calculations was checked by the constancy of the 
Jacobi’s integral which was conserved up to the fifteenth significant figure. The time 
scale for the calculation of each orbit on the surface of section was between 
0.6 –1×1010yr. 
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Abstract. We present a method of a possible physical identification of 
the static and axially symmetric Weyl-type vacuum γ and nγ  metrics. This
method, in which no interior solutions of any kind are involved, is based 
on the comparison of the far-field forms of the γ and nγ  metrics, and of
the far-field form of the metric tensor due to a bounded gravitating 
perfect-fluid source given correctly to post-Newtonian accuracy. The 
parameters of the vacuum solutions are expressed in terms of physical
parameters of a prolate fluid source, namely total mass-energy, semiaxes
and eccentricity, defined consistently to post-Newtonian accuracy. The 
results, based on the otherwise arbitrary fluid source, appear physically 
general. Possible astrophysical candidates for the far-field γ and nγ  metrics 
are proposed, based on the conditions imposed on them by the 
identification method. The advantages and deficiencies of the identification 
method are briefly discussed. 

 
Keywords: Weyl metrics—perfect fluid sources—far field metrics—
identification 

 
 

1. Introduction and motivation 
 
A large class of vacuum solutions of the general-relativistic field equations comprises 
the asymptotically flat, static and axially symmetric solutions (for a general account 
see Carmeli 1982). Two members of this class have attracted interest. The first one, 
the so-called γ solution (known also as the Vorhees or the Zipoy-Vorhees solution), 
is a two-parametric solution known since long ago (Weyl 1917, 1919; Winicour, 
Janis & Newman 1968; see also Papadopoulos, Stewart & Witten 1981) below for 
the long history of the γ metric and its name). The other one, the so-called nγ  solution, 
is a triparametric solution (Papadopoulos & Witten 1982). Several mathematical 
properties of the above solutions have been studied, especially those related to the 
existence and structure of multipole directional singularities (Papadopoulos & Witten
1982; Janis & Newman 1965; van den Burg 1968; Szekeres 1968; Papadopoulos,
Stewart & Witten 1981). In contrast, not much information is available concerning
the physical properties of the above solutions, especially the probable gravitating
source producing the gravitational field described by these vacuum sources (see e.g.
Clarke & Sciama 1971; Esposito & Witten 1975), the properties of the motion of test
particles in it (Krisch 1983) and more generally the physical identification of these
solutions. 
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Usually the term physical identification of a vacuum solution means to find an
interior solution of the non-vacuum field equations, matching smoothly with the
vacuum (exterior) one on the surface of the gravitating source considered. As already 
noted (Szekeres 1968), this is exactly the difficult question to be answered, namely
whether the singularities can or cannot be covered with a realistic mass-energy
distribution. Towards the answering of this difficult and interesting question, in the 
case of the γ-solution some efforts have been made, but the interior γ solutions
determined are not always characterised by astrophysically interesting properties. 
Thus, they are expected to be dynamically unstable under adiabatic perturbations of 
the gravitating source's material content, or the matter's density in the source's interior 
is not always, everywhere in the source, a non-increasing function of the distance
from its centre, or even the source does not always correspond to a pure fluid (Stewart 
et al 1982). Therefore the physical identification of the γ solution is still an interesting
and open problem, and to the extent of our knowledge the available relevant data
concerning the nγ solution is even poorer, if existent at all.

But in trying to physically identify a vacuum solution, it is possible to follow a 
different and indirect method. More specifically, instead of determining (if possible 
at all) an interior solution and matching it smoothly on the source's surface with the 
known vacuum solution, it is possible to try to identify the far-field metric of the 
vacuum solution with the far-field metric of a known gravitating source. As such a 
source, we shall consider here a bounded perfect-fluid gravitating source. This choice
is not quite unjustified, because on the one hand the perfect fluid has been studied
extensively in both the Newtonian and the relativistic levels, and on the other hand 
the interior of many astrophysical systems can be approximated to a (degenerate or 
non degenerate) perfect fluid, quite satisfactorily. As it has already been emphasised 
(Spyrou 1981a; 1981b; 1984), with the aid of this method of physical identification it 
is possible to give a very precise and astrophysically useful physical meaning on the 
one hand to the vacuum solution's free parameters in terms of the perfect-fluid's 
internal physical characteristics, and on the other hand to the system of coordinates
in which the vacuum solution has been expressed. In view of the above, the problem
we posed (Spyrou & Papadopoulos 1990) is the following: Is it possible that the γ 
metric's and the nγ-metric's (and more generally any static and axisymmetric metric's) 
components, properly evaluated at large spatial distances, be written, to the extent 
it is required, in exactly the same functional form as the corresponding components 
of the metric tensor of a bounded perfect-fluid source, properly evaluated at spatial 
distances large compared with the perfect-fluid source's linear dimensions? If this can 
be achieved to the extent it appears to be necessary, then by simple comparison of
the corresponding components of the two metric tensors, and also by properly using
the integrals of the motion of test-particles (and gyroscopes) dictated by the spacetimes' 
symmetries, it is possible to identify i) the origins of the two systems of coordinates 
in which the vacuum (γ- or nγ-) solution and the perfect-fluid solution have been
expressed, and ii) the parameters of the vacuum solutions with physical parameters 
of the fluid source, known to relativistic accuracy as volume integrals over the 
perfect-fluid source's three-dimensional volume. In this way the far-field metric of the 
vacuum solution from a dynamical and astrophysical point of view can be considered
as equivalent to that of the perfect-fluid source. 

An outline of the papers' content is as follows: In section 2 we derive the far-field
metric tensor due to a bounded gravitating perfect-fluid source, correctly to
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post-Newtonian accuracy. In section 3 we describe the Weyl-type γ- and nγ vacuum
solutions, and derive the latters' form in properly generalized spherical polar
coordinates. In section 4 we discuss the notion of the mass-energy, associated with
the γ and nγ solution, and its possible interpretation. In section 5 we present the 
vacuum metric's multipole expansion, based on earlier work. In section 6 we describe 
the physical identification of the far-field expressions of the γ and nγ metrics with 
the perfect-fluid's far-field metric, and describe briefly some astrophysical properties
of the corresponding fluid sources. Finally in section 7 the advantages, deficiencies 
and some open problems related to the identification method are exposed, and possible
astrophysical fluid candidates for the far-field vacuum metrics are proposed, based 
on the conditions imposed on them by the physical identification. In an Appendix
at the end some auxiliary formulae have been included concerning the far-field forms
of the γ and nγ metrics, their multipole expansion, and some properties of the
Newtonian gravitational potential of a prolate perfect-fluid source.
 
 

2. The far-field metric of a perfect-fluid source 
 
The metric tensor due to a bounded gravitating perfect-fluid source to post-Newtonian
(pN) accuracy of general relativity has been given long ago (see e.g. Chandrasekhar 
1965). In order to derive the far-field expression of the above metric correctly to pN 
accuracy, in the gauge of (Chandrasekhar 1965) and in the standard pN notation,
the following six steps are enough:
 

i). Express the metric's components in terms in the fluid's inertial-mass or total 
mass-energy density (Spyrou 1977) 

 
where, in the standard notation,

 

 

is the rest-mass density, and

 
ii). Taylor expands the metric's components in power series of | x '|/| x | <<1, where
x and x' are the Cartesian three-vectors to the field and source-point respectively,
the latter being confined in the source's three-dimensional volume V.
 

iii): Express the above expansion in the center-of inertial-mass (cim) frame, uniformly
moving to pN accuracy (Contopoulos & Spyrou 1976), so that both the source's
dipole moment S and linear momentum P defined by

 
(Dipole moment)

 

→ →
→ →

→  →
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(Linear momentum)

 
 

vanish. 

iv). Assume secularly stationary conditions for the source in the form of the virial
theorem (in its Newtonian form (Chandrasekhar 1969) 

 
v). Assume axially symmetric and time-independent distributions of mass-energy and 
internal velocities. 
 

vi). Transform the metric tensor's components from the Cartesian coordinates to the
usual spherical polar coordinates R, Θ, φ 

Then one can easily prove that the mixed components g0α(α= 1,2,3) in Cartesian 
coordinates are of an order enough to be neglected, namely 

 

where L(~ | x |) and D(~ | x' | > L), measured in the cim frame, denote in orders of
magnitude the linear dimensions of the fluid source and the distance to the field-point.
Thus the metric tensor becomes diagonal to the approximation considered and we find
 

 
(1)

 
 

(2) 
 

 
(3) 

 
(4) 

with 
(5) 

 
where  
 

(6)
 

(7)
 

(8)
 
 
 
 

= Generalized moment of inertia of the source (9)
 

The above results will be specialized to a homogeneous prolate fluid spheroid (of
semiaxes α1 = α2 << α3: =α) and eccentricity [e: = (l — α1/α3)

1/2] close to unity (e <: 1).

→ →

 2
~

>

2
~
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For such a homogeneous source we shall assume that f* can be treated as a constant
throughout the spheroid, whence, in view of the virial theorem, the virial density
itself (v2 — (1/2)U + (3/2)p/f*) is not expected to differ very much from zero. Then
in J αß the coefficient of 1/c2 can be omitted, so that finally we obtain 
 

Q = 5 Mα2 P2 (cosΘ3)+ Terms proportional to 1 – e2 or (1 –e2)1/2 (10)

where α and e are related to the pN invariant M via 

α3 (1 –e2) = 3M/4π f * 
and cos Θ3 is the direction cosine with respect to the large semiaxis α. 
 

3. The γ and nγ Weyl-type vacuum solutions
 
The general form of the line element for the Weyl-type vacuum solutions, in the Weyl 
canonical coordinates x0( = ct), ρ, φ, z, is 
 

ds2 = e2λ (dx0)2 – e –2λ [e2µ (dρ2 + dz2)+ ρ2d φ2]    (11)

where λ(ρ, z) and µ(ρ, z) satisfy the Einstein vaccum field equation (a comma denotes
partial spatial derivative) 

We recall here (Carmeli 1982; Kramer et al 1980) that p, z are related to the prolate 
spheroidal coordinates (known also as elliptical coordinates), denoted by x and y,
through the relations
 
 
 

 
(12) 

and also that the surfaces x = const, are ellipsoids, the surfaces y = const, are 
hyperboloid, and they are mutually orthogonal families. 

In many cases the line element (11) is reexpressed in spherical polar coordinates
x0, r, θ, φ satisfying 
 
 
 

(13)

from which and equation (12) we see that
 
 
 

(14)

–2
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and also that the surfaces of constant r are biaxial prolate ellipsoids of semiaxes

 
In the spherical polar coordinates the line element for the two-parametric γ solution,

with parameters m and γ ≠1, takes the form (for σ = m – n–1 in equation (13)) 
 

(15) 
 
where 
 
 
 
 

(16)
with 
 
 
 
 
 

(17)
 

 

 
It is obvious that as γ →1 the γ solution tends to the exterior Schwarzschild solution

of total mass-energy m.
Moreover the line element for the three-parametric nγ solution, with parameters

m, γ ≠ 1, and n ≠ ∞ as given in Papadopoulos & Witten 1982, takes the form (for
σ =m) 

(18)
where 
 
 
 
 
 
 
 

 
(19)

with 
 

(20)
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(21) 
 
and 
 

(22) 
 
It is obvious that as n→∞ the nγ metric tends to the γ metric, and as n → ∞,
γ →1 it tends to the exterior Schwarzschild metric of total mass-energy m. As 
far as we know the form of the nγ. metric described by equations (18) and (19)
is given here for the first time.
 

4. The mass-energy of the γ and nγ solutions
 
It is well-known (Weyl 1917; 1919; Szekeres 1968) that in the Weyl coordinates the
exterior Schwarzschild metric can be thought of as being generated by a constant
linear mass-energy density 1/2 (in geometrized units, or c2/2G in conventional units, 
G being the universal constant of gravitation), distributed symmetrically along the
z-axis for a length 2m (in geometrized units, or 2GM/c2 in conventional units with 
m = GM/c2, Μ being the total massenergy in conventional units), so that 
 

Linear density 1/2 × Length 2m =m = Total mass-energy of the
Schwarzschild metric (23) 

 

More generally the vacuum γ metric can be thought of as being generated by a 
constant linear mass-energy density γ/2 (in geometrized units) distributed symmetrically
along the z-axis for a length 2m, so that
 

Linear density γ/2× Length 2m = γm = Total mass-energy of the γ metric             (24)
 
This last result (24) can be independently verified by proving that, as is the case for 
other exterior metric tensors (e.g. Schwarzschild, Kerr, Kerr-Newman), the third
Kepler's law holds for the circular (radius r) equatorial time-like geodesics of the γ 
metric in the form (dϕ /dt)2 r3 = γm, implying that γm is the mass-energy associated
with the γ solution.

Furthermore, for understanding the origin of the directional singularities of the γ 
and nγ solutions, it has been assumed (Papadopoulos & Witten 1982) that the nγ
metric can be thought of as being generated by the linear mass-energy density
 

(25)
 
distributed symmetrically along the entire z-axis. Although with such a choice of the
density the directional singularities are no longer present, other problems arise, either
mathematical or physical. The most important of the latter is the fact that, as it can
be readily verified,
 

(26)

 
Hence the hypothetical source of the nγ metric characterized by a density of the

form (25), has total mass-energy equal to γm, only if its linear dimension along the
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z-axis is infinite. But this is a least acceptable astrophysical property of the source
because: i) An astrophysical source would appear as of infinite dimension and ii) As
it will be proved in section 5 below, in a proper multipole expansion of the nγ (and
(γ) metrics, appropriate for static and axisymmetric vacuum metrics, the monopole
term, describing the active gravitational mass-energy of the source, is exactly equal
to γm for both the γ and nγ solutions.

So, as one is led to the conclusion that the nγ metric cannot have a bounded source
like the above, one can ask the question: Under what conditions, namely for what
values of γ, m and n could the source be approximated to one having total mass-energy
γm and also finite linear dimension? In trying to answer this question we first define
Mz via 
 

(27)
 
Then M m is the hypothetical source's mass-energy contained in the region between
z= – m and z = m (which in the case of the γ metric is thought to be the total linear
dimension of the hypothetical linear source of constant density γ/2). Moreover we
readily verify that 
 
 
 
 

(28)
 

 
and hence
 

(29)
 

According to equation (29) Mm can be equal to γm only for 2mn=∞, meaning,
for m ≠0, that 1/n = 0, namely only when the nγ solution is degenerated to the γ
solution.

One, however, notices that
 

(30) 
 
 

(31) 
 
Thus, although the exact equality M m= γm is not possible for n–1 ≠ 0, from equation
(30) it becomes transparent that, if

 
(32) 

the mass-energy in the region (–m,m) could by approximated to the total mass-energy
γm. In section 6 below (see equations (71)–(73)) the physical meaning of the condition
(32) will be explained in detail. For the present we simply notice that the combination
2nm will be related to the linear dimension of the spheroidal fluid source perpendicular
to the semimajor axis, namely to the semiminor axis α1 = α(l — e2)1/2, and hence to
the spheroid's eccentricity (for a given α).
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5. The vacuum metric's multipole expansion
 
It has been recently proved (Quevedo 1986, 1989) see also (Manko 1989; Hoenselaers &
Perjes 1990; Quevedo & Mashhoon 1990) that the functions λ and µ in the metric
(11) can be written in the multipole expansion forms
 
 
 
 

(33)
 

where qi are unknown constants, x and y are the prolate coordinates [see equations
(12) and 14)], Pi and Qi are, respectively, the Legendre polynomials and associated
Legendre functions of the second and of the corresponding arguments, and Γ (ik) are
known functions of x, y, P i as well as Qi, and dQi /dx defined through equation (44)
of Quevedo (1986, 1989). Also in Quevedo (1986, 1989) it was proved, using the
coordinate-invariant Ehlers (Ehlers 1981) definition of the Newtonian moments, that
the parameters qi determine, modulo a constant factor, the Newtonian multipole
moments Ni of a static axisymmetric mass distribution, whose exterior gravitational
Field is described by the above multipole-expansion-form vacuum solution (33).
Specifically if U is the Newtonian gravitational potential (satisfying the Poisson
field-equation ∇2 U = – 4π(Gp) and if 
 
 
 
 
then 

(34) 
 
 
where m is the source's mass in geometrized units.

Furthermore, the relativistic multipole moments Gi of static (and more generally
axisymmetric) vaccum solutions are evaluated with the aid of the original method of 
Geroch (1970a, b) and Hansen (1974) (see also Thorne 1980; Gursel 1983), and are
essentially the derivatives of the conformally transformed Ernst (Ernst 1968) potential, 
as it is described in the Appendix of Quevedo (1986, 1989). In the case of static and
axisymmetric vacuum solutions, 
 

Gi = Ni + Ri (i = 0, 1, 2, . .) (35) 

where Ri can be expressed in terms of Ni as 

R0 = R1 = R2=0, R3 = – (2/3)m 2N1... (36) 

Especially for the γ metric equations (34) imply

N0 = q0 m, N1= (l/3)q1 m2 , N2 = (2/15) q2 m 3 ... (37) 

Furthermore according to the Geroch-Hansen method and after some algebraic
calculations performed with the aid of the 1986 version of the µ-tensor computer
language for a computer Model IBM 80-11l/PS/2 we find
 

G0 = γm 
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G1=0 

G2= – (l/3)γ(γ2 – l)m3 (38)

Simple comparison of equations (35) supplied by equations (37) and (38) yields the
following values of the first few constants qi 
 

q0= γ,q1 = 0,q2 = (5/2)( γ – γ3)         (39)

the knowledge of which enables us to evaluate λ and µ through equations (33) and
furthermore gik by appropriate Taylor expansion through equations (16).

As described in the Appendix at the end, the result is
 

(40) 
 
 

(41) 
 
 
 
 
 

(42) 
 
 

(43) 
 

where  is  defined by equation (A3) in the Appendix, and the symbol 01  denotes
terms of order l in γm/    . 
 

6. A physical identification of the γ and nγ metrics
 
In deciding in which way the identification of the γ and the fluid far-field metrics will
be accomplished, we notice that for the static and axially symmetric solutions i) the
purely temporal components of the two metrics must be equal,
 

(44)
 
because g00 is the squared norm of the time-like Killing vector, and ii) the purely 
azimuthal components of the two metrics must be equal, 
 

(45) 

because gϕϕ is the squared norm of the space-like Killing vector 
Noticing now that in view of equations (1) and (40)  and  and in their respective 

coordinates, are of the same functional form, they dictate the following three steps
of physical identification: 
 

i). Identify the origin of the γ metric-coordinate system with the fluid's cim.
ii). Identify the γ metric's radial coordinate  with the fluid's radial coordinate R
(measured from its cim). 

Then equation (44) reduces to an identically vanishing third-order polynomial in

 

ℛ 

 

ℛ 
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1/     (or 1/R), yielding 

(46) 
 

(47) 
 
 

Recalling now [see equation (10)] that for a prolate spheroid qf is proportional to
P2 (cos Θ3), 
iii). Identify the γ metric's polar angle θ with the fluid metric's polar angle Θ (and 
both with Θ3). Then equations (46) and (47) reduce to
 

(48) 
 
 

(49) 
 
and so
 

(50) 
 
 

Through equations (48)–(50) the parameters γ and m are expressed in terms of the
fluid's parameters, and this completes the identification. 

We remark that practically the identification has been based on the fact that only
the two components g00 and g00 have been put in the same functional form (this is 
not independent of the fact, that (Clarke & Sciama 1971) in the underlying method and 
especially Geroch's (1970a, b) method, only the purely temporal component g00 was 
used to define multipoles). As a consequence the condition (45) was not used. However, 
this is not necessary, because to the approximation equations (4) and (43) have been 
given, the condition (45) is trivially satisfied. In this case, this does not cause any
problems in the identification procedure, because the condition (44) provides us with
two conditions, (46) and (47), sufficient for determining m, γ in terms of M, α.

According to the interpretation of the mass-energy of the γ solution in section 4,
the combination γm is identified with the fluid's total mass-energy. Furthermore these
two mass-energies ought to be included in linear regions of dimensions 2m and 2α.
If, in this sense, these two linear dimensions are assumed of the same order of
magnitude 
 

m = α (51) 
then equations (48)–(50) reduce to 
 

(52) 
 
 

(53) 

 
and, for the source's linear mass-energy density along α, to
 

(54) 
 

ℛ 

(γ) (f)
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Table 1.    Astrophysical linear mass-energy densities.

 
 

These results, although only indicative due to the arbitrariness of the condition
(51), impose certain restrictions on the properties of the possible astrophysical source. 
In view of the content of Table 1, these sources are relativistically active (see also 
section 7 below). 

Applying in the case of the nγ-metric the same procedure, we find
 

(55)
 

and furthermore, by using equations (A2) and (A3) in the Appendix at the end,
 

(56) 

 
which differs from equation (40) by the appearance of only the additional term
3/γ2 m2 n2 proportional to P2(cosθ).

Thus following the same steps of identification we find the following generalizations
of equations (48)–(50) 
 

(57) 
 
and 
 
 

(58) 
 
or, equivalently 
 

(59) 
 

The two equations (57) and (59) contain the maximum information for the three
parameters m, γ, n as functions of the fluid's parameters. So we need one further
condition to complete the identification. As such we could use the condition (45) and
so we should evaluate also the rest of g ik    (beyond g00   . However, unless we calculated
g ϕϕ  correctly up to and included terms of order (γm/   )3 , the use of condition (45)
would not provide any further information concerning the relation of m, γ, n to the
fluid's parameters, because it would be trivially satisfied. But, furthermore, even if
such an extended form of gϕϕ      was obtained, it would be of little physical significance,
because in this way the three parameters m, γ, n would finally be related to only two
and the same fluid parameters, namely Μ and α, something that would obviously

(nγ) (nγ)

ℛ 

(nγ)

(nγ)
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imply that one of γ, m, n can be expressed in terms of the other two, its probable
astrophysical importance being severely restricted.

Furthermore we notice that the assumption-choice (51; m = α) used in the γ metric
implies 

(60) 
 

(61) 
 
 
the last of which can be valid provided that 
 

(62) 

Equations (61) and (62) look reasonable and the assumption (60) seem to avoid 
the difficulty of the infinite dimensions (along z) of the possible nγ-solutions source. 
However, a simple inspection of equations (60) and (61) reveals that again through
them the parameter n as well (beyond the parameters m, γ)is related to the two
parameters (M , α) only of the fluid source.

The physical identification of the γ solution so far was made possible by considering
only the linear dimension along z, which implies that the fluid source is considered
as strictly linear, corresponding to a degenerate spheroid with e = 1. Furthermore
the identification was also complete, because the two parameters m, γ were expressed 
in terms of the fluid's two parameters M. and α. In the case of the triparametric nγ- 
solution we have to consider a third characteristic of the probable fluid source. Quite
naturally we shall use as such a characteristic the divergence of the fluid-source's
shape from the strict linear one. So beyond demanding satisfaction of the condition
(32), so that γm (which is equal to mf) can be approximated to the mass-energy Mm, 
we shall relate m to the semiminor axis α1 of the (elongated, e < 1) fluid source. Thus
putting in equation (59) 
 

m= kα1, k > 0 (63)
we obtain 
 

(64) 
 
which can hold provided that
 

(65) 
 
 
with obviously

(66) 
 
It is interesting that through equations (64)–(66) for any permitted value of k (and
α1, of course), upper limits can be determined for the fluid source's eccentricity (and
hence semimajor axis) and linear mass-energy density along a,
 

(67)
 

~
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Also, for k <1, the maximal permitted value of the eccentricity (e max ~ 0.63) does not
exceed the values of the observed eccentricities of the elliptical galaxies e < 0.95
[derived from the observed oblatenesses ω <0.7; (see e.g. Taylor 1978)] which
correspond to k ~ 3.609.

In what follows we shall prove that the above results can also guarantee the validity
of the conditions 2nm   1 and Mm ~ γm. Thus, from the definition of f (z) [equation
(25)] we readily obtain 
 

(68) 
 
 

(69) 
 
Hence 
 

(70) 
 
On the other hand, the homogeneous fluid's maximal linear mass-energy density is, 
for obvious reasons, along the semiminor axis α1,  
 

(71) 
 

Consequently, as the required third condition for independently determining m, γ 
and n in terms of the fluid's parameters, we shall use the equality of the two maximal
values (70) and (71), namely
 

(72) 
 
which in view of equations (57) and (63) can be written as
 

(73) 
 

implying that k    1 for nm > 0. Some representative values of k  (and hence e max), 2nm 
and Mm/γm, for e = 0.63 are shown in Table 2, from the content of which we conclude
that 2nm is always larger than unity and increases indefinitely as m → α1, while at 
the same time Mm → γm. Of course, the value k=1 (for which m= αl and Mm =  γm)
is not attainable, because then 2mn and hence, for m > 0, n are infinite, and the nγ 
solution is degenerated to the γ solution. For e.g. k  = 0.9999 (and e = 0.63), 2mn is
of the order of 104 and Mm comprises more than 99.95% of γm. Hence Mm is an
excellent representation of γm. For the same value of k, and for e ~ 0.6, 
 
 
 
 
 
 
 
 

 

~
~
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Table 2. Representative values of k,e max 
2nm, Mm/γm for e = 0.63. 

 
 

 
 
 
 
 
 

(74) 
 
Comparison of these results with the content of Table 1 implies that the probable
nγ source should be a relativistically active perfect-fluid.

We notice that, in case we had assumed m=α (instead of m=α1), the condition
(72) would read 
 

(75) 
 

contrary to the assumption [see equation (69)] that mn (and γ) are positive.
We shall complete this section by noticing that for the relativistically active

perfect-fluid sources described by the above results, the basic condition of the
post-Newtonian theory is valid, namely
 

(76) 
 

The proof, given in the Appendix at the end, is based on the fact that for a
homogeneous prolate spheroid the surface gravitational potential on the two axes is
smaller than GM/α.
 
 

7. Discussion and outlook
 
We presented a possible method for physically identifying the vacuum γ and nγ 
metrics with the metric of a fluid mass. We based our identification scheme on the
assumption that the total mass-energy of the vacuum solutions, which is finite, should
also be included in a finite region of space. Hence we used the quantity Mm which
is a known function of the parameters m, γ,n only, since the argument of using any
Mz with |z|   m does not seem to be of any practical interest and use here, because
it doesn't solve any problem. 

><
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Although the physical identification is entirely independent of any interior γ and
nγ-solutions, however the solution's parameters (m, γ, n) are directly related to physical
quantities known as integrals of the fluid source's internal characteristics over its
three-dimensional volume. The far-field expression of the perfect-fluid metric has been
given consistently and correctly to pN accuracy, to which the source's parameters
are also evaluated. So the γ  and nγ  metrics' identification is valid not simply to
Newtonian theory but to the pN approximation. By identifying the origins of the
system (s) of coordinates used in the γ and the nγ-solutions with the fluid's cim, we
explored the relation of the corresponding coordinates to those measured from the
cim. The importance of this relation is obvious, since the cim is moving uniformly,
not simply to the Newtonian theory, but to the pN approximation. The physical
properties of the fluid sources, appropriate for the description of the two vacuum
solutions, dictated by the latters' mathematical properties, are not unreasonable. So 
they raise the question on the possibility of the existence and of the nature of such 
objects. In our opinion the most probable astrophysical candidates are the highly 
eccentric relativistically active nuclei of the giant elliptical galaxies. The theoretical 
framework of the relativistic galactic dynamics for the study of such systems is known 
(Spyrou & Varvoglis 1982), and it allows for the fluid-source's internal physical
characteristics to be taken into account as sources of the observed motions of their
stars (test particles). In the special case of the giant prolate elliptical galaxies, this
influence of the relativistically active prolate nucleus is very interesting (Spyrou &
Varvoglis 1987; Spyrou 1988). Actually, a fast-rotating and possibly expanding or 
contracting nucleus affects the distribution of the box-type orbits near the (observed) 
surface of the galaxy. Hence the study of the post-Newtonian effects, and the 
consequent modifications of the corresponding non-relativistic results, could in 
principle provide useful information concerning the kinematical and dynamical chara- 
cteristics of the nuclei of elliptical galaxies. It is important that the above theoretical 
framework provides an explanation (of at least the post-Newtonian part) of the 
flattening of the elliptical galaxies. The study of the above subjects is based on the use 
of the relativistic nucleus' far-field metric tensor evaluated at the surface of the
galaxy. On the other hand in our physical identification the far-field metrics have
been used. Therefore, studies of the observed motions of the stars on the galaxy's 
surface could in principle permit an observationally-based determination of the
parameters γ, m, n, provided, of course, that the identification is accepted and the
above galactic nuclei really exist on both observational and theoretical grounds.

In spite of all the above we have to particularly emphasize that our proposed
method of identification is only approximate, and it refers only to two classes of 
static and axisymmetric vacuum solutions, since it relies heavily on the multipole
expansion valid only for such vacuum solutions. Possible extensions of our results
to perfect-fluid sources, either prolate or oblate, endowed with further physical
properties like e.g. a magnetic field, could present some interest. But of great interest
could surely be the extension to stationary vacuum solutions. It seems, however, that 
for the latter we shall have to wait until the corresponding gravitational field's 
multipole expansion will be available. Furthermore the vacuum metric's identification
has been related practically to prolate perfect-fluid sources. The latter although general 
and possibly astrophysically interesting surely are not the only sources to be considered, 
because additionally, as it is known (Florides 1972, 1973, 1975), the possible
spheroidal source of vacuum axisymmetric metrics (Kerr metric) cannot consist of a
rigidly rotating and homogeneous perfect fluid. Also we point out that in the
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identification we essentially considered a strictly linear fluid source of the γ-metric, 
and so the third parameter n of the nγ-metric was related to divergences of the
corresponding prolate fluid source from linearity. Obviously this by no means implies 
that the γ metric's probable source is necessarily linear, and that one of the nγ-metric's 
is not, and furthermore such a relation does not contradict the omission in equation 
(10) of terms proportional to (1 – e2) and (1– e2)1/2 . Moreover the identification
procedure didn't rely on the use of moments beyond the quadrupole. The reason for
this is threefold: i). The calculation of the octopole-moment term, at least, in the
expansion of the γ- and especially the nγ-metric proved quite laborious, ii). The
dependence of the octopole-moment term on the eccentricity, in the fluid-metrics 
expansion, is rather complicated, something that could perplex the moments, in view 
mainly of the consistent omission of the eccentricity-dependent terms of the 
quadrupole term, iii). Retaining, on the other hand, the eccentricity-independent terms 
of the octopole-moment terms, in the case of the γ-metric would result in a 
non-necessary third relation between m, γ and M, α [beyond Equations (48) and (50)]; 
similarly, in the case of the nγ-metric it would result in a third relation [beyond
Equations (57) and (59)] between m, γ, n and M, α, with the aid of which, however, 
one of the parameters m, γ, n would be expressed in terms of the other two, thus 
reducing the nγ solution to a two-parametric one. In view of the above reasons, and 
in order to take into account the eccentricity of the fluid source, in the simplest possible
way, we related the parameter n to the divergence of the source's shape from the 
strict linear one, through the physical condition (73) in which the eccentricity does
appear explicity. 

All the previous advantages and mainly deficiencies of the proposed identification
emphasize the interest in the question of the physical identification of the axisymmetric 
vacuum solutions, and simply indicate that this is still far from being answered satis- 
factorily. We believe that this first approach to the problem of the physical identification 
of the far-field metric tensors of the static and axisymmetric γ and nγ vacuum solutions
with the far-field metric tensor of a bounded perfect-fluid gravitating source, is charac- 
terized by a completeness, pN accuracy and consistency, and simplicity, that do not 
seem to have been attempted before. 
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APPENDIX
 
In the Appendix we give the final expression for the far-field form of the γ and nγ 
metric tensors in the x0 = ct, r, θ, φ coordinates. This form is

(A1). 
where 
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Also 
 
 
 
 
 

(A2) 
Using the transformation, for both the γ and nγ  metric, 
 

(A3) 
 
 
we obtain equations (56) in the text

Furthermore from equations (44) of Quevedo (1986, 1989) and equations (14) (for
σ = m) we find  
 
 
 
 
 
 
 
 

(A4) 
 
whence equations (33) imply
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(A5) 
 
 
 
 
 
 
 
 

(A6) 
 

direct consequence of which are equations (40) and (56) in the text.
Finally we prove that in the context of the physical identification described in the

text, the basic assumption of the post-Newtonian expansion is valid, namely 
 

(A7)

Actually for a prolate spheroid the surface gravitational potential satisfies
(Chandrasekhar 1969) 
 

(A8)
 
 

(A9) 
 

But, as it can be easily verified, for every 0 < e< 0·63 (we consider the above upper
bound of e, using κ = 0·999)
 

(A10)
 

Moreover, in equations (A8) the coefficient of U(r = 0, z = α) is smaller than unity,
because the condition 

(A11) 
 
is equivalent to 

(A12) 

Since, however, for 0 < e < 0·63 
 

(A13) 
 
the condition (A12) can be satisfied, it A > 2/3, namely if e > 0·1. The latter requirement 
is obviously satisfied for systems diverging from spherical symmetry, as is the case here. 

Hence equations (A8) and (A9) reduce to  
 

(A14) 

On the other hand the positivity of n 2 implies [see equation (65)] 
 

(A15)
 

~

~
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whence, for typical values (k = 0·999, e = 0·63) we find 

 
 

(A16) 
 

 
In view of equations (A 14) and (A 16) the basic post-Newtonian condition (A7) is 

satisfied. In other words the condition n2  0 guarantees the validity of the 
post-Newtonian condition. 
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